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A panorami
 view of the southern sky. The foggy band along the bottom is our own galaxy,the Milky Way. Up left and right are the Large and the Small Magellani
 Cloud respe
tively� two neighbour galaxies of the Milky Way some 200 000 lightyears away.





ZusammenfassungÜberriesen der Spektraltypen B und A (BA Überriesen) gehören zu den visuellhellsten Sternen im Universum. Sie können einige zehn Sonnenmassen s
hwer werdenund eine Ausdehnung errei
hen, die mit der Umlaufbahn der Erde um die Sonneverglei
hbar ist. Dur
h ihre intrinsis
he visuelle Helligkeit � in der Gröÿenordnungganzer Kugelsternhaufen oder sogar kleiner Zwerggalaxien � sind sie selbst in groÿenEntfernungen hervorragend beoba
htbar.Ihre re
ht extreme Natur spiegelt si
h au
h in ihren Atmosphären wider. Dieniedrigen Di
hten und intensiven Strahlungsfelder verlangen den Einsatz aufwändigerAnalysete
hniken. Die gängige, do
h (zu) einfa
he Annahme eines Lokalen Thermo-dynamis
hen Glei
hgewi
hts (LTE) muss aufgegeben werden. An dessen Stelle trittdie viel allgemeinere Forderung na
h Stationarität der atomaren Besetzungsdi
hten.Die Komplexität der non-LTE Modellierung der untersu
hten 
hemis
hen Elemente(hier H, He, C, N, O, Mg, S, Ti und Fe) ist ein Grund dafür, dass BA Überriesenbisher relativ spärli
h studiert wurden.Sind die mit einer Analyse verbundenen S
hwierigkeiten jedo
h überwunden erö�-nen si
h weitrei
hende Perspektiven. Insbesondere kann aufgrund der Mögli
hkeit,diese Sterne au
h in anderen Galaxien im Detail zu untersu
hen, folgenden Fragestel-lungen na
hgegangen werden:1. Überprüfung von Entwi
klungsmodellen masserei
her Sterne in einer Vielzahlunters
hiedli
her galaktis
her Umgebungen.2. Untersu
hung von Elementhäu�gkeitsverteilungen und -gradienten in anderenGalaxien und damit deren 
hemis
her Entwi
klung.3. Verwendung als Standardkerzen zur Entfernungsbestimmung mittels der �uss-gewi
hteten S
hwerebes
hleunigungs�Leu
htkraft Relation (�ux-weighted gra-vity�luminosity relationship, FGLR).Die vorliegende Arbeit befasst si
h mit allen drei Fors
hungsaspekten dur
h einedetaillierte quantitative Spektralanalyse von BA Überriesen in der Kleinen Mag-ellans
hen Wolke (KMW) � einer relativ nahen (∼60 kp
) Na
hbargalaxie, derenMetallgehalt nur ein Fünftel der Mil
hstraÿe beträgt. Ho
haufgelöste Spektren mitgutem Signal-zu-Raus
h-Verhältnis von 38 Objekten, die mit dem FEROS Spektro-graph am 2.2m Teleskop der Europäis
hen Südsternwarte (La Silla, Chile) aufgenom-men wurden, konnten dur
h die Anpassung synthetis
her Spektren analysiert wer-den. Diese synthetis
hen Spektren basieren auf einem ausgefeiltem hybriden non-LTE Ansatz. Atmosphäris
he Parameter wie E�ektivtemperatur (Teff), Ober�ä
hen-s
hwerebes
hleunigung (log g) sowie vers
hiedene 
hemis
he Häu�gkeiten wurden be-stimmt. 1σ-Unsi
herheiten für Teff konnten auf wenige Prozent und für log g sowieHäu�gkeiten auf ∼10−20% reduziert werden. Die Qualität des Beoba
htungsmate-rials und die ausgeklügelte Modellierung erlaubten eine glei
hzeitige Reproduktionvers
hiedener Indikatoren im beoba
hteten Spektrum und damit eine Bestimmungaller wi
htigen atmosphäris
hen Parameter. Dies sorgt für ein bisher ni
ht errei
htes



Maÿ an Selbstkonsistenz bei extragalaktis
hen Spektralanalysen dieser Sterne. MitBli
k auf die zuvor genannten Fors
hungss
hwerpunkte ergeben si
h folgende S
hluss-folgerungen:1. Die mit den bes
hriebenen Methoden errei
hte Genauigkeit bei der Bestim-mung von Elementhäu�gkeitsverhältnissen erlaubt erstmals signi�kante Testsvon Sternentwi
klungsmodellen bei niedriger Metallizität. Zentraler Punkt hier-bei ist die Dur
hmis
hung der Sternatmosphären mit nuklear prozessiertem Ma-terial aus dem Kern eines Sterns. Ausgeprägte Anzei
hen für die Präsenz von imCNO-Zyklus prozessiertem Material (Sti
ksto�-Anrei
herung und Kohlensto�-Abrei
herung) wurden in den Atmosphären von allen Sternen entde
kt. Dieslegt nahe, dass die Überriesen des Samples entweder viel weiter in ihrer Entwi
k-lung fortges
hritten sind als von der Theorie vorhergesagt oder aber deutli
h ef-�zientere Mis
hungsprozesse vorliegen als bisher angenommen. Sol
h e�zienteMis
hungsprozesse werden beispielsweise von den neuesten Sternentwi
klungs-modellen vorhergesagt, wel
he das We
hselspiel von Rotation und Magnetfeldernberü
ksi
htigen.2. Die genauen Häu�gkeiten für die einzelnen Sterne legen zudem einen sehr ho-hen Grad an 
hemis
her Homogenität (typis
he 1σ-Streuung 0.1 dex) für dieElemente nahe, die no
h ni
ht dur
h die Entwi
klung in den untersu
hten Ster-nen an- oder abgerei
hert wurden. Dementspre
hend wurden au
h keine aus-sagekräftigen Häu�gkeitsmuster oder -gradienten innerhalb der KMW � wederin zwei no
h in drei Dimensionen � gefunden.3. Die Anwendung der FGLR zur Bestimmung der Entfernungen zu den einzelnenÜberriesen o�enbart eine deutli
he Tiefenausdehnung der KMW von
∼10−15 kp
 � ein bea
htli
her Wert wenn man ihre Breitenausdehnung auf derHimmelssphäre von ∼4 kp
 bedenkt. Auÿerdem ers
heint die Tiefenverteilungbimodal.



Abstra
tSupergiants of spe
tral type B and A (BA-type supergiants) are among the visuallybrightest stars in the universe. They may rea
h masses of several ten times the massof our Sun and radii 
omparable to Earth's orbit around the Sun. Be
ause of theirenormous intrinsi
 visual brightness � of the order of the integrated light of globular
lusters or even dwarf galaxies � they are also well a

essible from the observationalpoint of view up to large distan
es.Their rather extreme nature, though, demands a more extensive treatment fromthe theoreti
al point of view. In parti
ular, their extended atmospheres with low den-sities and intense radiation require a sophisti
ated physi
al des
ription a

ounting fordeviations from the (too) simple assumption of Lo
al Thermodynami
 Equilibrium(LTE) in order to avoid large systemati
 un
ertainties. The more 
ompli
ated treat-ment of the statisti
al equilibrium of atomi
 population densities in non-LTE for theelements under investigation (here H, He, C, N, O, Mg, S, Ti, and Fe) may be animportant reason why BA-type supergiants have been investigated rather s
ar
ely todate.However, the di�
ulties involved are more than balan
ed by the opportunities.A major aspe
t is the possibility to investigate these stars with quantitative spe
tralanalyses at large distan
es (∼Mp
), in
luding other galaxies. Thus, they may serve1. to study the evolution of massive stars in a variety of environments,2. to examine 
hemi
al abundan
e patterns and gradients in other galaxies andthus their 
hemi
al evolution, and3. as independent distan
e indi
ators via the �ux-weighted gravity�luminosity re-lationship (FGLR)The present work addresses all three resear
h aspe
ts through a detailed quanti-tative spe
tral analysis of BA supergiants in the Small Magellani
 Cloud � a 
lose(∼60 kp
) neighbour to our Galaxy with only about one �fth solar metalli
ity. High-resolution, high signal-to-noise spe
tra of 38 targets observed with the FEROS spe
-trograph on the 2.2m teles
ope of the European Southern Observatory (La Silla,Chile) were analysed by spe
tral line �tting. The syntheti
 spe
tra were 
al
ulatedusing a sophisti
ated hybrid non-LTE approa
h and used to determine atmospheri
parameters su
h as e�e
tive temperature Teff and surfa
e gravity log g as well aselemental abundan
es. 1σ-un
ertainties for Teff are redu
ed to few per 
ent while
log g and abundan
es are 
onstrained to ∼10−20% � a pre
ision unpre
edented forextragala
ti
 studies of BA-type supergiants. Unlike many previous analyses, a highdegree of 
onsisten
y was a
hieved by �tting several spe
tral indi
ators simultane-ously while all important atmospheri
 parameters are determined in a self-
onsistentway. With respe
t to the above mentionend appli
ations, the following 
on
lusions
an be made:1. The a

urate and 
onsistent abundan
es allow for the �rst time to measureabundan
e ratios of important spe
ies, e.g. N/C, with su�
ient a

ura
y to



provide observational 
onstraints on stellar evolution models � in parti
ular withrespe
t to mixing pro
esses. Pronoun
ed signatures of CN-pro
essed matter(nitrogen enri
hment and 
arbon depletion) in the atmosphere are found for allstars and suggest either that the supergiants of the sample must be far moreevolved than predi
ted by theory or that the mixing must be mu
h more e�
ientthan previously thought. In this respe
t, the e�
ien
y of the mixing 
orrespondsto the predi
tions from re
ent stellar evolution models in
luding the interplayof rotation and magneti
 �elds.2. The a

urate abundan
es of individual stars also indi
ate a very high degreeof 
hemi
al homogeneity (with typi
al 1σ-s
atters of 0.1 dex) for the elementsnot a�e
ted by the evolution of the sample stars. Thus, no 
lear abundan
epatterns or gradients � neither in two nor in three dimensions � 
ould be foundwithin the SMC.3. Applying the FGLR in order to derive distan
es to the individual targets re-vealed a signi�
ant extension of the SMC in the line-of-sight of ∼10-15 kp
 �a remarkable s
ale given the extension of the SMC in the �eld-of-view of only
∼4 kp
. Moreover, the radial star distribution appears to be bimodal.
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1 Introdu
tionMassive stars are of fundamental importan
e for the energy and momentum balan
e ofgalaxies. They represent major sour
es for ionising UV radiation, 
reating bright H iiregions within the interstellar medium. The 
onsiderable momentum 
ontributionmainly 
omes from the natural end of massive stars: a supernova explosion as a
onsequen
e of the 
ore 
ollapse of the star. These explosions transfer momentumto the interstellar medium and 
ompress it through sho
kwaves thus triggering newstar formation in their surroundings. They also enri
h the interstellar medium withhelium and heavier 
hemi
al elements (= metals) via stellar winds as well as supernovaexplosions. These elements have been e�e
tively produ
ed in nu
lear rea
tions duringthe normal life of su
h stars. Moreover, the supernova explosions themselves aregenerally believed to be the sour
e of the r-pro
ess elements produ
ed by neutron
aptures.Massive stars are thus important ingredients for the 
osmi
 
y
le of matter byeje
ting 
hemi
ally enri
hed material into the interstellar medium and triggering atthe same time the formation of new generations of stars out of the enri
hed material.Of 
ourse, there are other important 
ontributions to the 
hemi
al enri
hment of agalaxy from the wind of asymptoti
 giant bran
h stars and explosions of low-massstars as supernovae of type Ia. However, they a
t on mu
h longer times
ales thenmassive stars. Investigations of massive stars thus allow for 
onstraints on the � notfully understood � evolution of massive stars themselves as well as on the 
loselyrelated 
hemodynami
 evolution of their host galaxies.Supergiants of spe
tral types B and A (BA supergiants) are massive stars whi
hhave already evolved away from their birth 
on�guration on the so-
alled main se-quen
e. They possess up to several ten solar masses, whi
h imply very short life-times of a few ten million to several million years, several ten thousand to severalhundred thousand times the luminosity of the Sun, and extend from several ten toa few hundred solar radii � a s
ale of the order of the distan
e Sun-Earth. It is,hen
e, not surprising that they are among the visually brightest stars in the uni-verse whi
h makes them suitable targets for extragala
ti
 stellar astronomy probingvarious gala
ti
 environments. Bresolin et al. (2001) have shown that it is possibleto get at least a very good idea of the overall metalli
ities of single stars out todistan
es of about seven megaparse
s (e.g. in the galaxy NGC3621, Fig. 1.1) withthe Very Large Teles
ope of the European Southern Observatory using intermediateresolution spe
tros
opy. Other examples of extragala
ti
 stellar studies with determi-nations of parameters and average metalli
ities from intermediate resolution spe
traare provided by Kudritzki et al. (2008), Urbaneja et al. (2005), Bresolin et al. (2002),Urbaneja et al. (2008), and U et al. (2009) for the galaxies NGC300, WLM, and M33(all at distan
es of the order of a Mp
). More detailed investigations of individualelemental and ioni
 spe
ies are feasible at high spe
tral resolution for distan
es of theorder of several hundred kp
 with the state-of-the-art 8-10m 
lass teles
opes. Otherprominent examples are M31 as studied by Venn et al. (2000), NGC6822 (Venn etal. 2001), WLM (Venn et al. 2003), and Sextans A (Kaufer et al. 2004).BA supergiants are thus ex
ellent targets to map the 
hemi
al abundan
e distri-1



1 INTRODUCTION

Figure 1.1: NGC3621 at a distan
e of 6.7Mp
 or 22Mly. The 
ir
les and re
tangles denoteBA supergiants and H ii regions, respe
tively, from whi
h Bresolin et al. (2001) were ableto obtain spe
tra with FORS1 at the Very Large Teles
ope.butions of various spe
ies throughout a galaxy and to sear
h for abundan
e gradientsof these elements. This allows to obtain 
onstraints on the 
hemi
al evolution ofgalaxies in a variety of environments. Furthermore, one 
an study the abundan
esof elements whi
h are pro
essed in nu
lear rea
tions deep inside a star during itslife (espe
ially those of He, C, and N). Derived atmospheri
 abundan
es thus repre-sent important input in order to theoreti
ally des
ribe the e�
ien
y of mixing intothe stellar atmosphere. At present, this is an a
tive area of resear
h and severalme
hanisms in
luding the e�e
ts of rotation (e.g. Heger & Langer 2000; Meynet &Maeder 2003) and magneti
 �elds (Heger et al. 2005; Maeder & Meynet 2005) arebeing dis
ussed.In addition to the abundan
e aspe
t, BA supergiants also o�er a high potential2



Figure 1.2: A s
hemati
 representationof the Lo
al Group of galaxies. Thispopulation of galaxies shows two major
on
entrations of galaxies (indi
ated asdashed red 
ir
les), one around our owngalaxy, the Milky Way, and one aroundM31, the Andromeda Galaxy. TheMilky Way near the 
enter of the imageis surrounded by several smaller galax-ies with the Large and the Small Magel-lani
 Cloud (LMC, SMC) being amongthe 
losest (from Grebel 1999).as standard 
andles for distan
e determinations. Two te
hniques or relations havebeen proposed to a
hieve that. The �rst possibility is given by the wind momentum�luminosity relationship (WLR, Kudritzki et al. 1999) 
onne
ting stellar wind prop-erties, e.g. derived from Hα emission, to the luminosity or absolute magnitude.The se
ond relation is the �ux-weigthed gravity�luminosity relationship (Kudritzkiet al. 2003). It allows to determine the luminosity of a star from the e�e
tive tem-perature Teff and the surfa
e gravity g � two basi
 parameters of a stellar atmospherewhi
h 
an be derived with high a

ura
ies (several per 
ent in Teff or few 10% in
g, respe
tively) employing state-of-the-art analysis te
hniques. An advantage over
lassi
al distan
e indi
ators su
h as the Cepheid period�luminosity relation is thepossibility to determine metalli
ity and interstellar reddening simultaneously. Thesequantities 
an not be 
onstrained dire
tly by the photometri
 Cepheid studies intro-du
ing additional systemati
 un
ertainties in their analyses.The Magellani
 Clouds (MCs, see the �gure at the beginning of this thesis aswell as Figs. 1.2 and 6.1) are 
lose (∼ 50−60 kp
) neighbour-galaxies of our MilkyWay. They are lo
ated near to the 
elestial south pole (15−20◦ away) and thuswere not des
ribed by Europeans until the voyage of 
ir
umnavigation of FerdinandMagellan in 1519. After the invention of the teles
ope, their 
loudy appearan
e wasresolved and they were found to 
onsist of many substru
tures su
h as star 
lustersand nebulae. The luminous masses of the MCs are with ∼ 1010 (LMC) and ∼ 2 · 109(SMC) solar masses (M⊙) mu
h smaller than the mass of the Milky Way (still amatter of debate, around 2 · 1012 M⊙ in
luding the Dark Matter halo).The Magellani
 Clouds in general and the Small Magellani
 Cloud in parti
ularare valuable targets for resear
h as they represent signi�
antly di�erent environmentsfor their member obje
ts than the Milky Way in several respe
ts. As stru
turessmaller than and (mostly) independent from the Milky Way they 
an be expe
ted tohave undergone di�erent star formation and 
hemi
al enri
hment histories and showdi�erent dynami
s. In parti
ular, the metal 
ontent of the SMC is only about one�fth of that of the Sun or the solar vi
inity. This may have strong in�uen
e on stellarevolution. Given their proximity, the MCs are thus ideal testbeds to study massive3



1 INTRODUCTIONstars in an environment of low metalli
ity in great detail.The present work 
ombines these two interesting �elds of resear
h � massive starsand evolution of galaxies � by investigating BA-type supergiants in the Small Mag-ellani
 Cloud. One major aspe
t of this work is the distribution of abundan
es ofvarious elements throughout this irregular galaxy. For those elements not yet a�e
tedby the nu
lear pro
esses in the star, possible patterns over the galaxy or the relativeabundan
es of multiple elements with respe
t to ea
h other allow 
on
lusions on thepresent-day 
hemi
al 
omposition this galaxy (be
ause of the short-lived nature ofthese stars).Moreover, abundan
e ratios of nu
lear pro
essed elements (su
h as He, C, and N)allow to investigate the e�
ien
y of mixing pro
esses in su
h a metal-poor environ-ment. These may vary with the metalli
ity of the medium in whi
h a star is formed.A

ording to Maeder & Meynet (2001) or Meynet & Maeder (2005), the lower metal-li
ity leads to more 
ompa
t stars with faster rotation be
ause of the smaller opa
ityof the stellar material. This is also the reason for a redu
ed mass loss through stellarwinds whi
h again redu
es the slowing down of the rotation due to loss of angular mo-mentum 
onne
ted to winds. All in all, this is expe
ted to strengthen the e�
ien
yof rotationally indu
ed mixing of pro
essed material from the stellar 
ore into theatmosphere � an e�e
t whi
h we want to test by a

urate quantitative spe
tros
opi
analyses.In addition, the distan
e determination employing the FGLR is investigated in thelow-metalli
ity environment of the SMC. It will be attempted to 
he
k for a metalli
itydependen
e of the FGLR 
alibration. Moreover, assuming an existing 
alibration, thedistan
es to individual stars are examined in order to study the line-of-sight extensionof the SMC.In order to draw su
h 
on
lusions, a sophisti
ated analysis te
hnique based onhybrid non-LTE spe
trum synthesis (Przybilla 2002; Przybilla et al. 2006) is usedfor investigating high resolution (R=48 000), high signal-to-noise (∼100) spe
traof 38 BA supergiants via line pro�le �ts. Basi
 atmospheri
 parameters su
h asthe e�e
tive temperature, the surfa
e gravity, mi
roturbulen
e, helium abundan
e,and metalli
ity are determined with great 
are and form the basis for abundan
edeterminations employing modern atomi
 data.The atmospheres of BA supergiants possess in general relatively high temperaturesand low densities, representing a 
onsiderable 
hallenge for a theoreti
al des
ription.It is e.g. ne
essary to a

ount for deviations from the 
onvenient but (too) simpleapproximation of Lo
al Thermodynami
 Equilibrium (LTE) in order to avoid sig-ni�
ant systemati
 e�e
ts on the atmospheri
 parameters as well as on abundan
es.Su
h non-LTE 
al
ulations also strongly depend on the availability of large amountsof reliable atomi
 data. Before applying them to the spe
tral analysis, they haveto be 
alibrated for the parameter ranges present in su
h atmospheres. This is a
onsiderable e�ort whi
h might be one reason why (extragala
ti
) supergiants havebeen rather s
ar
ely studied in the past. A-type supergiants in the SMC have onlybeen studied so far by Venn (1999, 10 obje
ts). Several hotter (early) B supergiants4



were analysed by Trundle et al. (2004, 7 obje
ts), Trundle & Lennon (2005, 10), Leeet al. (2005, 4) and Trundle et al. (2007, 7).The present work 
an thus provide an important 
ontribution to the investigationof these remarkable obje
ts espe
ially in an interesting extragala
ti
 environment.The thesis is organised as follows: Se
tion 2 gives an introdu
tion to basi
 stellarparameters and nu
lear pro
esses. This is used to present some information on stel-lar evolution theory ne
essary to interpret the main results of this work in Se
t. 3.Se
tion 4 provides an overview of the basi
 
on
epts behind the des
ription of thematter and the photon �ux in a stellar atmosphere. In Se
t. 5, the stru
ture andevolution of galaxies is explained in order to be able to draw some 
on
lusions in thisrespe
t from the results of this work.The underlying observational material of the sample stars of this thesis and itspro
essing into a useful form (data redu
tion) is presented in Se
t. 6. The 
ompu-tation of the syntheti
 spe
tra used to analyse the observed spe
tra is explained inSe
t. 7 along with the strategy for deriving various atmospheri
 parameters employingmultiple spe
tral features. The results for those parameters are presented, dis
ussed,and 
ompared with previous analyses in Se
t. 8. With these parameters at hand, it isthen straight-forward to obtain abundan
e information for several ioni
 and elementalspe
ies in Se
t. 9. Based on the available model atoms, features of He i, C i/ii, N i/ii,O i/ii, Mg i/ii, S ii/iii, Ti ii, and Fe ii (i denote neutral spe
ies, ii singly ionisedones and so on) 
an be analysed in non-LTE in the sample stars. The present workthus represents the most 
omprehensive non-LTE abundan
e study of BA-type su-pergiants at high spe
tral resolution in an extragala
ti
 environment with the largestset of observed targets � all analysed in a homogeneous way. The derived abundan
esallow to dis
uss impli
ations for stellar evolution and the present-day 
hemi
al 
om-position of the SMC su
h as (two-dimensional) abundan
e patterns. Moreover, inSe
t. 10, it is tried to 
alibrate the FGLR in the low metalli
ity environment of theSMC. Then, a given FGLR is used to probe the depth extension of the SMC and toinvestigate possible three-dimensional abundan
e patterns of this galaxy. Finally, theresults are summarised in Se
t. 11.
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2 Basi
 Properties of StarsThis se
tion provides a short overview of fundamental properties of stars. It shallmostly address non-astronomers and make them familiar with the sometimes � let ussay � unusual quantities and ideas of astronomers.2.1 Basi
 Stellar Parameters2.1.1 Intensity, Magnitudes, and E�e
tive TemperatureLet us de�ne the spe
i�
 intensity Iν as the radiation power emitted per frequen
yinterval∆ν in the dire
tion of the solid angle∆ω when 
onsidering the surfa
e element
∆A under the angle Θ

Iν :=
∆E

∆ν∆t∆ω∆A cos(Θ)
(2.1)The intensity in
luding all possible frequen
ies is then 
alled the total intensity

I =

∫

Iνdν (2.2)The distant observer on earth is in virtually all 
ases only able to observe theintegrated starlight over the whole stellar dis
. We therefore de�ne the �ux densityas
Fν =

∮

Iν cos(ϑ)dω (2.3)Again, the total �ux density is de�ned as the integral over all frequen
ies:
F =

∫

Fνdν (2.4)In order to 
hara
terise a star or a stellar atmosphere � the part of a star fromwhi
h radiation 
an es
ape � it is a good idea to assign a 
hara
teristi
 temperature.As there is of 
ourse a temperature strati�
ation in a stellar atmospheres be
ause ofthe fusion pro
esses inside a star, some meaningful average value is ne
essary. Onepossibility here is to 
ompare the �ux of a star to that of a bla
k body radiator.A

ording to the Stefan Boltzmann law it is
Fbb = σT 4. (2.5)where σ is the Stefan Boltzmann 
onstant. Of 
ourse, a star is not entirely inthermodynami
 equilibrium, however, we 
an de�ne the e�e
tive temperature of astar as the temperature of the bla
k body emitting the same total �ux F :
F = σT 4

eff . (2.6)The e�e
tive temperature is a fundamental astrophysi
al quantity des
ribing astar and a major parameter for stellar atmosphere modelling. BA-type supergiants7



2 BASIC PROPERTIES OF STARSas treated in the present work show e�e
tive temperatures at the order of ∼ 8000 −
20 000K.As mentioned above, an observer on earth may only study the light integratedover the whole stellar surfa
e ex
ept for the Sun and few giant stars 
lose to the Sun.However, F is the �ux on the stellar surfa
e. The observable quantity is therefore

fν = Fν
R2

d2
(2.7)where R is the radius of the star and d its distan
e from the observer. Theluminosity is the total radiation power of a star:

L = 4πR2 · F = 4πR2 · σT 4
eff . (2.8)The quantities de�ned so far are very logi
al and easy to underhand. However,due the long history of astronomy, several not-so-logi
al quantities are still in use.One of those is the so-
alled magnitude. It goes ba
k over 2000 years to Hippar
hwho divided stars based on their brightness in the sky into six 
lasses � 1 being thebrightest obje
ts and 6 the faintest ones still visible to the naked eye. This andthe fa
t that the human eye responds logarithmi
ally to in
iden
e of light led to thede�nition of the apparent magnitude

m = −2.5 log
F

F0

+ m0 (2.9)where F0 and m0 are the �ux and magnitude of some standard obje
t � usuallythe star Vega for histori
al reasons. Various �lters and 
orresponding magnitudes
an be used to 
hara
terise a star su
h as mU (/U , ultraviolet), mB (/B, blue), or
mV (/V , visual). Besides this UBV system developed by Johnson & Morgan in theearly 1950`s, other magnitude systems (e.g. of Strömgren) are in use.Besides the magnitudes themselves, measured 
olour indi
es or just 
olours arealso useful to 
hara
terise a star:

(U − B) = mU − mB (2.10)
(B − V ) = mB − mVAbsorption/s
attering of the starlight by the interstellar matter 
hanges the in-trinsi
 
olours ((B − V )0, et
.) of a star leading to a 
olour ex
ess:

E(B − V ) = (B − V ) − (B − V )0 (2.11)In order to subtra
t distan
e e�e
ts when 
omparing magnitudes, one 
an de�nethe absolute magnitudes M as the magnitudes when a star is at a distan
e of 10 p
.Therefore, m and M are related via the distan
e d (in p
):
m − M = −2.5 log

(

l

L

)

= 5 · log d − 5 + AV (2.12)8



2.1 Basi
 Stellar Parameterswhere AV is the extin
tion in the visual band due to the same e�e
t leading to a
olour ex
ess. AV and E(B − V ) are related via
AV = RV · E(B − V ). (2.13)Usually, RV is ≈ 3.1, however, it may vary a

ording to di�erent 
hemi
al 
om-positions of the medium whi
h the light is passing through.The absolute bolometri
 magnitude mbol 
overs the energy emitted in all frequen-
ies. In pra
ti
e, it is of 
ourse not possible to determine the �ux over an in�nitewavelength range. In order to des
ribe the bolometri
 �ux one therefore uses thebolometri
 
orre
tion

B.C. = Mbol − MV (2.14)The absolute bolometri
 magnitude is dire
tly related to the luminosity by
Mbol = −2.5 log

(

L

L⊙

)

+ 4.74. (2.15)with +4.74 being the absolute bolometri
 magnitude of the Sun.2.1.2 Spe
tral Classi�
ationOne major s
heme for the 
lassi�
ation of stars based on stellar spe
tra is the HarvardSpe
tral Classi�
ation. A

ording to several spe
tral features, stars are 
lassi�ed asO B A F G K M.E.g., A-stars show strong hydrogen lines in the spe
trum while B-stars have stronglines of neutral helium. Later, it was found that these spe
tral 
lasses are a tem-perature sequen
e in the mentioned order with O stars having the highest e�e
tivetemperatures (∼ 30 000− 50 000K) and M stars the lowest ones (& 3000K). Usually,a �ner 
lassi�
ation is provided by adding a number from 0 to 9 after the letter, withlower numbers meaning higher temperatures. Figure 2.1 summarises the strengths oflines (equivalent width) of various spe
ies present in di�erent spe
tral types.The temperature alone 
an only provide a very rough 
lassi�
ation as two starsof the same temperature may have di�erent luminosities by several orders of magni-tude. The Yerkes Spe
tral Classi�
ation (later the MK 
lassi�
ation, after Morganand Keenan) therefore introdu
ed a se
ond dimension for 
lassi�
ation based on thewidths of hydrogen lines and relative strengths of ionised elements, the luminosity
lass: Ia most luminous supergiantsIb less luminous supergiantsII luminous giantsIII normal giantsIV subgiantsV main sequen
e stars (dwarfs)9



2 BASIC PROPERTIES OF STARS

Figure 2.1: Overview of various mole
ules, elements, and ioni
 spe
ies visible in a stel-lar spe
trum a

ording to the spe
tral type or e�e
tive temperature (from Karttunen etal. 1994).These designations are very appropriate as di�eren
es in the emitted power at
onstant temperatures 
omes from varying radii (Eqn. 2.8). A Hertzsprung-Russell-Diagram (HRD) shows the absolute magnitudes of stars versus the spe
tral type.Figure 2.2 presents a more physi
al version of su
h a diagram by in
luding luminosityand e�e
tive temperature. The main sequen
e, where stars spend the largest fra
tionof their lives burning hydrogen to helium in the 
ore, is 
learly visible and 
ontainsstars with luminosity 
lass V. The main sequen
e is parameterised by the stellar mass,with higher masses providing higher luminosities. The giants and supergiants abovebelong to later stages of stellar evolution (see Se
t. 3). Lines of 
onstant radii areoverplotted. For supergiants showing signi�
ant emission due to strong stellar windin the weakly bound atmosphere one has introdu
ed the 
lass Iae.As was already explained, the spe
tral type is 
losely related to the e�e
tivetemperature of the stellar surfa
e/atmosphere. The luminosity 
lass again is relatedto the size or � in terms of the physi
s on the mi
ros
opi
 s
ale � the density of thestellar atmosphere.2.2 The Inner Stru
tureStars su
h as our Sun are stable and shine steadily for billions of years. This equi-librium 
an be des
ribed mathemati
ally by four basi
 equations. The inward grav-itational pull on the stellar material shall be mat
hed by its pressure demanding ahydrostati
 equilibrium 10



2.2 The Inner Stru
ture

Figure 2.2: Physi
al Hertzsprung-Russell-Diagram showing luminosities and e�e
tive tem-peratures for a large population of stars.
dP

dr
= −GMrρ

r2
. (2.16)Here, G is the gravitational 
onstant, ρ the density, Mr the mass inside a sphereof radius r and P the pressure. The se
ond equation ensures mass 
ontinuity :

dMr

dr
= 4πr2ρ. (2.17)Essentially all the energy radiated by a star is produ
ed in the nu
lear rea
tionin the stellar 
ore and needs to be transported outwards to the atmosphere. Energy
onservation then demands 11



2 BASIC PROPERTIES OF STARS
dLr

dr
= 4πr2ρǫ (2.18)where Lr is the power passing trough the surfa
e with radius r and ǫ the amount ofenergy released in the star per unit time and mass. The energy transport towards thestellar surfa
e 
an in prin
iple happen through 
ondu
tion, 
onve
tion and radiation.As 
ondu
tion is very ine�
ient for most stars (ex
ept e.g. white dwarfs or neutronstars), energy transport and thus the temperature gradient inside a star is given by

dT

dr
= − 3

4ac

ρκ

T 3

Lr

4πr2
(radiative) (2.19)

dT

dr
=

(

1 − 1

γ

)

T

P

dP

dr
(convective). (2.20)where a is the radiation 
onstant, c the speed of light, κ the absorption 
oe�
ient(amount of absorption per unit mass) and γ the adiabati
 exponent. The temperaturegradient thus depends on the temperature, density, and 
hemi
al 
omposition.The high temperatures inside stars ionise the material almost 
ompletely and theintera
tions between individual parti
les are small. Therefore the equation of statefor an ideal gas is a good approximation:

P =
k

µmH

ρT (2.21)where k is the Boltzmann 
onstant, µ the mean mole
ular weight in units of mH,and mH the mass of the hydrogen atom. µ 
an be dedu
ed from the mass fra
tionsof hydrogen, helium, and heavier elements: X, Y , and Z respe
tively (for stellarinteriors):
µ =

1

2X + 3
4
Y + 1

2
Z

(2.22)In 
ase of high temperatures equation 2.21 must be 
ompleted with the radiationpressure Prad = 1
3
aT 4. In 
ase of a degenerate material as in the iron 
ores of farevolved stars or in white dwarfs, the following formulae des
ribe the ele
tron gas:

P =
h2

me

(

µe

mH

)−5/3

ρ5/3 (classical) (2.23)
P = hc(µemH)−4/3ρ4/3 (relativistic) (2.24)2.3 Fusion Pro
essesPer de�nition stars are bodies whi
h are bound by self-gravity and whi
h radiateenergy supplied by an internal sour
e. For a small fra
tion of stars, this internalsour
e 
an be gravitational energy released by 
ontra
tion or 
ollapse during the
ontra
tion of a proto-star towards the main sequen
e or by 
ooling e.g. in white12



2.3 Fusion Pro
esses

Figure 2.3: Binding energy of vari-ous isotopes per nu
leon as a fun
-tion of atomi
 weight. Fusion oflight elements 
an provide energyup to 56Fe, the most stable nu
leus(from Prialnik 2010).dwarfs. For the large majority, however, the energy is provided by a set of nu
learrea
tions fusing light elements to heavier ones inside the stars. Whi
h elements 
anin prin
iple be used to release energy with fusion rea
tions? Figure 2.3 shows thebinding energy per nu
leon versus the atomi
 weight for several spe
ies. Obviously,fusion pro
esses of the light elements, being also the most abundant in the universe,is only possible up to iron � the most stable atomi
 
ore. Moreover, the fusion stepfrom 1H to 4He provides the largest amount of energy per rea
tant atom. Togetherwith the fa
t that hydrogen is � by far � the most abundant element in the universe,it is easy to a

ept that fusing hydrogen to helium (hydrogen burning) 
an supportand stabilise stars for the major part of their lives.Therefore, we start our little ex
ursion on fusion pro
esses with the me
hanismsavailable for turning hydrogen into helium. Two basi
 s
hemes, the pp-
hain and theCNO-
y
le take pla
e in stars. Figure 2.4 is summarising the various rea
tion stepsfor the pp-
hain where di�erent sub-
hains (pp I�III) are plotted. Several steps arene
essary as assembling four hydrogen 
ores at the same pla
e in order to fuse themto one helium 
ore is highly unlikely. Instead, several intermediate stages in
ludingLi, Be, and B isotopes are employed, with the pp I 
hain being the dominant pro
ess.The �rst rea
tion step in the pp-
hain, the fusion of two protons to deuterium,has the smallest probability and is responsible for the billions of years of lifetime in13



2 BASIC PROPERTIES OF STARS

Figure 2.4: The nu
lear rea
tionsof the pp-
hains: pp I, II, and III(from Prialnik 2010). The pp Ibran
h is the most probable oneprodu
ing over 90% of the energyin stars like our Sun. For highertemperature, pp II and III 
on-tribute more to the energy output.(low-mass) stars. This is due to the Coulomb barrier between the equally 
hargedatomi
 nu
lei/protons. This barrier is easier to over
ome with in
reased kineti
 energyimplying that the temperature inside the star where fusion rea
tions take pla
e is alsostrongly in�uen
ing the rea
tion speed or the rate of energy released per unit mass:
qpp ∝ ρT 4 (2.25)where ρ and T are the lo
al density and temperature respe
tively.The se
ond major pro
ess for hydrogen burning is the CNO-(bi)-
y
le illustratedin Fig. 2.5. The right part of the �gure is showing the dominant pro
ess. In theCNO-
y
le, 
arbon nitrogen and oxygen a
t as 
atalysts with various isotopes ofthese elements being destroyed and reformed while positrons, neutrinos, and photonsare emitted.As atomi
 nu
lei with mu
h higher 
harges than in the pp-
hain are involved inthe CNO-
y
le, it is 
lear that the CNO-
y
le is mu
h more sensitive to the lo
altemperature than the pp-
hain. The rate of energy released per unit mass for theCNO-
y
le may be approximated by a steep power law:

qCNO ∝ ρT 16 (2.26)In addition to the lo
al temperature, the rea
tion rate in the CNO-
y
le alsodepends on the abundan
e of the ne
essary 
atalysts. Assuming an elemental 
om-position as in our Sun, the pp-
hain and the CNO-
y
le are equally e�
ient at a14



2.3 Fusion Pro
esses

Figure 2.5: The nu
lear rea
tions in-volved in the CNO-(bi)-
y
le (fromPrialnik 2010). The right half of the�gure shows the main 
y
le provid-ing the largest energy output.temperature of about 17.5·106 K. Below that temperature, the pp-
hain is the domi-nant pro
ess, above it the CNO-
y
le.Higher stellar masses lead to a stronger gravitational pull 
ompressing the 
orematter to higher densities and also higher temperatures. Therefore, the hot starson the main sequen
e are the more massive ones. This also means that the relative
ontribution of pp-
hain and CNO-
y
le to the stellar energy output is primarilya fun
tion of the stellar mass. The �
riti
al� mass where pp-
hain and CNO-
y
leprodu
e the same yield is 1.5M⊙. At higher masses, CNO burning is dominating.It is worth mentioning here that the single rea
tion steps in the main CNO-
y
le(right part of Fig. 2.5) exhibit signi�
antly di�erent rea
tion times. The slowest rea
-tion step is that from 14N to 15O. Be
ause of this bottlene
k, the 
hemi
al 
ompositionwill 
hange towards higher nitrogen and lower 
arbon abundan
es where the CNO-
y
le takes pla
e � deep inside the star (see also Se
t. 3.4 for a further dis
ussion ofthis 
omposition 
hange).Fusion of hydrogen 
ores (i.e. protons) may also happen with other atomi
 nu
leisu
h as Ne or Mg. The 
orresponding NaNe and MgAl 
y
les are only important atvery high temperatures (& 4 · 108 K) and involve several isotopes of these elements.They are of spe
ial interest in the extreme 
onditions of nova outbursts.In the later stages of stellar evolution (see Se
t. 3) further fusion pro
esses forheavier elements than hydrogen may take pla
e. One of them is the triple-α rea
tionwhere three α parti
les or 4He nu
lei are fused to one 12C nu
leus, with 8Be asinterstage. 15



2 BASIC PROPERTIES OF STARSSeveral further pro
esses in
luding burning of 
arbon, oxygen, and sili
on up toiron as �nal produ
t may appear in stars. Heavier elements may be produ
ed throughneutron 
apture in s- and r-pro
esses in the 
ourse of the main fusion pro
esses or insupernovae explosions.

16



3 Stellar Evolution TheoryRelying on the nu
lear pro
esses des
ribed above, a basi
 overview on stellar evolutionis given. The main fo
us will be on the evolution of massive stars as they are theobje
ts under investigation here.3.1 Evolutionary Time S
alesFirst of all, let us introdu
e some important times
ales for stellar evolution. Thenu
lear time s
ale is de�ned as the time in whi
h a star radiates away all the energythat 
an be released by nu
lear rea
tion. Based on nu
lear physi
s and the assumptionthat only ∼10% of the stellar hydrogen 
ontent is turned into helium, one 
an dedu
e
tn =

M/M⊙

L/L⊙

· 1010 yr (3.1)When interpreting this equation one must 
onsider that the luminosity L stronglydepends on the stellar mass M . From an empiri
al 
alibration one �nds the mass�luminosity relation
L ∝ Mα (3.2)where α ≈ 3 for a wide range of masses. With that, we obtain

tn ∝ M1−α ≈ M−2. (3.3)Thus, we 
ome again to the result that the nu
lear rea
tions and hen
e the lifetimeof a star is a fun
tion of the total mass. As an example, the nu
lear time s
ale for an1M⊙ star is ∼ 109yr and for a 15M⊙ star only ∼ 107yr.The thermal time s
ale is the time in whi
h a star would radiate away all itsthermal energy if the nu
lear energy produ
tion would suddenly stop:
tth =

(M/M⊙)2

(L/L⊙)(R/R⊙)
· 2 · 107 yr. (3.4)Finally, the last and shortest times
ale is the time it would take for the gravita-tional 
ollapse of a star if the supporting pressure is turned o�:

tff =

√

R3

GM
. (3.5)3.2 Early and mid Phases of Stellar EvolutionAt the very beginning stars are formed out of interstellar dust 
louds 
ontra
tingunder their own gravity. The lower mass limit for over
oming the pressure of a gas
loud is given by the Jeans mass

MJ ≈ 3 ·
√

T 3

n
· M⊙ (3.6)17



3 STELLAR EVOLUTION THEORY
Figure 3.1: Overview of 
onve
tionzones during the main sequen
e ina wide spe
trum of stellar masses(from Prialnik 2010). The y-axisindi
ates the depth via the mass m
ontained inside a sphere at the re-spe
tive depth relative to the totalmass. For high-mass stars only theinner layers are 
onve
tive whilefor low-mass stars only the outerlayers are 
onve
tive. Stars with
M ≤ 0.26M⊙ are fully 
onve
tive.where n is the density in atoms/m3. Typi
al properties of the interstellar 
loudslead to Jeans masses of about 30 000M⊙. Although mu
h lower Jeans masses aretheoreti
ally possible, it is very unlikely to form just one star in su
h a pro
ess.Usually, su
h 
louds fragment forming many stars at a time. The initial impulse for
ontra
tion may 
ome from 
ompression of gas in spiral arms or supernova explosionsof massive stars (see below).While 
ontra
ting the matter is heated up from the release of gravitational energyas soon as the 
loud gets opti
ally thi
k enough. If su
h a fragment of the 
loudends up with at least 0.08M⊙ nu
lear fusions in the form of hydrogen burning in thestellar 
ore sets in. Hydrogen burning happens on nu
lear times
ales and stabilisesa star for the longest part of its life on the main sequen
e of the HRD.Hydrogen burning is produ
ing a 
ore of helium ash being inert in the �rst in-stan
e. While the amount of hydrogen fuel is de
reasing in the 
ore, hydrogen burningis gradually transfered into a shell around the 
ore. The star is leaving the main se-quen
e and evolving towards 
ooler temperatures be
oming a red (super)giant. Thetotal mass of the star is then de
isively in�uen
ing the further evolution. Stars with
M . 0.6M⊙ only experien
e hydrogen burning. The further dis
ussion is limited tostars M & 0.6M⊙As des
ribed in Se
t. 2.3, low-mass stars burn hydrogen via the pp-
hain. As thispro
ess is not as sensitive to the temperature as the CNO-
y
le in massive stars, thefusion pro
esses are widely spread in the stellar 
ore. Therefore, radiation is e�e
tiveenough in order to transport the released energy to the stellar surfa
e. However, dueto the generally low temperatures in the outer layers, the opa
ity is high there ren-dering radiation insu�
ient to transport the energy. Conve
tion will set in. Fig. 3.1shows the depth zones where 
onve
tion takes pla
e for a wide range of masses.The typi
al life of a M > 0.6m⊙ star is explained based on the evolutionary tra
ksof the 1M⊙ star in Fig. 3.2. After the main sequen
e stage, the dislo
ation of thehydrogen burning zones to outer zones leaves the helium 
ore unsupported by theenergy release of nu
lear rea
tions. It will therefore 
ontra
t in
reasing its tempera-ture until an equilibrium is found. As hydrogen burns in outer and larger zones and18



3.2 Early and mid Phases of Stellar Evolution
Figure 3.2:Examples forevolution-ary tra
ks inthe physi
alHertzsprung-Russell diagramfor variousinitial masses(1, 5, and25M⊙), fromPrialnik (2010).Several impor-tant stages inthe stellar lifeare indi
ated.See text forfurther explana-tions. The mainsequen
e 
an beinferred fromthe startingpoint of thethree tra
ks(
lose to thesmall shadedareas).as the 
ore is heated up more and more, the luminosity in
reases a

ompanied by a
ooling-down of the surfa
e due to an expansion of the envelope. The star then movesalong the red giant bran
h or RGB, see Fig. 3.2. An end of this pro
ess is rea
hed assoon as helium 
ore burning starts when 
entral temperatures rise to ∼ 108 K.In low-mass stars, this temperature is not rea
hed before the formerly ideal ele
-tron gas in the stellar 
ore be
omes degenerate, stabilised by the degenerate pressure.In general, the gas is degenerate only to some extent. Assuming full degenera
y, thegas is des
ribed by Eqn. 2.23 or 2.24 in 
ase of an extreme gas with high parti
levelo
ities. When helium burning sets in under these 
onditions, the energy releasedin this pro
ess is not used to expand the 
ore be
ause of no volume dependen
e inthe equations. The energy is therefore only turned into thermal energy raising the
ore temperature whi
h in turn raises the � extremely temperature sensitive � heliumburning rate. This thermal runaway pro
ess is also 
alled helium �ash.Although this onset of helium burning 
an be extremely violent, most of its energyis absorbed by the outer layers of the star. After the �ash, the star is ba
k to lower lu-19



3 STELLAR EVOLUTION THEORYminosities and slightly hotter temperatures on the horizontal bran
h burning steadilyhelium to 
arbon in the 
ore with the triple-α pro
ess. At some point, also heliumwill start to burn in a shell for
ing the star on the asymptoti
 giant bran
h or AGB.At those giant bran
hes, the outer layers are weakly gravitationally bound leadingto pronoun
ed loss of matter whi
h eventually forms a planetary nebula around thestar. During this pro
ess, the hot inner layers of the star are exposed and the starmoves to the left in the diagram. Finally, after the nu
lear rea
tions have stopped,the star mainly 
onsists of a C/O 
ore and is stabilised by the ele
tron pressure. Itis 
ooling down to a white dwarf (see Se
t. 3.3) emitting thermal radiation.Massive stars evolve � apart from the in
reased evolution speed � in a di�erentway. First of all, they posses a di�erent inner stru
ture on the main sequen
e. Ashydrogen burning is dominated by the CNO-
y
le releasing mu
h more energy dueto the strong temperature dependen
e, the 
ore of massive stars is 
onve
tive asradiation is not su�
ient for the outward transport of this energy. Then, in 
ontrastto low-mass stars, the envelopes of massive stars are relatively hot keeping opa
itiesquite low thus allowing radiation to do the job of bringing the energy the last stepto the surfa
e.Moreover, be
ause of the signi�
antly higher 
ore temperature, helium 
ore burn-ing sets in under ideal gas 
ondition, avoiding explosive helium �ashes. The starmoves upwards in the Hertzsprung-Russell diagram towards higher luminosities atalmost 
onstant temperatures (see the tra
ks for 5 M⊙ in Fig. 3.2). In this phase af-ter igniting helium burning in the 
ore, the star may experien
e blue loops. The 
ausefor this phase is still a matter of debate and depends on subtle details. An overviewof the dis
ussion and e�e
ts of helium abundan
e or metal 
ontent on the extent ofblue loops is given by Xu & Li (2004a, 2004b). The higher the stellar mass, thesmaller the extent of these blue loops. Moreover, there seems to be a dependen
e onthe metalli
ity so that blue loops are favoured at quite low (0.004 mass fra
tion) andquite high (0.02) metalli
ities. Two e�e
ts leading to this behaviour are suggested.Firstly, the redu
ed opa
ity at lower metalli
ity leads to a hotter stellar envelopewhi
h favours energy transport by 
ondu
tion (and thus blue loops) in 
ontrast to
onve
tion. Se
ondly, rather high metalli
ities and thus rather high abundan
es of
14N makes the hydrogen shell burning more e�
ient through a larger 
ontributionfrom the se
ond 
y
le of the CNO bi-
y
le (left part of Fig. 2.5). This pushes thestar more e�e
tively into a blue loop.With su�
iently high masses further fusion pro
esses may take pla
e (under non-degenerate 
onditions) leading to multiple layers with distin
t burning pro
essesworking their way outwards and leaving the ashes behind as fuel for the next pro-
ess. This onion skin model is s
hemati
ally presented in Fig. 3.3. As the di�eren
ein binding energy per nu
leon de
reases towards the fusion of higher elements, ea
hpro
ess must happen faster to stabilise the star. Figure 3.4 shows the distribution ofvarious elements throughout an evolved massive star. The last possible rea
tion isrea
hed by fusing sili
on to iron whi
h shows the highest binding energy per nu
leon(see Se
t. 2.3) taking pla
e in about one day. Further energy then 
an not be gainedthrough fusion rea
tion and a 
ore 
ollapse supernova is produ
ed as soon as the inertiron 
ore has grown to a 
ertain threshold, the Chandrasekhar mass (see Se
t. 3.3).20



3.3 Final Stages of Stellar Evolution

Figure 3.3: Onion skin model formassive stars (M ≥ 8M⊙) fromPrialnik (2010). This is situationimmediately before the 
ollapse ofthe inert iron 
ore leading to a typeII supernova.These explosions are possible sites for the formation of elements heavier than ironthrough neutron-
apture of nu
lei in the r-pro
ess on the iron seeds. In addition tothe 
hemi
al enri
hment of the interstellar medium, these explosion may also triggernew star formation through the resulting sho
k waves.3.3 Final Stages of Stellar EvolutionFor 
ompleteness, the �nal stages of stellar evolution are brie�y summarised here. Itwill not surprise that the �nal fate of star again depends on the mass. However, notethat mass is usually meant as �mass at the end of the evolution�. During the red(super)giant phase there is pronoun
ed mass loss due to the small gravitational pullon the outer layers. Moreover, for massive stars, there 
an also be signi�
ant massloss before that stage be
ause of the strong radiation �eld leading to strong stellarwinds. The subje
t is too 
omplex and extensive for a detailed dis
ussion at thispoint. As a guide, mass loss from the solar wind is of the order of few 10−14 M⊙/yrwhile for a 30M⊙ main sequen
e star it is roughly 10−5.5 M⊙/yr depending on thetemperature. For stars in the red giant phase it 
an range � again depending on thetemperature � from ∼ 10−8 − 10−2 M⊙/yr due to the strong in
rease of the stellarradius and the 
onsequently weakly bound outer layers.In 
ase of �nal masses below the Chandrasekhar mass (MCh = 1.44 M⊙ for a C/O-or He 
ore) the �nal state will be a white dwarf whi
h is stabilised by the degeneratepressure of the ele
tron gas. The equations 2.23 or 2.24 as well as 2.16 and 2.17 fullydes
ribe the star and imply
R ∝ 1

3
√

M
(3.7)meaning that the radius of a white dwarf is de
reasing when additional materialis added. For arbitrarily large masses, the white dwarf would 
ontra
t to arbitrarilysmall radii. This problem is �solved� by using the relativisti
 equations whi
h predi
t21



3 STELLAR EVOLUTION THEORY

Figure 3.4: Elemental distribution in an evolved massive star as a fun
tion of mass inside a
ertain radius mr at the end of sili
on burning, from Hirs
hi et al. (2004). The models were
al
ulated for a 20M⊙ star at solar metalli
ity (Z =0.02) for initial rotational velo
ities of0 (left) and 300 (right) km s−1. The general e�e
t of rotation is that burning zones and
ores rea
h further towards the surfa
e.zero radii as soon as the Chandrasekhar mass is rea
hed. Of 
ourse, this does notreally solve the problem as zero radii or in�nitely large densities are impossible. If awhite dwarf is a

reting mass and gets 
lose to the Chandrasekhar mass it will thusexplode as supernova type Ia � a thermonu
lear rea
tion disintegrating the wholestar.In the 
ase of massive stars with iron 
ore masses higher than MCh at the endwhere all fusion sour
es are exhausted, the result will be a 
ollapse towards to densitiesas in atomi
 nu
lei. A neutron star is formed whi
h is supported by the degeneratepressure of the neutron gas 
reated when protons and ele
trons are for
ed to rea
t toneutrons.Above end masses higher than the Oppenheimer-Volko� mass (∼ 3 M⊙) evenpure neutrons are no longer able to provide support against gravitation. The starwill 
ollapse to a bla
k hole. Neutron stars or bla
k holes are the produ
ts of 
ore
ollapse supernova explosions of a massive star.3.4 Chemi
al Evolution and Mixing of (Massive) StarsAs des
ribed so far, stars and in parti
ular massive stars undergo various phases ofevolution in
luding multiple fusion pro
esses happening inside the star where 
ondi-tions are su�
ient. These newly produ
ed elements, the ashes of the burning pro-
esses, may be distributed into the interstellar medium when a massive star �nallyexplodes and is disrupted. However, observing these elements deep inside a star isimpossible as the light whi
h 
ould be used for an analysis originates from the stellar22



3.4 Chemi
al Evolution and Mixing of (Massive) Stars

Figure 3.5: Kippenhahn diagrams indi
ating 
onve
tive zones at 
ertain depths in the star(bla
k areas) from Hirs
hi et al. (2004). Up/down: Model for 12/20M⊙, left/right : initialrotational velo
ities of 0/300 km s−1. Indi
ated along the x-axis are the various burningphases in addition to the logarithmi
 times
ale. The 12M⊙ model for no rotation shows no
onve
tion for a 
ertain period of time (after the sharp bla
k area from the top) indi
atinga blue loop phase. The models with rotation or higher masses avoid this state and showalso signi�
ant mass loss.atmosphere. Thus, in order to �see� the results of these pro
esses, there has to bemixing of some kind between the deep burning layers inside the star and the outeratmosphere. Whi
h pro
esses for transporting matter are e�e
tive in a star?One important pro
ess is 
onve
tion, the most e�e
tive form for matter trans-port. In Se
t. 3.2, we saw that 
onve
tion already happens in main sequen
e starsof all masses either in the stellar 
ore (massive stars) or in the outer layers and theatmosphere (low-mass stars) in order to transport the energy output of the nu
lear23



3 STELLAR EVOLUTION THEORY

Figure 3.6: A 3D 
ontourplot by G. Meynet rep-resenting the inner stru
-ture of a massive rotat-ing star. The toroidalshape of the meridional
urrents is 
learly visible.rea
tions to the stellar surfa
e (see also Fig. 3.1). This 
onve
tion would in prin
iplealso transport matter and thus burning produ
ts throughout the star. However, these
onve
tion zones never 
over all the ne
essary depths from the atmosphere down to theburning 
ore (ex
ept for very low-mass stars). Therefore, during the main sequen
e,
onve
tion is inappropriate to reveal abundan
e patterns due to nu
lear rea
tions toan external observer.However, during more evolved phases in the evolution of massive (and also low-mass) stars, 
onve
tion plays an important role for mixing as 
an be seen in Fig. 3.5.For the 12M⊙ models (upper two plots), the 
onve
tion zone in the 
ore on themain sequen
e due to the extensive energy release in the CNO-
y
le is ni
ely visible(bla
k area down left). In that phase, pro
essed material is transported up to radii
orresponding to mr . 4 − 5 but not to the surfa
e. This may happen at laterstages when further nu
lear rea
tions set in. The sharp bla
k area from the surfa
edown to mr ∼ 3 is the 
onve
tion zone 
reated at a later phase of hydrogen shellburning and the inset of 
entral helium burning. This is 
alled the �rst dredge-up.As the 
onve
tion zone in this dredge-up goes deeper than the previous 
onve
tionzone from the hydrogen burning, nu
lear pro
essed matter 
an rea
h the surfa
e andmay thus be dete
ted by studying atmospheri
 abundan
es. During the further life asred supergiant there are further opportunities for extensive mixing between nu
learpro
essed matter from the stellar 
ore and the atmosphere by 
onve
tion.Conve
tion (in the late phases of stellar evolution) is not the only me
hanism that
an lead to mixing. During the main sequen
e and before the red supergiant stage,meridional 
urrents (Fig. 3.6) indu
ed by rotation may already lead to mixing. (Stars24



3.4 Chemi
al Evolution and Mixing of (Massive) Stars

Figure 3.7: Theoreti
al evolution tra
ks for massive stars with zero-age main sequen
emasses from 9 to 25M⊙. The tra
ks are based on the models provided by Meynet &Maeder (2003) in
luding mass-loss (depending on the initial mass and the evolutionarystate, e.g. 10−5.5 M⊙/yr for the rotating 15M⊙ model at 10 000K). Dotted 
urves are
al
ulated for non-rotating models while solid lines a

ount for an initial rotational velo
ityof 300 km s−1. The numbers along the tra
ks indi
ate the N/C mass ratio starting with(N/C)0 =0.31 on the main sequen
e.are born with high angular momentum and, hen
e, rotate qui
kly.) The meridional
urrents 
an have several reasons. One reason 
omes from the �attening of a rotatingstar on the poles due to 
entrifugal for
es. This leads to higher temperatures on thepoles than present along the equator indu
ing 
urrents surfa
ing at the poles anddiving ba
k at the equator. A se
ond reason for rotationally indu
ed mixing is basedon di�erential rotation. Rotational velo
ities on the poles are smaller than along theequator leading to fri
tion in the star and thus to turbulen
es (shear instabilities)and matter transport.In this pi
ture, fast-rotating stars are expe
ted to experien
e more e�
ient mix-ing. Moreover, models predi
t higher mixing rates for larger stellar masses despite aredu
ed lifetime (see Fig. 3.7). In massive stars, more e�
ient mixing will e.g. appearas enhan
ed N/C and N/O ratios due to the physi
s of the CNO-
y
le (see Se
t. 2.3).Pre
ise determinations of stellar atmospheri
 abundan
es through observations thusprovide important input and 
onstraints for stellar evolution models of massive stars.25





4 Stellar Model AtmospheresVirtually all information about stars is derived from the emitted light � in the stellaratmosphere. The atmosphere is de�ned as the region of a star from whi
h photons 
anes
ape into spa
e. (Of 
ourse, this must be a matter of probabilities and wavelength-dependent.) Information on the stellar atmosphere and other 
hara
teristi
 stellarparameters 
an be derived by analysing the observed spe
trum 
reated therein. Oneimportant approa
h is the 
omparison of syntheti
 spe
tra based on model atmo-spheres � a set of parameters (su
h as temperature or density) as a fun
tion of depth.This se
tion shall provide an overview of the physi
al prin
iples embedded in
odes whi
h were employed in the present study. A detailed pi
ture is given e.g.by Mihalas (1970) or Hubeny (1997). The model atmospheres used in this work forsupergiants of spe
tral types B and A are based on several assumptions:
• Plane-parallel geometry. Even in the extended atmospheres of supergiants, thethi
kness of the atmosphere is rather small 
ompared to the total radius ofthe star. The (small) 
urvature of the layers 
an therefore be negle
ted forthe pro
esses whi
h need to be des
ribed. The typi
al relative thi
kness of theatmosphere with respe
t to the stellar radius is of the order of several per
entfor most obje
ts in this study and up to ∼20% in the most extreme 
ases.
• Homogeneity. The various depths points or layers in the (model) atmosphereare expe
ted to be homogenous e.g. in terms of 
hemi
al 
omposition or density(granulations). One depth 
oordinate is thus su�
ient. Popular quantitiestherefore are z (= 0 in the 
enter and in
reasing outward) or τ (opti
al depth,= 0 at the surfa
e and in
reasing inward).
• Stationarity. Atmosphere are expe
ted to be time-independent ex
luding su
he�e
ts as pulsations.
• Hydrostati
 equilibrium. In analogy to Eqn. 2.16, hydrostati
 equilibrium in-
luding the e�e
ts of radiative a

eleration is given as

dP

dz
= −ρ(g − grad) (4.1)with the radiative a

eleration grad de�ned in Se
t. 4.4. Stellar winds are drivenby radiation and result from grad > g. Therefore, stellar winds 
annot be ad-dressed in hydrostati
 approa
hes.

• Radiative Equilibrium. In a stati
 atmosphere, energy is transported to the sur-fa
e in the form of radiation. The 
onsequential radiative equilibrium demandsthat the amount of energy absorbed by atmospheri
 matter equals the loss dueto emission. In parti
ular, this ignores 
onve
tion in atmospheri
 layers in thepresent analyses. The S
hwarzs
hild 
riterion implies that 
onve
tion will takepla
e if the temperature gradient in the atmosphere is larger than the adia-bati
 gradient. It 
an be shown that 
onve
tion is not relevant for B and Asupergiants. 27



4 STELLAR MODEL ATMOSPHERES4.1 The Absorption of RadiationA basi
 model for des
ribing the absorption of radiation trough matter is providedby 
onsidering an absorbing ion as a damped harmoni
 os
illator with the damping
onstant γ and the eigenfrequen
y ω0 
orresponding to the energy di�eren
e for thevarious ele
troni
 states. The radiation �eld in a star 
an then be treated as periodi
ex
itation with frequen
y ω leading to the following solution for the equation ofmotion:
x(t) =

eE0

m
· ω2

0 − ω2 − iωγ

(ω2
0 − ω2)2 − γ2ω2

· eiωt. (4.2)Ele
trodynami
s then provides the emitted average power:
P =

2e2

3c3
· [ẍ]2 ∝ ϕ(ν) (4.3)with ϕ(ν) being the pro�le fun
tion des
ribing the power emitted (or absorbed)at various frequen
ies ν. ϕ(ν) is the Fourier transformation of the solution x(t) infrequen
y spa
e and may be approximated with

ϕ(ν) =
γ

4π2

(ν0 − ν)2 +
(

γ
4π

)2 (4.4)for ν ≈ ν0. Quantum me
hani
al 
al
ulations yield very similar results as this
lassi
al approa
h with the only di�eren
e being an additional fa
tor to the absorption
oe�
ient κ(ν):
κ(ν) = nl ·

πe2

mc
· flu · ϕ(ν) (4.5)with nl being the o

upation density in the lower (l) state. The os
illator strength

flu varies between 0 and 1 and is depends on the detailed properties of ea
h transition.For example, Balmer lines show os
illator strengths of 0.64, 0.12, and 0.04 for Hα,Hβ, and Hγ. Although the os
illator strengths for the (higher) Balmer lines arequite small, Balmer lines are quite strong in most stars due to the large abundan
eof hydrogen. Moreover, all Balmer lines have similar strength as the strength isa fun
tion of g · f with g being the statisti
al weight (see below) whi
h is againproportional to n2.4.2 Intera
tion of Radiation and Matter in Lo
al Thermodynami
 Equi-librium (LTE)A good understanding of the basi
 physi
s in stellar atmospheres 
an be a
hieved by
onsidering thermodynami
 equilibrium (TE). Any system in equilibrium is des
ribedby three fundamental equations: the Maxwell velo
ity distribution, the Boltzmannformula and the Saha equation.The Maxwell distribution indi
ates the probability of �nding a parti
le of mass min a system with temperature T in a velo
ity interval [vi, vi + dvi] (with i = x, y, z):28



4.2 Intera
tion of Radiation and Matter in Lo
al Thermodynami
 Equilibrium (LTE)
P (~v)dvxdvydvz =

(

m

2πkBT

)
3

2

· exp

(

− m

2kBT
(v2

x + v2
y + v2

z )

)

dvxdvydvz (4.6)where kB is the Boltzmann 
onstant. This relation 
an be applied to free ele
tronsas well as to heavier ions.For one ioni
 spe
ies, the o

upation ratios nu/nl between two dis
rete energylevels separated by the energy ∆E are des
ribed in thermodynami
 equilibrium byBoltzmann's formula:
nu

nl
=

gu

gl
· e

“

−∆E
kBT

” (4.7)with the g s being the statisti
al weights of the respe
tive energy levels. Theseare given by the number of possibilities to distribute ele
trons over the levels. Thisnumber for the upper (u) and lower (l) levels depends on di�erent quantum me
han-i
al rules su
h as the Pauli prin
iple. The o

upation with respe
t to all N parti
lesis given by
nu

N
=

gu e
− ∆E

kBT

Uu(T )
(4.8)with

Uu(T ) =
∑

i

gi e
− ∆E

kBT (4.9)being the partition fun
tion over all possible states. In prin
iple, there is a in�nitenumber of levels for an atom as levels 
an get arbitrarily 
lose to the ionisationthreshold. However, reality inhibits this sin
e intera
tion with parti
les 
lose-by leadto a smearing of the levels, �
an
elling� levels with high energies. Thus, the sumbe
omes �nite.Des
ribing ionisation is a bit more 
omplex as the momenta of free ele
tron 
anin prin
iple adopt arbitrary values leading to an in�nite number of possibilities andstatisti
al weights. Relief 
omes from the Pauli prin
iple limiting the number ofele
trons in a phase spa
e volume h3 (h: Plan
k's 
onstant) to two. With that, one
an derive the Saha equation for the o

upation ratios of di�erent ionisation stages:
Nj+1

Nj

=
1

ne

2

(

2πmekT

h2

)3/2
Uj+1

Uj

· e
“

−
Ej,Ion

kBT

” (4.10)where Nj is the total number of atoms in the ionisation stage j and Ej,Ion theionisation energy between the two stages. Worth mentioning are the proportionalityto the ele
tron density ne and to T 3/2. De�ning the ionisation degree x

x :=
ne

N
(4.11)29



4 STELLAR MODEL ATMOSPHERES

Figure 4.1: Ionisation degree for hydrogen (left) and helium (right) as a fun
tion of tem-perature for various densities. Solving the equations and plotting was done with MAPLE.The numbers next to the 
urves indi
ate the density in 
m−3. A density of 1014 
m−3 is ofthe order of the density in the atmospheres of main sequen
e stars.with N being the number of atoms in all ionisation stages one may solve the Sahaequation using parti
le number 
onservation and 
harge 
onservation as additional
onstraints. Fig. 4.1 shows su
h a simple solution for hydrogen and helium for variousdensities if only the ground states are 
onsidered. This is a good approximationbe
ause of the high energies of the �rst levels above the ground state.The ranges of small in
lination in the �gure 
orrespond to the various ionisationstages. In the right part of Fig. 4.1 at the small slope at x = 1, all helium atomsare singly ionised on the average. From now on, neutral elements shall be denotedwith the usual astronomi
al labelling su
h as He i while singly ionised spe
ies areindi
ated as He ii and so on.With the ideas and the formalism of ex
itation (Boltzmann) and ionisation (Saha)in mind, it is straight-forward to understand the 
urves in Fig. 2.1. Below a 
ertaintemperature, there are not enough hydrogen atoms with their ele
tron in the �rstex
ited state (n=2) as these is the level from whi
h absorption leads to the observedBalmer lines in the opti
al part of the spe
trum. In 
ase of mu
h higher temperature,signi�
ant ionisation will take pla
e leaving few absorbers whi
h 
ould 
ause a lineto form.Comparing Fig. 2.1 with the 
urve for helium (Fig. 4.1, right) at a density of1014 
m−3 (typi
al for a stellar atmosphere) reveals that the maximum for absorptionfor He i and its ionisation to He ii are lo
ated at roughly the same temperature(∼ 25 000K). Although some simpli�
ations have been made for Fig. 4.1, this is rea-sonable as the lines 
onsidered for spe
tral 
lassi�
ation originate again from ex
itedlevels of He i lying 
lose the ionisation border.These prin
iples are also appli
able for heavier elements than hydrogen and heliumwhi
h are all 
alled metals in astronomy. However, metals usually do not have highex
itation energies for their visible spe
tral lines.The formulae and dis
ussions so far were based on the assumption of thermody-nami
 equilibrium (TE) implying a Plan
k-
urve as spe
i�
 intensity and a Maxwell30



4.2 Intera
tion of Radiation and Matter in Lo
al Thermodynami
 Equilibrium (LTE)
Figure 4.2: S
hemati
 representation of a LTE (left) and a non-LTE (right) atmosphere.LTE is based on the assumption of small isolated volume elements (blue boxes) ea
h ofthem being in thermodynami
 equilibrium. At high temperatures or/and low densities,photons may 
onne
t the various volume elements (with di�erent temperatures) 
an
ellingthe isolation.velo
ity distribution for all parti
les for a given temperature. However, TE demands abla
k body with a 
onstant temperature throughout a 
losed system (i.e. no photonsleaking out). As we obviously 
an see stars as they emit radiation, that assumption
annot be true for the system star. This is also easy to a

ept be
ause of the hotstellar interior (powered by nu
lear burning) and the 
old outer spa
e.Help 
omes from the idea of assuming lo
al thermodynami
 equilibrium (LTE).In this pi
ture, the star is divided into many small volume elements dV whi
h areea
h � independently of the others � in thermodynami
 equilibrium. The spe
i�
intensity in this pi
ture is then produ
ed from overlapping many Plan
k 
urves fromvarious volume elements with di�erent temperatures. Figure 4.2 illustrates the ideaof isolated volume elements and temperature strati�
ation.Of 
ourse, also LTE is only an approximation whi
h may be less a

urate under
ertain 
ir
umstan
es when the isolation of the volume elements is no longer (quite)valid. Isolation 
an be �broken� by photons travelling relatively large distan
es inthe stellar atmosphere �
onne
ting� volume elements of di�erent temperatures thusdisturbing the equilibrium (see Fig. 4.2, right). This may happen at two basi
 
on-ditions:

• Low densities. The lower the density in the stellar atmosphere, the larger themean free paths for photons and the easier it is for photons to 
onne
t volumeelements of signi�
antly di�erent thermodynami
 states. Moreover, the lowerdensities redu
es the 
ollision rates of ele
trons whi
h thermalise the plasma.
• High temperature. Be
ause of the high sensitivity of the photon �ux to thetemperature (∝ T 4), the �ux will rapidly in
rease with higher temperatures.This will make it mu
h more probable that photons are able to bridge 
ertaindistan
es and thus also to disturb the LTE.As a 
onsequen
e, e�e
ts of deviations from LTE may be
ome relatively impor-tant and need to be a

ounted for in the hot, low-density atmospheres of BA-typesupergiants of the present work. 31



4 STELLAR MODEL ATMOSPHERES4.3 The Generalisation of non-LTEDropping the assumption of LTE leads to the more general pi
ture of non-LTE (alsoNLTE). While level population and ionisation are no longer fully des
ribed by theBoltzmann and Saha equations, the Maxwell velo
ity distribution is still valid with ki-neti
 temperature T. Boltzmann and Saha equations are thus repla
ed by demandingstatisti
al equilibrium
dni

dt
= 0 (4.12)implying that the o

upation densities ni of ea
h level i are time independent.Expressed in rate 
oe�
ients for 
ollisionally (Cij) and radiatively (Rij) indu
edtransitions from levels i to j, one arrives at

∑ pro
esses depopulating i =
∑ pro
esses populating i (4.13)

ni

∑

j 6=i

(Rij + Cij) =
∑

j 6=i

nj(Rji + Cji)Both radiative and 
ollisional transitions may be further distinguished in bound-bound (bb) and bound-free (bf) transitions. Collisional ex
itations for bb and bf aregiven by
Cij = ne ·

∫ ∞

v0

σijf(v)vdv (4.14)where σij(v) is the 
ollisional 
ross-se
tion at velo
ity v, ne the ele
tron densityand f(v) the distribution fun
tion for the velo
ities. The integration starts at v0being the minimum energy threshold for this transition. The downward rates arethen des
ribed by
Cji =

n∗
i

n∗
j

· Cij (4.15)with the asterisk denoting LTE populations. For the radiative bb and bf ex
ita-tion, one �nds
Rij = 4π ·

∫ ∞

ν0

αij(ν) · Jν

hν
· dν (4.16)where αij is again the atomi
 
ross-se
tion of this transition and Jν is the integralof the spe
i�
 intensity over all angles:

Jν =
1

2

∫ 1

−1

Iν(µ)dµ. (4.17)
ν0 is the smallest frequen
y at whi
h the transition may o

ur. Downward pro-
esses are given as 32



4.4 Radiative Transfer
Rji = 4π · n∗

i

n∗
j

·
∫ ∞

ν0

αij(ν)

[

2ν2

c2
+

Jν

hν

]

· exp

(

− hν

kT

)

dv (4.18)with the two terms in square bra
kets des
ribing spontaneous and indu
es emis-sion, respe
tively. Additional relevant pro
esses su
h as free-free pro
esses or auto-ionisation are dis
ussed in detail in Mihalas (1970).The statisti
al equilibrium equations for all levels of an atom may then be solvedby introdu
ing the total number 
onservation as additional 
onstraint.4.4 Radiative TransferIn the non-
onve
tive atmospheres of BA-type supergiants radiation is transport-ing the energy outwards. This se
tion over radiative transfer is thus giving a basi
overview about the respe
tive prin
iples.The physi
al pro
esses involved 
an be 
hara
terised as true emission (a photon isdraining kineti
 energy from the gas), true absorption (a photon is destroyed addingits energy to the thermal energy of the gas) and s
attering (frequen
y and dire
tion
hange of a photon, hardly any energy transfer). S
attering in
ludes absorption andre-emission of photons as well as Thomson s
attering. True absorption 
omprises forexample ionisation and ex
itation by photons followed by a 
ollision. Reversing thesepro
esses provide examples for true emission.Mathemati
ally, any alteration to the spe
i�
 intensity Iν (see Se
t. 2.1.1) alonga distan
e s 
an be the result of absorption with absorption 
oe�
ient or opa
ity κνand emission with emission 
oe�
ient ην :
dIν

ds
= ην − κν · Iν . (4.19)The absorption leads to a radiative a

eleration

grad =
1

cρ(z)

∫ ∞

0

κνFνdν . (4.20)With the sour
e fun
tion
Sν :=

ην

κν
(4.21)the radiative transfer equation is written as

dIν

ds
= κν(Sν − Iν) . (4.22)Instead of linear distan
e s one often deals with the opti
al depth τ :

dτ = κdt (4.23)
τ(ν, t) =

∫ t

t=0

κν(t
′)dt′ .33



4 STELLAR MODEL ATMOSPHERESHere, t is a parameter measuring the depth from the surfa
e on inwards. τ isindi
ating the distan
e in units of the mean free path and gives an idea on howstrongly radiation at the respe
tive frequen
y is damped. The larger τ the smaller thedete
table intensity and the more outward the depth point from whi
h the radiation�nally es
apes into spa
e (see also Se
t. 4.5).A formal solution of the transfer equation is given by
Iν(τ1, µ) = Iν(τ2, µ) exp

(

−τ2 − τ1

µ

)

+

∫ τ2

τ1

Sν exp

(

−tν − τ1

µ

)

dtν
µ

(4.24)where µ = cos θ. The solution is formal sin
e Sν is again a fun
tion of Iν in thegeneral 
ase.The �rst term des
ribes the spe
i�
 intensity emitted at a depth τ2 whi
h is partly(exponentially) absorbed until it rea
hes the depth τ1. The se
ond term a

ounts forthe gain in intensity by reemission at tν (integration variable ranging from τ2 to
τ1) whi
h is again partly absorbed when passing from the depths tν to the depth
τ1 where Iν(τ1, µ) is observed. A possible strategy to solve the transfer equation isbrie�y explained in Se
t. 7.1.4.5 Spe
tral Line FormationLine formation in stellar atmospheres 
an in prin
iple be understood with the wave-length or frequen
y dependent opa
ity κν . At spe
tral lines, the opa
ity is higherdue to the possibility of transitions and the resulting higher probability for an ab-sorption of a photon with an appropriate energy. These photons are thus absorbedand emitted repeatedly leading to a random walk in the stellar atmosphere whereasa 
ontinuum photon easily passes the atmosphere. Therefore, the material in theatmosphere is more opaque at wavelengths of spe
tral lines redu
ing the mean freepaths of photons with 
orresponding frequen
ies or wavelengths.This implies that line photons originate from outer parts in the atmosphere andthus � as outer usually means 
ooler � from parts with lower temperatures. WithPlan
k's law stating that hotter matter is more luminous one 
an easily see that� at spe
tral lines � we observe outer, 
ooler, and less luminous parts in a stellaratmosphere �nally leading to an absorption pro�le.For spe
tral analyses, the spe
tral 
ontinuum if often normalised (re
ti�ed) to 1and spe
tral lines are dips dire
ted downward to 0. With that, the equivalent widthof a spe
tral line is de�ned as the area in the normalised spe
trum between a spe
tralline and the 
ontinuum at 1. The equivalent width 
an also be interpreted as thewidth of a re
tangle with that area and depth and is a measure for the strength of aline.4.6 Line Broadening Me
hanismsSpe
tral lines are transitions between dis
rete energy levels of an atom or ion. Severalme
hanisms in stellar atmospheres may a�e
t the formation and width of (initiallysharp) spe
tral lines yielding the relatively broad lines then observed in a spe
trum.34



4.6 Line Broadening Me
hanisms
• Natural damping. Every energy level of an atom � ex
ept the ground state �possesses a �nite lifetime

τ =
1

∑

i<j Aji
(4.25)where the Aij are the Einstein 
oe�
ients for spontaneous emission from level

j to i. With Heisenberg's un
ertainty prin
iple
∆E · τ ≥ h

2π
(4.26)indi
ating that the energy levels 
annot be in�nitely sharp the natural line width
an be des
ribed with a Lorentz pro�le with damping 
onstant

γ =
1

τu
+

1

τl
=
∑

k<u

Auk +
∑

k<l

Aul (4.27)where j and i are the levels involved in the transition. Lorentz pro�les anddamping 
onstant γ are also des
ribed in Eqn. 4.4.
• Pressure broadening. Collisions between the radiant atom or ion with otherparti
le may result in pressure broadening. These 
ollisions 
an be interpretedas disturban
es to the phases of the original os
illation leading to a Lorentzpro�le as pro�le fun
tion with damping

γcol. =
2

τ
∝ N (4.28)where τ is the mean time between two 
ollisions and N the density of 
ol-liding parti
les. The pressure broadening may also be interpreted as (linearor quadrati
) Stark e�e
t. The denser the 
harged parti
les, the stronger theStark e�e
t and the splitting of the levels. Superpositions over many layers inthe atmospheres with di�erent pressure and thus di�erent density �nally leadto 
ontinuous line broadening.Further pressure broadening me
hanisms are van der Waals intera
tion betweenneutral parti
les or broadening due to inherent pressure with the latter being
aused by neutral parti
les of the same spe
ies. Due to the large abundan
e ofhydrogen, intera
tions between hydrogen atoms are the most important pro
essof this kind.

• Thermal Doppler broadening results from the thermal movement of the absorb-ing parti
les and the Doppler e�e
t thus 
aused. With that, absorption is nolonger restri
ted to frequen
ies 
lose to the rest transition frequen
y but mayextend to Doppler-shifted frequen
ies. As only the line-of-sight movement toan observer is important, a one-dimensional Maxwell distribution P (v)dv issu�
ient: 35



4 STELLAR MODEL ATMOSPHERES
P (v)dv =

1

v0

√
π
· exp

(

−v2

v2
0

)

dv (4.29)with v as the velo
ity 
omponent in dire
tion to an observer and
v0 =

√

2kBT

m
. (4.30)where m is the mass of the atomi
 spe
ies under investigation. The more atomsat a 
ertain velo
ity (interval), the stronger the absorption at the respe
tiveDoppler-shifted frequen
y. The resulting absorption line pro�le will thus re�e
tthe velo
ity pro�le to yield the typi
al Gaussian Doppler broadening

ϕν =
1√

π∆νD

· exp

(

− ∆ν

∆νD

)2 (4.31)where ∆ν = ν − ν0 (ν0 is the unshifted natural frequen
y of the transition) and
∆νD the Doppler width of the line,

∆νD =
ν0

c
· v0 (4.32)

• Mi
roturbulen
e. In hydrostati
 model atmospheres as employed in the presentstudy, an additional parameter 
hara
terising non-thermal turbulen
es on smalls
ales (small relative to the mean-free-path photons) is usually ne
essary for a
onsistent agreement between observations and theory.It is assumed that these turbulen
es also show a Gaussian distribution leadingto a modi�
ation of the Doppler width to
∆νD =

ν0

c

√

v2
0 + ξ2 (4.33)where ξ is the value referred to as mi
roturbulen
e.All broadening me
hanisms des
ribed so far dire
tly a�e
t the absorption of theradiation 
ausing both a larger equivalent width and a broader line pro�le.In a star, all these broadening me
hanisms a
t together. The mathemati
al treat-ment of this is a 
onvolution over all pro�le fun
tions where the 
onvolution of the twoGaussian pro�les (thermal and mi
roturbulent broadening) leads to another Gaussianpro�le with quadrati
 addition of the typi
al widths and the 
onvolution of the twoLorentzian pro�les leads to another Lorentz pro�le with linear addition of the typi
alwidths. The 
onvolution of the Gaussian and the Lorentzian pro�le �nally yields aVoigt pro�le whi
h has no analyti
al expression but has to be evaluated by numeri
alintegration. 36



4.7 Radial Velo
ity, Rotational Velo
ity, and Ma
roturbulen
e4.7 Radial Velo
ity, Rotational Velo
ity, and Ma
roturbulen
eThe radial velo
ity of the whole star in the line of sight towards an observer leads toa Doppler shift of the whole spe
trum a

ording to
∆λ

λ
=

vr

c
. (4.34)Moreover, the Doppler e�e
t is important when a

ounting for the rotation of astar. Various points on the stellar surfa
e are thus moving towards the observer oraway from him with a distribution of velo
ities. Points 
lose to the rotation axismove slowly in the line of sight and experien
e a small Doppler shift. A spe
tral lineis therefore smeared, however, its equivalent width does not 
hange.Of 
ourse, the overall e�e
t of a 
ertain rotational velo
ity depends on the orien-tation of the rotation axis with respe
t to the observer. No e�e
ts of rotation 
an forexample be measured if the axis points dire
tly to the observer. Therefore, in most
ases, it is only possible to measure the proje
ted rotational velo
ity as vrot sin i where

i is the in
lination angle between the line of sight and the rotation axis.Another e�e
t 
hanging the line pro�le but not the equivalent width is given bythe ma
roturbulen
e. In the ma
roturbulent velo
ity ζ , one summarises large-s
ale(
ompared to the mean free path of photons), radial-tangential movements in thestellar atmosphere.There is still an ongoing dis
ussion in the literature on the nature of the ma
ro-turbulen
e. Conve
tion 
an be ruled out (in supergiants) due to the radiative natureof the atmosphere in massive stars. Lu
y (1976) suggested non-radial pulsations inA-type supergiants to be identi�ed with ma
roturbulen
e. This idea was re
entlysupported by Aerts et al. (2009) who 
ould mimi
 ma
roturbulent-like e�e
ts in linepro�les based on time series of syntheti
 spe
tra whi
h were 
al
ulated for variousphases during pulsations.

37





5 Stru
ture and Evolution of GalaxiesIn order to understand the role of the Small Magellani
 Cloud in the general pi
tureof the evolution of dwarf galaxies and to put the results of this work into the 
ontextan overview of the stru
ture and evolution of galaxies is given.5.1 Basi
 Galaxy Classi�
ationA basi
 
lassi�
ation of galaxies was �rst proposed by Hubble in 1926 (with furtherimprovement later on). Solely based on their morphology (in blue 
olours), galaxiesare 
lassi�ed a

ording to the so-
alled Hubble sequen
e as depi
ted in Fig. 5.1.Although this sequen
e is not a priori an evolutionary sequen
e, the galaxy types onthe left are referred to as �early types� and the ones on the right as �late types�.The basi
 distin
tion is made between ellipti
al galaxies (E) without any promi-nent features su
h as dust bands or bright stars and spiral galaxies (S). Both groupsare �
onne
ted� by the lenti
ular galaxies (S0).The ellipti
als are further 
lassi�ed by their (apparent) �atness from E0 to E7with smaller numbers indi
ating a more 
ir
ular shape. The spirals are distinguishedbased on the presen
e (SB) or absen
e (S) of a bar. They exhibit a 
entral bulgewhi
h is stru
turally similar to an ellipti
al as well as a dis
 (like in an S0 galaxy)
onsisting of stars and gas. A further sub-
lassi�
ation is made as S(B)a, S(B)b, andS(B)
 with later types showing a smaller 
entral area and a more deli
ate stru
tureof the spiral arms. Dis
s of lenti
ulars are not stru
tured, i.e. they do not show spiralarms.In addition to these, systems showing no rotational symmetry or spiral arms arede�ned as irregular galaxies (Irr). Both Magellani
 Clouds are examples for irregulars.Ellipti
al galaxies show a brightness distribution whi
h may be approximated(pretty well in most 
ases) by formula of the kind
I(R)

I0
=

1

(1 + R
Rc

)2
or (5.1)

I(R)

Ie
= exp

(

−7.67

[

(

R

Re

)
1

4

− 1

]) (5.2)where R is measured along the major axis, I0 is the 
entral intensity, Rc is thedistan
e from the 
enter where the brightness is down to 0.25 I0, Re is the radiuswithin whi
h half of the luminosity of the system is emitted and Ie is the surfa
ebrightness at this position. Population synthesis indi
ates that stars in ellipti
algalaxies formed in a narrow time interval. They 
onsist mainly of old stars with mostof their light emitted by red giants. The interstellar medium in ellipti
als 
ontainsvery little amounts of gas or dust whi
h would be visible as emissions of H ii regionsor as absorption bands. Although small amounts of gas have been dete
ted in thosegalaxies, no noteworthy star formation is going on in these systems.Ellipti
als show a 
olour�luminosity relation indi
ating that brighter galaxies arealso redder and a de
reasing metalli
ity with lower brightness. The statisti
al move-39



5 STRUCTURE AND EVOLUTION OF GALAXIES

Figure 5.1: Hubble sequen
e for 
lassi�
ation of galaxies. (This image is based on the image�The Hubble sequen
e: 
lassi�
ation of galaxies� from �de.wikipedia.org� and was publishedunder the GNU li
ense for free do
umentation, author: Ville Koistinen; image was 
olourinverted for printing.)ment of the stars is more important than a large-s
ale rotation around some axiswhi
h means that ellipti
al galaxies are supported by the pressure of the �star gas�.Spiral galaxies, in 
ontrast, are mainly shaped by an ordered rotation of diskand bulge. Moreover, there is still a 
onsiderable amount of interstellar gas present(
on
entrated in the plane) whi
h is 
ompressed and expanded by density waves (aninterpretation of the spiral arms) triggering the formation of new stars. The spiralarms thus 
ontain many young/blue stars and are the main sites for the ongoing starformation in these galaxies. The brightness distribution of the galaxy dis
 des
ribedby an exponential de
line in radial dire
tion
I(R) = I0 · e−

R
Rd (5.3)where Rd is 
alled the s
ale length.The intensity of the dis
 is also de
lining exponentially perpendi
ular to the plane

I(z) = I0 · e−
z

zd . (5.4)The s
ale height zd depends of the type of obje
ts ranging from <100 p
 for gasand dust to more than 1000 p
 for the oldest stellar populations, the so-
alled thi
kdis
.The Magellani
 Clouds (MCs) are the prototypes of irregular galaxies. There isstill a signi�
ant amount of gas in the MCs, espe
ially in the SMC where the gasis distributed in a very 
omplex way � probably due to the gravitational intera
tion40



5.2 Prin
iples of Gala
ti
 Evolution Theoryof both the Large Magellani
 Cloud and the Milky Way. Previous studies found ametalli
ity of ∼1/5 solar implying a di�erent history of star formation and 
hemi-
al enri
hment than in the Milky Way (see Se
t. 9 for a deeper dis
ussion). BothClouds still 
ontain young stars and young globular 
lusters in addition to an olderpopulation.It is worth mentioning here that the Hubble 
lassi�
ation only provides a some-what limited view on the galaxy 
lassi�
ation. The Hubble sequen
e is limited toobservations in the visual while galaxies may show pronoun
ed di�eren
es in the UV(e.g. from star formation) or in the X-ray (e.g. high energy phenomena in the 
entralregion su
h as a
tive gala
ti
 nu
lei) and the radio (e.g. 
old gas in H i regions thatextends mu
h further out as it does not form stars). Nevertheless, the Hubble typesare still 
ommonly used and give a good �rst impression on the overall stru
ture.5.2 Prin
iples of Gala
ti
 Evolution TheoryIn order to develop a basi
 understanding of the predi
tions of gala
ti
 evolution the-ory, the basi
 prin
iples behind the models shall be brie�y explained. The (
hemi
al)evolution of a galaxy is 
losely related to the evolution of many generations of itsstars. The star formation history (SFH) is the evolution with time of the amount ofstars (i.e. their total mass) formed � de�ned as the star formation rate SFR � andtheir initial 
hemi
al 
omposition � des
ribed via the age metalli
ity relation AMR.The star formation history may thus be expressed as
Υ = Υ(Ψ(t), Φ(t)) (5.5)where Ψ(t) is the SFR and Φ(t) the AMR. Of 
ourse, the star formation rate andthe age metalli
ity relation will a�e
t ea
h other with every new generation of starseje
ting their nu
lear-pro
essed matter into the interstellar medium during supernovaexplosions or strong stellar winds in evolved stages.In order to tra
e the 
hemi
al evolution of a galaxy through the 
hemi
al evolutionof its matter in gas and stars by means of stellar evolution theory, we further needto know the distribution fun
tion of stellar masses at birth, the initial mass fun
tion(IMF) des
ribing the number of stars (dn) born with a mass between M and M +dM :

dn

dM
= CM−x (5.6)where C is a normalisation 
onstant. This relation is known as Salpeter's law with

x = 2.35. Re
ent investigations (Kroupa 2001) 
on�rm x ≈ 2.35 for M ≥ 0.5 M⊙whereas for 0.1 ≤ M/M⊙ < 0.5, x seems to be smaller (around 1.3). Anyway, theresults imply that star formation favours low-mass stars. Moreover, the IMF appearsto be quite universal (Kroupa 2001).Following Salaris & Cassisi (2008), the evolution of the total mass M(t) of thegalaxy negle
ting possible dark matter is then des
ribed as41



5 STRUCTURE AND EVOLUTION OF GALAXIES
M(t) = g(t) + s(t) (5.7)

dM(t)

dt
= F (t) − E(t) (5.8)where g(t) and s(t) are the amount of matter in the interstellar gas or in starsrespe
tively and F (t) and E(t) are the rates of a

retion of matter from outside thesystem and the eje
tion of matter out of the system, respe
tively.With eje
tion of gas from the stars due to any possible pro
ess (winds, explosionsas provided by stellar evolution models) e(t) the evolution of the mass in gas andstars is then

dg(t)

dt
= F (t) − E(t) + e(t) − Ψ(t) (5.9)

ds(t)

dt
= Ψ(t) − e(t). (5.10)The time evolution of the mass fra
tion Xi(t) of a (non-radioa
tive) element i isthen given as

dg(t)Xi(t)

dt
= eXi

(t) − Xi(t)Ψ(t) + XF
i (t)F (t) − Xi(t)E(t) (5.11)where eXi

(t) is the total mass of the element i eje
ted from stars, Xi(t)Ψ(t) themass lo
ked into stars in star formation, XF
i (t)F (t) is the addition of mass fromin�owing material into the system and Xi(t)E(t) the mass loss due to eje
tion out ofthe system.Some insight in the 
hemi
al evolution of galaxies 
an already be gained by 
onsid-ering the `Simple' model with instantaneous re
y
ling des
ribed by four assumptions:(1) The system is isolated allowing no in�ow or out�ow of matter:

F (t) = E(t) = 0 → M(t) = M = const. (5.12)(2) The system starts with all the matter in the gas phase:
g(0) = M (5.13)(3) The system is well mixed at all times implying that the abundan
es are thesame in the gas as well as in newly formed stars(4) The delay between the formation of a generation of stars and the inje
tion ofthe nu
lear pro
essed matter inside the stars into the interstellar medium isnegligible (so-
alled instantaneous re
y
ling). At least for the supernova typeII explosions of short-lived massive stars, this is a good approximation.42



5.2 Prin
iples of Gala
ti
 Evolution TheoryThe yield pi is de�ned as the mass ratio for an element i that is produ
ed in anew generation of stars divided by the mass that remains lo
ked up in obje
ts su
h aswhite dwarfs or neutron stars. 10−1 − 10−2 are typi
al values for pi whi
h is assumedto be 
onstant over the many generations of stars. Furthermore, Zi is de�ned as thetotal mass of an element i

Zi = Xi · g (5.14)The 
hange in Zi, δZi when forming a new generation of stars is � due to instan-taneous re
y
ling approximation � given by
δZi = piδs − Xiδs (5.15)where δs is the mass lo
ked up in the stellar remnants. This equation a

ountsfor a positive 
ontribution due to pro
essed material re-inje
ted into the interstellarmedium and a negative 
ontribution from the lo
ked matter.The abundan
e 
hange of Xi is then

δXi = δ

(

Zi

g

)

=
δZi

g
− Zi

g2
δg =

1

g
(δZi − Xiδg) (5.16)Combining this with Eqn. 5.15 and the 
ondition for a 
losed system,

δs = −δg (5.17)we �nd
δXi =

1

g
(piδs − Xiδs − Xiδg) = −pi

δg

g
. (5.18)Integration assuming a 
onstant pi yields

Xi(t) − Xi(0) = pi · ln
(

g(0)

g(t)

) (5.19)This leads already to an interesting 
onsequen
e. As g(0) is the total mass Min the Simple model, one 
an see that the mass fra
tion Xi of an element i is in-
reasing with de
reasing interstellar gas. This result is expe
ted as the massive starsformed out of the interstellar medium eventually return some enri
hed matter intothe medium while some fra
tion of the gas mass stays lo
ked up into low-mass obje
tsleading all in all to a de
rease of gas. In detail, the yields will highly depend on stellar
hemi
al evolution (as well as on the SFR and AMR).So far, the dis
ussion was restri
ted to whole systems where the quantities men-tioned here are interpreted as mean quantities over the whole system. For inhomoge-neous systems (su
h as most galaxies where abundan
e gradients have been observed),the system 
an be divided into small volume elements with the equations applied tothese individually. In that 
ase, one must also des
ribe or make assumptions to mix-ing pro
esses. Closed box models are in use as well as dynami
al models allowing formass ex
hange between the di�erent regions.43



5 STRUCTURE AND EVOLUTION OF GALAXIESThe Simple model provides a good basi
 understanding is already 
apable of �qualitatively � explaining basi
 aspe
ts observed su
h as abundan
e patterns. How-ever, for a good quantitative des
ription, some assumptions of the Simple modelmust be dropped. In the following, several predi
tions made by these models arepresented and a way to pin down the a priori unknown SFR and AMR of a systemfrom observations is dis
ussed.5.3 Examples for Model Predi
tions and Observational Constraints5.3.1 Determination of Star Formation Rates and Age�metalli
ity relations (inthe SMC)A powerful way to determine the star formation rate and the age�metalli
ity relationfor a system (over the history of this system) is to observe a 
olour magnitude diagram(CMD), similar to the Hertzsprung-Russell diagram as des
ribed in Se
t. 2.1.2 bute.g. plotting V versus V − I (see Fig. 5.2).The main idea then is to model the observed distribution of (many!) stars in theCMD based on a set of elementary stellar populations 
al
ulated for various ages
t and metalli
ities Z. Many linear 
ombinations of su
h populations ea
h of themforming a syntheti
 CMD are then 
ompared to the observation. The parameters �meaning the time-dependent SFRs and AMRs � of the best �tting 
ombined syntheti
population should then represent the real star formation history of the system.For example, from the CMD in Fig. 5.2 it is already 
lear that there must havebeen subsequent phases of star formation due to presen
e of both evolved red giantsand more massive young stars on the main sequen
e.Harris & Zaritsky (2004) �nd a quite pronoun
ed epo
h of star formation duringthe earliest phases more than 8.4Gyr ago followed by a more quies
ent epo
h andthen more or less 
ontinuous star formation from 3Gyr ago to the present. Figure 5.4indi
ates that the SMC metalli
ity remained quite low up to ∼3Gyr ago followed bya steady enri
hment to the present-day value of about 1/5 solar.In similar studies, Chiosi & Vallenari (2007) �nd a low rate of star formationuntil 6Gyr ago and after that two main periods of pronoun
ed star formation around3−6Gyr and around 0.3−0.4Gyr ago. Noël et al. (2009) �nd two main phases of starformation throughout the SMC at ∼10Gyr and ∼5Gyr ago as well as young starformation in eastern and most 
entral �elds.5.3.2 Element Ratios in Various EnvironmentsRelative abundan
es of the elements may be di�erent depending on the environment.Therefore, abundan
e patterns other than the solar one (e.g. Grevesse & Sauval 1998)may arise. For example, elements primarily produ
ed in supernovae type II explosionsof massive stars are supposed to be distributed relatively early into the interstellarmedium due to the fast evolution of these stars. The ratio of su
h an element withrespe
t to elements whi
h are produ
ed more slowly is thus expe
ted to vary withthe age of a system. 44



5.3 Examples for Model Predi
tions and Observational Constraints

Figure 5.2: Example for 
olour�magnitude diagrams (CMD) from photometry of ∼6 millionstars in the Small Magellani
 
loud (from Harris & Zaritsky 2004). The red giants (�
lump�,RGB) 
an be better distinguished at visual and infrared wavelengths (V and I).For example, Fig. 5.5 (left) shows the S/O ratios with respe
t to oxygen abundan
efor various Gala
ti
 and extragala
ti
 H ii regions. The results are 
onsistent withyield ratios whi
h are 
onstant (and solar) with respe
t to 
hanging O abundan
e andthus also with respe
t to the age of the system. This indi
ates that the formationof oxygen and sulfur is 
onne
ted. In 
ontrast, Fig. 5.5 (right) implies that the C/Oratio varies with metalli
ity whi
h is likely due to strong mass-loss from high- andintermediate-mass stars.The abundan
es of all (/most) metals in
rease with the age of a system throughmore and more generations of stars whi
h eje
t their nu
lear pro
essed material en-ri
hed with metals into the galaxy. Thus, many elements are suitable in order toserve as a �
lo
k� for measuring the age of the system. However, also due to the goodobservability of iron (lines), iron is mostly used to parameterise the age of a systemor of parts of that system. 45



5 STRUCTURE AND EVOLUTION OF GALAXIES
Figure 5.3: Star formationrate as a fun
tion of time asdedu
ed from �tting 
ombi-nations of CMDs of syntheti
populations for various timesand metalli
ities to the obser-vation in Fig. 5.2 (from Harris& Zaritsky 2004). The �gureshows two time intervals forbetter presentation. The timeaxis runs from small to largeages of the system where anage zero 
orresponds to stars
urrently forming.

Figure 5.4: Age�metalli
ityrelation as a fun
tion of timeas dedu
ed from �tting 
ombi-nations of CMDs of syntheti
populations for various timesand metalli
ities to the obser-vation in Fig. 5.2 (from Har-ris & Zaritsky 2004). Thederived AMR is shown bythe small points 
onne
tedstraight lines. Overplottedare observational results fromstar 
lusters and other ob-je
ts, see Harris & Zarit-sky (2004) for a detaileddis
ussion.
46



5.3 Examples for Model Predi
tions and Observational Constraints

Figure 5.5: Left : S/O ratio vs O/H in Gala
ti
 and extragala
ti
 H ii regions (fromPagel 1997, see Pagel 1992). Right : C/O ratio vs O/H in Gala
ti
 and extragala
ti
 H iiregions (from Pagel 1997, see Garnett et al. 1995).Figure 5.6 shows su
h a plot of abundan
es from multiple elements (oxygen and
α-elements) with respe
t to the iron abundan
e whi
h is then interpreted as a kind oftime axis (with model �ts, from Pagel 1995). The results imply that for a young sys-tem or for parts of the system whi
h formed early (low [Fe/H℄ values) the elementalabundan
e is quite 
onstant. From [Fe/H℄&−1 on, the abundan
es (from observa-tions and from the models) relative to iron start to de
rease � rather fa
titious in the�t due to the relatively simple models. This behaviour is explained by the signi�
antiron 
ontribution from SNIa whi
h appear relatively late in the history of the system(at high [Fe/H℄) due to an delay by the evolution time of their progenitor stars.In prin
iple, the shape of the theoreti
al 
urves of [X/Fe℄ vs [Fe/H℄ as in Fig. 5.6may give some good indi
ations on the star formation history of the system as illus-trated in Fig. 5.7. Suppose the star formation happened relatively fast 
ompared tothe solar neighbourhood (denoted S.N. in the �gure) as it may be the 
ase in the
entral bulge of the Milky Way this means that there is a lot of 
ontribution of metalenri
hment from the massive stars before the low-mass stars may inje
t the quitestrongly iron-enri
hed material in SNIa explosions. Therefore, the [Fe/O℄ stays higheven at high [Fe/H℄. In 
ontrast, if star formation happens on mu
h longer times
alesor if the star formation is 
on
entrated in bursts giving the low-mass stars more timeto evolve and 
ontribute to the metal (iron) 
ontent, the [X/Fe℄ is de
reased earlier.This may apply to the Magellani
 Clouds as indi
ated.However, the abundan
es derived from observations are usually not pre
ise enoughin order to 
onstrain the SFH. Moreover, the shape of su
h 
urves may also be in�u-en
ed by matter eje
ted from the system in gala
ti
 winds or in�ow from outside thesystem. For the Magellani
 Clouds, stripping of material through the tidal intera
tionwith ea
h other and with the Milky Way may lead to su
h e�e
ts.5.3.3 Abundan
e GradientsEquation 5.19 from the Simple model predi
ts another interesting feature when it isapplied lo
ally to various divisions of a system/galaxy into small volume elements.47



5 STRUCTURE AND EVOLUTION OF GALAXIES

Figure 5.6:Fits ofelement-to-iron ratiosin the MilkyWay fromPagel (1995).The ob-servationalpoints 
omefrom varioussour
es asindi
atedtherein. Themetal-weakobje
ts (withsmall [Fe/H℄values) aremostly lo-
ated inthe Gala
ti
thi
k dis
.
Figure 5.7: Predi
ted[O/Fe℄ vs [Fe/H℄ rela-tions in di�erent environ-ments (from Pagel 1997,see Matteu

i 1991). Thehorizontal line stands forsolar [O/Fe℄. 48



5.3 Examples for Model Predi
tions and Observational Constraints

Figure 5.8: Gala
ti
 abundan
e gradients for O, Mg, Si, S, Ca, Ti, Mn, Co, Ni, and Fe (fromCes
utti et al. 2007). The lines show predi
tions from their Milky Way evolution modelswhile the points represent observations 
ompiled from a large number of obje
ts from varioussour
es (in
luding Cepheids, OB stars, red giants, and open 
lusters; see Ces
utti et al. 2007and referen
es therein for further information).For higher (lo
al) gas masses g(0) and thus densities one expe
ts a higher star for-mation rate 
onsuming the gas faster (smaller g(t)) and thus a higher yield of metalabundan
es through fusion pro
esses in stars. Therefore, when applied to galaxies,this means that in the denser parts of a galaxy whi
h lie usually 
loser to the 
enterthe metal abundan
e should also be higher resulting in abundan
e gradients. Su
h abehaviour of de
reasing metal abundan
es with in
reasing distan
e from the gala
ti

enter is observed in many galaxies � mainly in (the dis
s) of spiral galaxies as ourown Milky Way.A ni
e 
omparison of gala
ti
 evolution theory with a large number of observationsfor the Milky Way was made by Ces
utti et al. (2007) as shown in Fig. 5.8. Theyderive gradients of ∼ 0.05 dex/kp
 quite 
onsistently for all elements (ranges from4 to 14 kp
 
onsidered). However, there is still dis
ussion in the literature on thestrengths of these gradients and a possible dependen
e on the 
onsidered spe
ies andon time.Theories des
ribing these abundan
e patterns and the overall stru
ture of theMilky Way (
onsisting of a 
entral bulge, a spheri
al halo, as well as of a thin anda thi
k dis
) usually have to in
lude several aspe
ts su
h as in�ow from outsidethe Galaxy as well as the assimilation of dwarf galaxies by the Milky Way in orderto explain the observations. However, new models by S
hönri
h & Binney (2008)agree with the observations without large 
ontributions from these e�e
ts. They sug-gest instead that radial mixing plays an important role in gala
to
hemi
al evolutionthrough �blurring� (radial migration) and �
hurning� (pla
e 
hange without movingto e

entri
 orbits). 49





6 Observational DataThis se
tion gives an overview of the 
hara
teristi
s of the targets studied in thepresent work and the parameters of the 
orresponding observations made in order toobtain the high-quality spe
tra. These form the basis for the detailed quantitativespe
tral analysis (Se
t. 7). The se
ond part of the 
urrent se
tion will summarise thesteps ne
essary in order to 
onvert the raw data into a form suitable for analyses (theso-
alled data redu
tion).6.1 Overview of the SampleThirty-eight supergiants of spe
tral types B and A (BA supergiants) 
ould be inves-tigated in this analysis. The sample stars were mainly sele
ted based on the SMCstar 
atalogue of Azzopardi & Vigneau (1982). The targets were sele
ted from thoseobje
ts whi
h were assigned spe
tral types of B5 to A5 and a luminosity 
lass ofI. Furthermore, only stars with apparent visual magnitudes V brighter than 13.0were 
onsidered as the planned investigations required high-quality data whi
h againdemand enough �ux from ea
h obje
t.The observational data for the quantitative analysis are high-resolution spe
trafrom the Fiber-fed Extended Range Opti
al Spe
trograph (FEROS, Kaufer 1999)with a resolving power of R = λ/∆λ ∼ 48 000 allowing for pre
ise investigations ofspe
tral line pro�les. Moreover, the spe
tra 
over a wavelength range of ∼ 3500 −
9200Å whi
h makes it possible to study a large number of spe
tral lines of many(ioni
) spe
ies.Fifteen targets were observed in 1999 when FEROS was atta
hed to the 1.52m-teles
ope and 23 in 2006 at the 2.2m-teles
ope, both in La Silla. The a
quisitionof the 1999 data was planned and 
arried out by N. Przybilla. In order to do thequantitative analysis at the intended a

ura
y, a signal-to-noise ratio (S/N) of ∼ 100throughout most of the spe
tral range is ne
essary and thus exposure times of & 1h.The fainter targets were thus observed with longer exposure times. For the faintertargets observed in 2006, this required multiple observations as ea
h observation waslimited by ESO to ≤ 1h. Stars observed in 1999 
ould be handled in one run as theone hour limit did not apply then and as these stars are generally brighter than theones observed in 2006.The lo
ation of the targets in the plane of the sky within the SMC is illustratedby Figs. 6.1 and 6.2. Where available, star designations as given by Azzopardi &Vigneau (1982) are employed.Figure 6.1 ni
ely shows the relative positions of the targets within the SMC by
omparing the plotted 
oordinates (lower part) with a photograph (upper part) of analmost identi
al se
tor in the sky. Three targets (SK194, SK196, and SK202) are toofar eastward (left, at higher right as
ension α) for the displayed range.Figure 6.2 presents all the targets, and this time in a more spa
e-saving manner.The four obje
ts further in the SMC wing are shown in an inset into the plot of themain SMC region. From now on, Fig. 6.2 will be the standard frame for plotting thesample stars with respe
t to their position in the sky.51



6 OBSERVATIONAL DATA

Figure 6.1: Upper panel : Photograph of the Small Magellani
 Cloud by Stéphane Guisard(as taken from �http://apod.nasa.gov/apod/ap071001.html�), rotated by 180◦. The so-
alled SMC wing extends (up) left towards the dire
tion of the LMC. The bright spheri
alobje
ts up and right are NGC362 and NGC104 (=47Tu
) respe
tively � two globular
lusters still lying in our own Galaxy in front of the SMC. Lower panel : Lo
ation of (most)stars of our sample a

ording to their J2000 
oordinates. The range was 
hosen so that it
oin
ides best with the photograph, however, there is a slight warp between the �gures dueto δ 6= 0. Four stars lying further in the SMC wing (larger α) are missing in this frame.The 
ross denotes the 
enter of the SMC as inferred from the Simbad database at CDS.52



6.1 Overview of the Sample

Figure 6.2: Similar to Fig. 6.1, lower panel. The 
oordinate ranges were modi�ed andan additional sub-frame shows the three supergiants omitted in Fig. 6.1. This will be thestandard 
oordinate frame when further stellar quantities are plotted with respe
t to thelo
ation of the stars in the SMC.Table 6.1 summarises basi
 
hara
teristi
s of the sample stars su
h as spe
tral typeas well as observed magnitudes and 
olours. Moreover, it gives a detailed overviewof the underlying observational material of ea
h target su
h as the date of the obser-vation, the respe
tive exposure time (Exp. T.), the S/N, and the radial velo
ity vrad(see also Se
t. 6.2). If more than one observation with FEROS was required in orderto meet the desired S/N (in the 2006 data), multiple entries in the date, exposuretime, and S/N 
olumn are given. In this 
ase, the S/N ratio refers to the spe
trumof the individual observation. At the end of the data redu
tion of the single spe
trathey 
an be 
ombined to one �nal spe
trum with thus in
reased S/N.53



6OBSERVATIONALDATA

Table 6.1: Observational summary of the sample stars. Coordinates are adopted from the Simbad database at CDS. Thesour
es for photometry and spe
tral 
lassi�
ation are given: (1) Massey (2002), (2) Ardeberg & Mauri
e (1977), (3) Arde-berg (1980), (4) Udalski et al. (1998), (5) Lee et al. (2005), (6) Azzopardi et al. (1975), (7) Azzopardi (1981), (8) Sand-uleak (1968), (9) Humphreys (1983). Most of the photometry sour
es employ photoele
tri
 measurements. Only (1) and (4)use CCD photometry. Explanation of notes: PI=pressure inversion in the �nal model (see Se
t. 7.1), LBV=star is a knownluminous blue variable.Obje
t α(J2000) δ(J2000) Sp.T. V B − V # Date(s) Exp. S/N vrad Phot. Note(Sr
.) ∆ ∆ obs. (dd.mm.jjjj) T. (s) km s−1 Sr
.AV2 00:43:11.6347 -73:23:10.814 B6Iae 11.99 0.04 2 08.09.2006 2350 66 99 (2)(2) ±0.01 ±0.00 08.09.2006 2350 66AV20 00:47:29.21 -73:01:37.4 B8Ia 12.12 0.29 2 08.09.2006 2350 63 163 (3)(7) ±0.01 ±0.01 08.09.2006 2350 48AV22 00:47:38.75 -73:07:48.4 B2Ia 12.225 -0.015 2 09.09.2006 2550 69 140 (4)(7) ±0.025 ±0.039 09.09.2006 2550 64AV56 00:49:51.27 -72:55:45.2 B2Ia 11.15 0.00 1 20.11.1999 3400 105 140 (2)(2) ±0.01 ±0.00AV76 00:50:31.5815 -73:28:42.583 A0Ia 11.19 0.10 1 17.11.1999 4000 86 170 (2)(2) ±0.01 ±0.00AV98 00:51:24.5977 -72:22:58.592 B9Ia 11.45 0.06 1 09.09.2006 3180 90 163 (2)(2) ±0.01 ±0.00AV105 00:51:41.24 -72:28:06.7 A0Iab 12.22 0.04 2 10.09.2006 2650 70 159 (3)(7) ±0.01 ±0.01 10.09.2006 2650 71AV110 00:51:51.986 -72:44:13.57 A0Ia 12.08 0.07 3 01.10.2006 2400 60 152 (3)(7) ±0.01 ±0.01 22.09.2006 2400 5201.10.2006 2400 60AV136 00:52:51.2374 -73:06:53.632 A0Ia 10.97 0.13 1 16.11.1999 2800 106 146 (2)(2) ±0.01 ±0.00SK56 00:53:04.8879 -72:38:00.150 B8.5Ia 10.87 0.04 1 20.11.1999 2700 86 148 (2)(2) ±0.01 ±0.01
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6.1OverviewoftheSample

Table 6.1: Observational summary of the sample stars (
ontinued).Obje
t α(J2000) δ(J2000) Sp.T. V B − V # Date(s) Exp. S/N vrad Phot. Note(Sr
.) ∆ ∆ obs. (dd.mm.jjjj) T. (s) km s−1 Sr
.AV151 00:53:59.38 -72:45:59.5 B5Ia 12.26 -0.02 2 01.10.2006 2650 54 117 (1)(7) ±0.01 ±0.01 01.10.2006 2650 63AV152 00:54:03.21 -72:31:44.7 A3Iab 11.86 0.17 2 24.09.2006 2110 92 140 (2) PI(2) ±0.01 ±0.01 24.09.2006 2110 86AV200 00:58:07.90 -72:38:30.5 OB 12.17 0.07 2 01.10.2006 2300 47 177 (2)(8) ±0.01 ±0.01 01.10.2006 2300 51AV205 00:58:23.26 -72:21:34.9 A2Ia 12.32 0.12 2 02.10.2006 2650 59 169 (1)(7) ±0.01 ±0.01 02.10.2006 2650 67AV211 00:58:41.2226 -72:26:15.548 A0Ia 11.52 0.10 1 18.11.1999 5000 99 174 (2)(2) ±0.01 ±0.00AV254 01:00:40.756 -71:32:30.28 A3Ia 11.62 0.14 4 10.09.2006 2100 37 174 (2) PI(2) ±0.01 ±0.00 10.09.2006 2100 7510.09.2006 2100 7710.09.2006 2100 88AV269 01:01:15.65 -72:32:36.9 A1Ia 11.41 0.13 1 19.11.2006 4500 90 153 (2) PI(2) ±0.01 ±0.00AV270 01:01:17.0034 -72:17:31.135 A0Ia 11.42 0.03 1 17.11.1999 4800 87 117 (2)(2) ±0.01 ±0.01AV273 01:01:27.43 -72:07:06.1 A1Ib 12.16 0.07 2 03.10.2006 2550 71 118 (2)(7) ±0.01 ±0.01 03.10.2006 2550 87AV297 01:02:09.80 -72:00:23.3 B7Ia 12.10 -0.03 2 11.09.2006 2550 58 169 (1)(7) ±0.00 ±0.00 11.09.2006 2550 69AV298 01:02:12.23 -72:02:51.7 A0Iab 12.47 0.03 4 13.09.2006 3050 41 156 (1)(7) ±0.01 ±0.01 05.10.2006 3050 4913.09.2006 3050 3005.10.2006 3050 51
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6OBSERVATIONALDATA

Table 6.1: Observational summary of the sample stars (
ontinued).Obje
t α(J2000) δ(J2000) Sp.T. V B − V # Date(s) Exp. S/N vrad Phot. Note(Sr
.) ∆ ∆ obs. (dd.mm.jjjj) T. (s) km s−1 Sr
.AV315 01:02:49.6050 -72:10:14.443 B9Ia 10.90 0.06 1 17.11.1999 3000 68 151 (2)(2) ±0.01 ±0.00AV338 01:03:43.05 -72:15:29.9 A0Iab 12.54 0.03 2 05.10.2006 3050 49 159 (1)(2) ±0.00 ±0.00 05.10.2006 3050 48AV347 01:04:12.2636 -71:52:03.279 A0Ia 12.13 0.00 2 05.10.2006 2500 68 149 (2)(7) ±0.01 ±0.01 05.10.2006 2500 57AV362 01:04:49.351 -72:06:21.79 B3Ia 11.36 -0.02 1 20.11.1999 4900 112 198 (2)(2) ±0.01 ±0.00AV367 01:04:52.908 -72:08:36.71 B7Ia 11.22 0.07 1 16.11.1999 3800 100 192 (2)(2) ±0.01 ±0.01AV382 01:05:27.4813 -72:48:15.007 B8Ia 11.41 0.06 1 18.11.1999 4600 84 156 (2)(2) ±0.01 ±0.01AV392 01:05:57.941 -71:19:13.62 A3Ib 12.57 0.03 3 11.09.2006 3050 56 184 (6)(7) ±0.01 ±0.01 11.09.2006 3050 5111.09.2006 3050 60AV399 01:06:08.96 -72:24:08.9 B7Ib 12.33 0.01 2 05.10.2006 2850 55 141 (1)(7) ±0.01 ±0.01 05.10.2006 2850 52AV415 01:07:18.2179 -72:28:03.658 B9Iae 10.52 0.10 1 18.11.1999 2000 97 171 (2) LBV(2) ±0.00 ±0.00 PIAV442 01:08:56.854 -73:02:34.25 A3Ia 11.35 0.13 1 19.11.1999 4200 77 191 (2) PI(2) ±0.01 ±0.01AV443 01:09:03.9511 -72:32:17.649 B3Ia 10.97 -0.06 1 20.11.1999 3200 87 247 (2)(2) ±0.01 ±0.00
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6.1OverviewoftheSample

Table 6.1: Observational summary of the sample stars (
ontinued).Obje
t α(J2000) δ(J2000) Sp.T. V B − V # Date(s) Exp. S/N vrad Phot. Note(Sr
.) ∆ ∆ obs. (dd.mm.jjjj) T. (s) km s−1 Sr
.AV463 01:11:43.20 -72:07:27.6 A2Ib 12.10 0.09 4 13.09.2006 2600 38 164 (1)
±0.00 ±0.00 05.10.2006 2600 5613.09.2006 2600 2505.10.2006 2600 47AV478 01:14:21.6445 -73:12:44.805 A0Ia 11.54 0.10 1 16.11.1999 5000 91 175 (2) PI(2) ±0.01 ±0.01AV504 01:21:48.2352 -72:45:59.034 B9Ia 11.91 -0.03 2 09.09.2006 2100 77 145 (2)(2) ±0.01 ±0.01 09.09.2006 2100 86SK194 01:45:03.828 -74:31:32.49 B9Ia 11.74 0.02 1 01.09.2006 3195 81 172 (2)(2) ±0.01 ±0.01SK196 01:49:12.573 -74:00:37.060 B8Ia 12.04 -0.02 3 12.09.2006 2400 58 178 (2)(2) ±0.01 ±0.01 11.09.2006 2400 5212.09.2006 2400 69SK202 01:53:03 -73:55.5 B5I 12.32 -0.09 5 02.10.2006 2750 56 163 (2)(9) ±0.01 ±0.01 10.10.2006 2750 4512.09.2006 2750 5502.10.2006 2750 6010.10.2006 2750 39
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6 OBSERVATIONAL DATAFigure 6.3: Example of a rawspe
trum from the FEROSspe
trograph as employed inthis study. The (slightly
urved) horizontal di�ra
tionorders are 
learly visible.Darker regions within theseorders indi
ate spe
tral lines.Bright spots allover the CCD(mostly) 
orrespond to im-pa
ts of 
osmi
 rays.6.2 Data Redu
tionThe stellar spe
trum dire
tly obtained from the instrument, the so-
alled raw data,needs to be further pro
essed before a quantitative analysis. The exa
t steps ofthis data redu
tion vary from instrument to instrument. This se
tion shall give anoverview of the typi
al steps applied in the redu
tion of an E
helle spe
trum asprovided by the FEROS spe
trograph.Classi
al spe
trographs separate the wavelengths in one dimension. Therefore,the 
overed wavelength range or the resolution of the spe
trum are strongly limitedby the size of the CCD 
hip whi
h �nally dete
ts the light. Moreover, the full areaof the CCD 
hip is used rather ine�
iently. An E
helle spe
trograph provides animprovement in these respe
ts. Its grating produ
es a highly dispersed spe
trumin high and overlapping di�ra
tion orders. Ea
h order 
ontains a small part of thewhole spe
trum (e.g. some 180Å at a total 
overage from ∼3500 to 9200Å in the
ase of FEROS). The overlapping di�ra
tion orders are separated by an additionaldispersion element perpendi
ular to the distribution of the �rst grating. In this way,a �two-dimensional� spe
trum is produ
ed.Figure 6.3 shows an example of su
h a 2-D FEROS spe
trum. The bright (andslightly 
urved) lines are the various di�ra
tion orders pla
ed in this way by the se
onddispersion element. Several darker spots in these orders indi
ate spe
tral lines. Dueto the 
onstru
tion of the instrument the intensity varies between di�erent ordersand also within one order.With this quite 
omplex setup, E
helle spe
trographs are able to o�er both high-resolution and large wavelength 
overage while e�
iently using the CCD area andthus the limited observation time. The high resolution and large wavelength 
overageare a prerequisite for 
omprehensive and pre
ise quantitative analyses of e.g. 
hemi
alabundan
es in stars. However, E
helle spe
trographs usually imply a more 
omplexdata redu
tion than simple longslit spe
trographs. The individual steps are brie�ydis
ussed in the following.
• Bias. Converting the generated 
harges in the CCD to an ele
troni
 signalintrodu
es systemati
 e�e
ts 
aused by the dete
tor ele
troni
s. In order toremove this bias signal, a zero-se
onds-exposure is read out from the 
hip andsubtra
ted from the observation. 58



6.2 Data Redu
tion
• Dark 
urrent. Thermal ex
itation 
reates 
harges in the CCD whi
h are thenof 
ourse not the result of an illumination of star light. This e�e
t may bea

ounted for with images without light exposure. The dark 
urrent 
an alsobe redu
ed by 
ooling the dete
tor whi
h is done in the 
ase of FEROS (toabout −110◦C). Moreover, in 
ase of relatively bright targets su
h as the SMCsupergiants of the present work, the dark 
urrent is negligible. Therefore, darkexposures are not produ
ed for FEROS every day if not expli
itly demanded.Comparing redu
ed spe
tra with and without dark 
orre
tion revealed indeed nomeasurable di�eren
e for a sele
tion of stars. Thus, dark 
urrent was negle
tedin the data redu
tion.
• Flat �eld. Ea
h CCD pixel is supposed to show a (slightly) di�erent quantume�
ien
y and thus a di�erent sensitivity. Illuminating the dete
tor with a uni-form sour
e with a 
ontinuous spe
trum (su
h as a halogen lamp) � so-
alled�at �eld exposures � may a

ount for that. Moreover, �at �eld exposures 
anbe used to determine the lo
ation of the various di�ra
tion orders on the CCDand to 
orre
t for the Blaze fun
tion � an intensity distribution 
aused by thespe
trograph. Flat �eld exposures 
an be made by illuminating the dome orwith an internal lamp produ
ing a 
ontinuous spe
tral energy distribution. Flat�elds employed in this work all 
ome from an internal lamp.
• Order dete
tion and extra
tion. So-
alled guess �les whi
h are indi
ating thelo
ation of the 39 di�ra
tion orders on the CCD 
hip are provided for FEROS byESO. The �ux within these de�ned ranges is then summed up perpendi
ular tothe dire
tion of an order and 
onverted to a one-dimensional spe
trum. Duringthis pro
ess, it is possible to 
orre
t for 
osmi
s, bright spots (very few pixelswide) on the image due to the impa
t of 
osmi
 rays. Moreover, the pixelsbetween the orders 
an be used to subtra
t ba
kground 
ontributions.
• Wavelength 
alibration. The raw observation provides only information overthe intensity with respe
t to pixel position. In order to assign the wavelengthinformation to the position on the CCD, a spe
trum of a spe
ial lamp withwell-de�ned spe
tral lines is used (in 
ase of FEROS lamps with Th, Ar, andNe).
• Merging. The 39 one-dimensional parts of the spe
trum (from the 39 di�ra
-tion orders) are 
ombined to one single spe
trum 
overing the whole wavelengthrange. Most orders partly overlap, only at longer wavelengths there are wave-length ranges not 
overed at ∼8530 and at ∼8860Å .
• Normalisation. Comparing absolute �uxes is di�
ult for E
helle spe
trographsdue to loss of intensity at the slit (where light enters a spe
trograph) and itsrather 
omplex setup. Thus, only the relative �uxes shall be of interest in thepresent work and the observed spe
tral 
ontinuum (the spe
tral ranges withoutabsorption lines) is also normalised to one. This was done by manually �ttinglow-order polynomials (step by step) to ranges of about 150Å in the redu
ed(as des
ribed so far) and merged spe
trum.59



6 OBSERVATIONAL DATA

Figure 6.4: Examples for redu
ed (in
luding normalisation) spe
tra for stars with di�erentspe
tral types. No variations with the luminosity 
lass are plotted as most stars are of thesame luminosity 
lass Ia or Iab. Verti
al lines along the bottom mark spe
tral lines visible(depending on the spe
tral type). Short lines denote Ti ii lines. One 
an ni
ely see howhydrogen and most metal lines are getting weaker towards higher temperatures or earlierspe
tral types while the strength of the helium line(s) in
reases. The spe
tra are verti
allyshifted by 0.5 relative to ea
h other.
• Averaging. In 
ase multiple spe
tra were obtained from the same obje
t anaveraging to one spe
trum was performed. The individual (normalised) spe
trawere weighted with their squared S/N implying a higher 
ontribution of the�better� spe
trum. This step leads to a higher S/N of the 
ombined spe
trum.The S/N was 
al
ulated as the 1σ s
atter of the normalised observed 
ontinuumaround the mean value (=1) in a wavelength range devoid of spe
tral lines,typi
ally ∼ 4725 − 4730Å .
• Radial velo
ity 
orre
tion. The observed spe
trum is generally shifted in wave-length due to the radial velo
ity of the star (Doppler e�e
t). A 
ross 
orrelationof the observation with a syntheti
 spe
trum 
al
ulated at rest wavelengths isused to 
orre
t for this. The Balmer lines of hydrogen in the BA supergiantsof this work should be avoided for this 
omparison as they are very likely in�u-en
ed by the stellar wind, produ
ing asymmetri
 line pro�les unreliable for thispurpose.The data redu
tion was performed with the FEROS environment within the MI-DAS pa
kage. This pipeline is provided by ESO and allows almost automati
 
os-mi
s 
orre
tion, subtra
tion of bias 
urrent, �at�elding, wavelength 
alibration with60



6.2 Data Redu
tionbary
entri
 
orre
tion and merging of the E
helle orders. After that, the spe
tra weremanually normalised, averaged, and 
orre
ted for the radial velo
ity. In addition, the�nal observed spe
trum 
ould be averaged over three wavelength points as the reso-lution of the CCD dete
tor was better than the spe
tral resolution provided by thedispersive elements. This improves the S/N further.Examples for the thus obtained observed spe
tra are shown in Fig. 6.4. Severalspe
tra of SMC BA supergiants are plotted for stars with various spe
tral types.
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7 Quantitative Spe
tral AnalysisBasi
 atmospheri
 parameters su
h as e�e
tive temperature Teff , surfa
e gravity log g,mi
roturbulent velo
ity ξ, helium abundan
e n(He) (= NHe/(NH + NHe)) as well asproje
ted rotational velo
ity v sin i, ma
roturbulent velo
ity ζ , and stellar abundan
esare derived by 
omparing observed and syntheti
 spe
tra. This se
tion introdu
es themethod for 
al
ulating the syntheti
 spe
tra (the basi
 assumptions are dis
ussed inSe
t 4) as well as the spe
tral analysis strategy with whi
h parameters are derivedfrom observed spe
tra.7.1 Model Atmospheres and Syntheti
 Spe
tra Using a Hybrid non-LTEApproa
hAs explained at the end of Se
t. 4.3, deviations from the LTE approa
h have to bea

ounted for in order to redu
e systemati
 errors. However, the temperature-pressurestrati�
ation is often only little a�e
ted by deviations from LTE. This allows to use aso-
alled hybrid non-LTE approa
h, as illustrated in detail by Przybilla et al. (2006).In this approa
h, it is assumed that the atmospheri
 stru
ture is well des
ribed inLTE and only the line formation as well as the radiative transfer need spe
ial non-LTE treatment. This has been shown to be a good approximation for BA supergiantsand keeps the 
omputational e�ort at a modest level.Figure 7.1 provides an overview (of the non-LTE part) of the pro
edure to 
omputea syntheti
 spe
trum. The �rst step in this approa
h is to 
al
ulate the atmospheri
stru
ture, a so-
alled model atmosphere, in LTE. This is done with the ATLAS9routine developed by Kuru
z (1993), in the version of M. Lemke as obtained from theCCP7 library (http://

p7.dur.a
.uk/). Further modi�
ations (Przybilla et al. 2001b)allowed to over
ome model 
onvergen
e problems 
lose to the Eddington limit, whi
hturns out to be 
ru
ial in the 
ase of the supergiants.The ATLAS9 input 
onsists of the atmospheri
 parameters e�e
tive temperature
Teff , surfa
e gravity log g, mi
roturbulent velo
ity ξ, helium abundan
e n(He), and theoverall metalli
ity [M/H ]. Moreover, ATLAS9 needs so-
alled opa
ity distributionfun
tions (ODFs). ODFs in
lude tabulated opa
ities. They are an e�
ient methodin order to a

ount for the line-blanketing in a stellar atmosphere: the restri
tion ofthe photon �ux due to absorption lines leads to a steeper temperature gradient withba
kwarming and surfa
e 
ooling. Furthermore, the strong absorption of photonsin the UV range due to strong spe
tral lines leads to a re-distribution of photonstowards higher wavelengths a�e
ting the overall spe
tral energy distribution. TheODFs employed in this work by Kuru
z (1992) were 
al
ulated and tabulated forvarious metalli
ities and mi
roturbulen
es. Higher metalli
ities imply an enhan
ed
ontribution of the numerous metal lines to the opa
ity. Higher mi
roturbulen
e alsostrengthens the line blanketing e�e
t be
ause the spe
tral features be
ome stronger.Of 
ourse, the ODF should be 
onsistent with the �nal abundan
es and mi
roturbu-len
es derived for the stellar atmosphere.The LTE model atmosphere 
omputed with ATLAS9 provides then the distri-butions of e.g. temperature and pressure with depth. In order to keep the hybridnon-LTE approa
h justi�ed, the model atmosphere must be 
al
ulated down to depth63
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Figure 7.1: Illustration of the non-LTE 
al
ulations with DETAIL and SURFACE.points deep enough so that the radiation �eld is well des
ribed in LTE. Here, themodel atmospheres extend to a value of τROSS (Rosseland opti
al depth) of ∼ 180,whi
h is su�
ient.Another 
ru
ial input for the non-LTE 
al
ulations are various sets of atomi
 data.This in
ludes information on ex
itation energies and statisti
al weights for all relevantionisation stages as well as os
illator strengths and 
ross se
tions for ionisation andex
itation by photons and 
ollisions. Although vast amounts of atomi
 data arerequired for the non-LTE modelling, one might expe
t that all ne
essary informationis available be
ause atomi
 physi
s is a mature �eld of resear
h and well understood.However, this is not the 
ase and more di�
ulties arise as the atomi
 data must betested by 
omparison with observations and transformed into so-
alled model atomswhi
h 
an be read by the 
odes. Constru
ting su
h a model atom � even for a smallnumber of ionisation stages and for a limited parameter range � 
an easily requirethe work of a whole Ph.D. thesis. Fortunately, su
h well tested model atoms are64



7.1 Model Atmospheres and Syntheti
 Spe
tra Using a Hybrid non-LTE Approa
hTable 7.1: Non-LTE model atoms.Ion Sour
eH Przybilla & Butler (2004)He i Przybilla (2005)C i/ii Przybilla et al. (2001b), Nieva & Przybilla (2006, 2008)N i/ii Przybilla & Butler (2001)O i/ii Przybilla et al. (2000) 
ombined with Be
ker &Butler (1988), the latter with updated atomi
 dataMg i/ii Przybilla et al. (2001a)S ii/iii Vran
ken et al. (1996), with updated atomi
 dataTi ii Be
ker (1998)Fe ii Be
ker (1998)available for this work (see Table 7.1). Of 
ourse, the information on ionisationstates and transitions implemented in these model atoms de�nes the lines whi
h 
anbe investigated from the theoreti
al point of view.Model atmosphere and model atoms are then the input for 
omputing the non-LTEo

upation numbers of the various atomi
 levels. This is done by simultaneously solv-ing the equations for statisti
al equilibrium and radiative transfer (Eqs. 4.13 and 4.24)as depi
ted in the 
entral box of Fig. 7.1. The equation of statisti
al equilibrium mustbe solved for the o

upation numbers ni. However, the 
oe�
ients Rij depend onthe radiative pro
esses in the stellar atmosphere and thus on the spe
i�
 intensity
Iν . This in turn is obtained from the radiative transfer equation with 
oe�
ients κνand ǫν whi
h des
ribe the absorption and emission 
hara
teristi
s of the atmospheri
material. These are again a fun
tion of the o

upation numbers providing only aformal solution in the �rst pla
e.The problem needs to be solved with several iterations. The program used in thiswork, DETAIL (Giddings 1981; Butler & Giddings 1985; re
ently updated by K. But-ler), makes use of an a

elerated/approximate lambda iterations (ALI) approa
h inorder to solve the statisti
al equilibrium and the radiative transfer. For that, theintensity Iµν results from the sour
e fun
tion Sµν through the lambda operator :

Iµν = Λµν [Sµν ] (7.1)where µ indi
ates the dire
tion of radiation and ν the frequen
y. The problemwith the 
lassi
al lambda iteration is the slow 
onvergen
e of the 
al
ulations. Theidea behind the a

elerated lambda iterations is then to split the lambda operator as
In = Λ∗Sn + (Λ − Λ∗)Sn−1 = Λ∗Sn + ∆In−1 (7.2)where n indi
ates the n-th iteration step and Λ∗ is the approximate lambda op-erator (indi
es for dire
tion and frequen
y were omitted). This way, the intensityis expressed in terms of the sour
e fun
tion Sn (whi
h needs to be determined) andthe known ∆In from the previous iteration. Convergen
y is then obviously a
hievedwhen Sn = Sn−1. Good 
hoi
es for Λ∗ are diagonal forms de
oupling the depth de-65



7 QUANTITATIVE SPECTRAL ANALYSISpenden
e or tridiagonal from taking into a

ount only nearest neighbour intera
tions.See Rybi
ki & Hummer (1991) for details.In addition to model atmospheres and model atoms, DETAIL also needs elemen-tal abundan
es, mi
roturbulen
es, and ODFs as input. The reason for this is thatDETAIL o

upation numbers are usually 
al
ulated for ea
h atomi
 spe
ies sepa-rately in order to speed up the 
omputations. This is a reasonable assumption as
oupling between lines of di�erent atomi
 spe
ies is very small in the stars investi-gated. Nevertheless, the e�e
t of the omitted spe
ies on the opa
ity and thus onthe sour
e fun
tion needs to be a

ounted for whi
h is done by employing the samepre-tabulated ODFs as used in the LTE ATLAS9 
al
ulations.Hydrogen and helium are � by far � the most abundant elements in the atmo-spheres of the stars in this work and, therefore, need to be always a

ounted for asba
kground opa
ity in parallel with the parti
ular element under investigation.Finally, the o

upation numbers 
omputed with DETAIL are the basis for thelast step, the line formation 
al
ulations with SURFACE (Giddings 1981; Butler &Giddings 1985; re
ently updated by K. Butler). SURFACE uses a mu
h more so-phisti
ated line formation (i.e. broadening) treatment as implemented in DETAIL.SURFACE also requires mi
roturbulen
e, abundan
es, the model atmosphere, as wellas various atomi
 quantities as input parameters des
ribing me
hanisms of line broad-ening.After taking into a

ount the e�e
ts of radial velo
ity, proje
ted rotational velo
-ity, and ma
roturbulen
e (Se
t. 4.7) the syntheti
 spe
tra may be dire
tly 
omparedto the observation. Note that the spe
trograph 
auses an additional broadening of theobserved lines whi
h is a

ounted for as instrumental pro�le. It leads to an additionalGaussian broadening 
ontribution with width
σ(λ) = ∆λ · 1

2
√

ln 2
(7.3)where ∆λ is the resolution of the spe
trograph. With

v =
σ(λ)

λ
· c (7.4)the instrumental pro�le 
an be des
ribed in velo
ity spa
e via the Doppler formula.In the 
ase of FEROS, a value of 3.75 km s−1 is obtained.First of all, Fig. 7.2 summarises the basi
 idea for deriving stellar parameters.Syntheti
 spe
tra are 
al
ulated for an adopted set of parameters and 
ompared tothe observation. In order to improve the agreement between theory and observations,the parameters are altered until satisfying agreement is established. This 
an happeneither by (automati
ally) �tting a lot of syntheti
 spe
tra to the observation sear
hingfor the best χ2 or by 
al
ulating a few spe
tra based on edu
ated guesses on how asyntheti
 spe
trum will rea
t to parameter variations. Both approa
hes based on twosets of hybrid non-LTE models were used in this work to some extent.An extensive grid of syntheti
 spe
tra (as des
ribed in Kudritzki et al. 2008)
overing e�e
tive temperatures from 8300 to 15 000K and surfa
e gravities from 0.75to 2.70 dex gave a good starting point for the parameter determination. Although the66



7.1 Model Atmospheres and Syntheti
 Spe
tra Using a Hybrid non-LTE Approa
h

Figure 7.2: A basi
 s
heme for quantitative spe
tral analyses. The 
entral point is the
omparison of the observations with syntheti
 spe
tra 
al
ulated based on several assump-tions for a spe
i�
 set of parameters. The model parameters are altered until a satisfyingagreement is a
hieved.grid was also 
al
ulated for SMC metalli
ity, it is limited to a �xed helium numberfra
tion (0.09 at SMC metalli
ity) and �xed mi
roturbulen
e (depending on Teff and
log g, mostly 8 km s−1 for the present sample).Changing the helium abundan
e has similar e�e
ts on the models as 
hanging thesurfa
e gravity through its impa
t on the mean mole
ular weight (Kudritzki 1973).Similarly, the mi
roturbulen
e a�e
ts the absorption of radiation in the stellar plasmaand is thus also in�uen
ing the line strengths. Fortunately, the high quality of theobservational material in this study allowed to determine these parameters indepen-dently. In order to redu
e systemati
 errors in the present analysis, it was thereforede
ided to perform several more iteration steps using new models spe
i�
ally adjustedfor ea
h star, thus �xing all parameters 
onsistently. This represents the se
ond �set�of syntheti
 spe
tra.Supergiant model atmospheres 
ooler than Teff ∼ 8300K may be subje
t to pres-sure inversion and thus density inversion depending mostly on the model surfa
egravity. Inversion is a problem for the parameter determination as it leads e.g. toa huge sensitivity of the Balmer lines whi
h is mostly an artefa
t of the models.Moreover, the inversion happens usually at τROSS ∼ 1 in the models whi
h meansthat the formation of many lines will be systemati
ally a�e
ted. Stars subje
t topressure inversion (indi
ated in Table 6.1) are therefore omitted from the furtheranalysis. For a detailed dis
ussion on this matter, see Przybilla et al. (2006). As aguide, the ATLAS9 atmospheres did not show pressure inversion at Teff = 8300K,67
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log g = 1.00dex or at Teff = 8000K, log g = 1.40dex (
al
ulated for 1/5 solar metal-li
ity, n(He)=0.09, ξ = 4 km s−1). At lower temperatures or lower surfa
e gravities,pressure inversion is then likely to o

ur.7.2 Spe
tros
opi
 Indi
ators for Various Atmospheri
 ParametersSeveral spe
tros
opi
 features used to 
onstrain the atmospheri
 parameters are dis-
ussed in the following. Note that although the quantities and their related indi
atorsare dis
ussed separately all quantities were derived in an iterative pro
ess for
ing si-multaneous agreement between theory and observation for all indi
ators at the end.All derived parameters are summarised in Table 8.1.7.2.1 E�e
tive Temperature and Surfa
e GravityThese most important atmospheri
 parameters were derived by �tting the Balmerline series as well as various ionisation equilibria. Based on the available modelatoms, ionisation equilibria for Mg i/ii, N i/ii, O i/ii, and S ii/iii are examined.Figure 7.3 shows the basi
 strategy for determining Teff and log g. At �xed ξ, n(He),and [M/H ], one sear
hes at various temperature values for the log g value with thebest agreement to observation. Generally, ionisation equilibria are extremely sensitiveto temperature 
hanges whereas the Balmer lines are mainly sensitive to 
hanges in
log g. Due to these di�erent sensitivities, it is possible to �nd a unique best solutionin the interse
tion of the two trends.If possible, ionisation equilibria from multiple elements were used. However, dueto the generally low metalli
ity in the SMC and thus weak metal lines, only oneionisation equilibrium 
ould be investigated in most 
ases. For the sample SMCsupergiants Mg i/ii works in a temperature range from ∼ 8000 to 10 000K, N i/iifrom ∼ 10 000 to 14 000K, O i/ii above ∼ 14 000K and S ii/iii at above ∼ 16 000Kin general. At Teff & 10,000K, Mg i be
omes too weak due to ionisation. Similarly,N i is too strongly ionised at Teff & 14,000K while N ii lines need at least ∼ 10 000Kfor the respe
tive levels to be ex
ited. Similar arguments apply for O i/ii and S ii/iiiat higher temperatures.Table 8.1 gives all derived atmospheri
 parameters as well as abundan
e infor-mation 
on
erning the element(s) of the ionisation equilibria examined. Figure 7.4shows example �ts of Balmer lines and an ionisation equilibrium for a hot (AV443at Teff = 16 250K) and a 
ool (AV273 at Teff = 8200 K) obje
t. Both obje
ts showemission 
ontributions even in the higher Balmer lines. The �gure also in
ludes modelspe
tra for parameters modi�ed a

ording to the un
ertainties. These were alwaysadopted based on the strength, quality, and number of suitable lines in a spe
trumand the intensity of their responses to parameter variations. Generally, the 
ool ob-je
ts have smaller un
ertainties be
ause the Mg i/ii equilibrium is extremely sensitiveto temperature 
hanges and also quite sensitive to 
hanges in log g.Many obje
ts show emission in the Balmer lines due to a stellar wind making itne
essary to 
on
entrate on the higher Balmer lines whi
h are less a�e
ted as well asto fo
us on the blue wings in 
ase even the higher Balmer lines show wind-a�e
tedpro�les. 68
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ators for Various Atmospheri
 Parameters

Figure 7.3: Example for the determination of log g and Teff employing Balmer lines of hy-drogen and an ionisation equilibrium (i.e. lines of multiple ionisation stages of one element�tting simultaneously at the same abundan
e) while keeping the mi
roturbulen
e, metal-li
ity, and helium abundan
e �xed. Ea
h indi
ator alone 
annot independently determine
log g and Teff . The degenera
y 
an only be solved by 
onsidering two independent indi
a-tors whi
h are sensitive to 
hanges in log g and Teff by di�erent degrees. In general, theionisation equilibria are more sensitive to temperature 
hanges than the Balmer lines. ForMg i/ii, raising the temperature and thus the ionisation of Mg i makes the Mg i lines tooweak with respe
t to the Mg ii lines. This is a

ounted for by a higher surfa
e gravityimplying a higher density in the stellar atmosphere 
ompensating the ionising e�e
ts of thehigh temperature. This 
an be understood as an interplay of ex
itation and ionisation (seeSe
t. 4.2).At parameter ranges where the Mg i lines are weak (Wλ . 30mÅ), one fa
essome di�
ulties with them. A

ording to several analyses (N. Przybilla and M.Firnstein, priv. 
omm.), the ionisation of Mg as implemented in the employed modelatom is very likely too large, produ
ing too weak Mg i lines. Determining e�e
tivetemperatures from establishing the Mg i/ii equilibrium would thus underestimate
Teff . This dis
repan
y is a problem at e�e
tive temperatures around 9500K and isgetting larger with lower gravities (where the Mg i lines are getting weaker). Thesolution of N. Przybilla and M. Firnstein in a study of gala
ti
 supergiants was touse the � presumably more reliable � N i/ii equilibrium instead. However, this is notan option in the metal-poor environment of the SMC as the N ii lines are not strongenough to be investigated at these relatively low temperatures.69
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Figure 7.4: Examples for spe
tral line �ts. Top row (left to right): H8, Mg i, and Mg iifor AV273 at Teff = 8200K; Bottom row (left to right): H8, O i, and O ii for AV443 at
Teff = 16250K. Besides the models for the �nal parameters (
entral red line) model spe
trafor parameter 
hanges of the order of the adopted un
ertainties are also plotted. The upperspe
tra in ea
h frame are shifted by +0.5 for the Balmer lines or +0.2 for the metal lines.In order to avoid systemati
 errors on the basi
 atmospheri
 parameters whi
hwould also lead to signi�
ant errors in the derived abundan
es it was de
ided toperform �ts of the overall spe
tral energy distribution (SED) in addition to the Balmerlines to �x Teff and log g. Fitting SEDs 
an not provide as a

urate parameters asionisation equilibria and requires an assumption on the extin
tion whi
h is ratherdi�
ult to 
onstrain. However, this was a

epted for the relevant obje
ts in orderto avoid the mu
h larger errors whi
h 
ould be made by relying on the Mg i lines.Obje
ts for whi
h the SED was used instead of the Mg i/ii equilibrium are markedin Table 8.1 with �y� in the SED 
olumn.To reliably 
onstrain the basi
 atmospheri
 parameters Teff and log g this way, agood 
overage of the �ux distribution from the ultraviolet to the infrared is needed.The E
helle spe
tra from the FEROS spe
trograph � the main data for the quanti-tative spe
tral analysis � are not suitable for examining the SED. Although E
hellespe
trographs o�er both ex
ellent resolution and wavelength 
overage making thempowerful instruments to study the relative �ux in a stellar spe
trum their 
omplexsetup in
luding multiple di�ra
tion elements makes it pra
ti
ally impossible to re-
onstru
t any absolute �ux information. Another reason for this in the 
ase of FEROSis the usage of �ber opti
s and a 
ir
ular entry for the light (instead of a slit). Due toatmospheri
 di�ra
tion, di�erent 
olours may then be partly shifted outward of thisentry.UV information for several of the relevant targets 
an be obtained from thedatabase of UV spe
tra taken by the IUE satellite (as extra
ted from the INES ar
hiveat http://sd
.lae�.inta.es/
gi-ines/IUEdbsMY). Flux-
alibrated, low-dispersion spe
-tra with large aperture from 1150 to 1980Å and from 1850 to 3290Å are used. In70



7.2 Spe
tros
opi
 Indi
ators for Various Atmospheri
 ParametersTable 7.2: Underlying data for �ts of the spe
tral energy distribution. UV spe
tra arefrom the IUE satellite (http://sd
.lae�.inta.es/
gi-ines/IUEdbsMY); IR photometry for theJHK bands 
omes from the online 
atalogue of the 2MASS proje
t (Cutri et al. 2003); Rphotometry was also obtained from this 
atalogue.Obje
t UV spe
tra from IUE R J H Kfar UV near UV mag mag mag magAV98 SWP44955LL LWP23322LL 11.38 11.272 11.241 11.228AV110 ... LWP21936LL 12.19 11.754 11.710 11.716AV315 SWP18054LL LWR14206LL 10.82 10.665 10.592 10.555AV338 SWP46131LL LWP24262LL 12.50 12.474 12.459 12.432AV382 SWP44930LL LWP23307LL 11.19 11.235 11.181 11.183addition, magnitudes in the infrared (J, H, K) 
ould be obtained from the Two Mi
ronAll Sky Survey survey (2MASS, Cutri et al. 2003). Table 7.2 summarises information(in addition to the UBV magnitudes from the sour
es in Table 6.1) of targets forwhi
h SED �ts were performed.Figure 7.5 shows an example for a �t of su
h a SED and the responses to tem-perature 
hanges. The syntheti
 �uxes are obtained from ATLAS9. The variousmagnitudes are transformed into �uxes by adopting zero points a

ording to Heberet al. (2002, their Table 3). The observed �uxes were dereddened (
orre
ted for ex-tin
tion) using a reddening law as des
ribed by Cardelli et al. (1989), assuming a ratioof extin
tion to 
olour ex
ess AV /E(B − V ) = 3.1. In general, this ratio dependson the 
omposition of the interstellar medium. For the SMC, slightly lower valuesdown to 2.7 are proposed. For the analysis, 3.1 is adopted whi
h is also justi�ed sin
ethe main 
ontribution to extin
tion 
omes from the Milky Way foreground for mostobje
ts.Five obje
ts with possibly unreliable Mg i lines in theory (AV98, AV110, AV315,AV338, and AV382) 
ould be investigated with SED �ts based on the available UVand IR data and are found to have signi�
antly higher temperatures indi
ated bythe SEDs than by the Mg ionisation equilibrium. In the � rather extreme � 
ases ofAV98 or AV315 whi
h have both a very low surfa
e gravity the dis
repan
y is of theorder of 800K. For the other obje
ts at higher surfa
e gravities it is only few hundredK. Un
ertainties in Teff are adopted based on the sensitivity of the syntheti
 �ux totemperature 
hanges as well as the quality of the observational material.Another obje
t (AV270) 
ould not be examined with respe
t to their SEDs be
ausethe UV �ux is likely 
ontaminated with the �ux from a hot 
ompanion not visible inthe examined FEROS spe
trum. A 
ompanion based on the radial velo
ity variationwas �rst proposed by Tha
keray (1978). Based on the experien
e from the SED�ts an empiri
al temperature 
orre
tion with respe
t to the results of the Mg i/iiionisation equilibrium was applied in this 
ase.71
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Figure 7.5: Fit of the spe
tral energy distribution (SED) of AV315 
ombining the photo-metri
 information as listed in Table 6.1 as well as UV �ux from the IUE satellite (solidbla
k 
urves) and infrared photometry from the 2MASS proje
t (see Table 7.2). The SED isprimarily sensitive to the e�e
tive temperature and, to a mu
h lesser extent, to the surfa
egravity. In addition to the best �t (dotted, red 
urve), additional syntheti
 (dashed, bla
k
urves) �uxes with Teff 
hanged by the amount of the adopted un
ertainties are overplotted(extin
tion is left 
onstant). The syntheti
 �uxes are obtained from the ATLAS9 routineand normalised to the V magnitude. In the UV, more weight is given to the far UV part,as the opti
al UV part lies 
lose to the Balmer jump (near the U magnitude) whi
h is hardto reprodu
e with ATLAS9 (N. Przybilla, priv. 
omm.). Moreover, there are also problemsas the extin
tion in this range does not 
orrelate well with the typi
al reddening law.7.2.2 Helium Abundan
eUsually, one starts from the a helium abundan
e of 0.09 whi
h is about the solarvalue sin
e the generally lower initial helium abundan
e of the SMC stars is expe
tedto be already in
reased due to rotationally indu
ed mixing. It was often ne
essary to
hange the helium abundan
e in order to bring Balmer lines, ionisation equilibrium,and helium lines into agreement with theory simultaneously. This is not only amatter of just mat
hing the helium lines sin
e the helium abundan
e also a�e
tsthe ionisation equilibria and the Balmer line widths. To give a rough idea aboutthe e�e
ts, 
hanging the helium abundan
e from 0.09 to 0.13 (at Teff = 12 000Kand log g = 1.70) has the same e�e
t as raising log g by ∼0.05 dex when �tting the72
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Figure 7.6: Example for a he-lium line �t for AV297. Be-sides the models for the �-nal parameters (
entral redline, see Table 8.1) variationsin helium abundan
e (±0.03)and in Teff (±400K) are alsoplotted. The upper set ofspe
tra is shifted by +0.2.Balmer lines. Fig. 7.6 shows a �t of a helium line for AV297 as well as its responseto parameter 
hanges. Note that while the temperature 
hanges 
orrespond to theadopted un
ertainties, the 
hanges indi
ated for the helium abundan
e do not. Thepro�les for the various helium abundan
es are just meant to illustrate the response ofthe model spe
trum to abundan
e 
hanges. Un
ertainties in n(He) are always derivedfrom the s
atter of line-to-line abundan
es given by multiple helium lines.7.2.3 Metalli
ity and Mi
roturbulen
eBoth metalli
ity and mi
roturbulen
e a�e
t the line strengths and 
onsequently themagnitude of the line-blanketing. Thus, they should be treated as free parametersmaking further iterations ne
essary. A detailed dis
ussion on this subje
t is given inPrzybilla et al. (2006).Based on the spe
i�
 abundan
es obtained from �tting ionisation equilibria aswell as from the subsequent abundan
e analysis one 
an obtain a good estimateof the overall metalli
ity of a supergiant. As a result, the models for ea
h starwere 
al
ulated for one �fth (or −0.7 dex) solar metalli
ity in the respe
tive opa
itydistribution fun
tions (ODFs).The mi
roturbulen
e leads to a non-linear behaviour of the Doppler widths asa fun
tion of the thermal velo
ity, (see Eqn. 4.33). It has a larger e�e
t for lineswhi
h are formed in regions with lower temperature. Stronger spe
tral lines are duea larger opa
ity at the 
orresponding 
olour whi
h implies that these photons es
apefrom the star in regions lying more outward. More outward usually also means 
oolerand thus a redu
ed photon �ux (Stefan-Boltzmann law). All in all, it follows thatstrong lines � whi
h originate from 
ooler regions � are more a�e
ted by e�e
ts of themi
roturbulen
e. The mi
roturbulen
e is therefore determined on the 
ondition thatthere is no dependen
e of the abundan
e on the equivalent width for a parti
ularioni
 spe
ies. A

ording to the e�e
tive temperature in the atmosphere, di�erentelemental spe
ies 
an/have to be used. In 
ase of the metal-poor supergiants in thiswork Ti ii is suitable for this task for Teff . 9000K and Fe ii for Teff . 12 000K73



7 QUANTITATIVE SPECTRAL ANALYSISbe
ause these elements provide a su�
ient number of lines of various strengths. Athigher temperatures a newly 
onstru
ted model atom (N. Przybilla, priv. 
omm.)for Si ii/iii was used.7.2.4 Proje
ted Rotational Velo
ity and Ma
roturbulen
eFinally, 
omparisons between observed and theoreti
al line pro�les allowed to derivethe proje
ted rotational velo
ity v sin i and the (radial-tangential) ma
roturbulentvelo
ity ζ . Two approa
hes were 
ombined for this task.Firstly, automati
 χ2 �ts of 
onvolved syntheti
 pro�les to metal lines (mostlyFe ii and Ti ii) 
arefully sele
ted in terms of strength and symmetry (to ex
ludeline blends) were performed. Only obviously unblended lines with equivalent widthsbetween ∼ 20 − 130mÅ were 
onsidered. Besides a �xed Gaussian instrumentalpro�le the syntheti
 pro�les were 
onvolved with multiple values for v sin i and ζfrom between 0 to ∼50 km s−1 in steps of 1 km s−1 for both parameters.Se
ondly, syntheti
 and observed line pro�les were also 
ompared by eye. Thisis always a good idea in order to make sure that an automati
 pro
edure is notmislead by tiny blends, artifa
ts, and other spe
tral features not a

ounted for in anautomati
 �t. Moreover, when it 
omes to the hotter stars in the present sample(Teff & 13 000K), the number of suitable lines for the des
ribed automati
 pro
edureis swiftly de
reasing making it ne
essary to also 
onsider the proper parts of blendedor slightly disturbed lines.Un
ertainties in v sin i and ζ are estimated based on several points. One majoraspe
t is the standard deviation of the distribution from the automati
 best �ts to asele
tion of lines. However, this requires a 
ertain number of lines to be signi�
antwhi
h is espe
ially an issue in the hotter stars of the sample. Therefore, it wasalso a

ounted for the line strength in the spe
trum, its S/N ratio, as well as thesensitivity of the lines to 
hanges in v sin i and ζ . For example, if either rotation orma
roturbulen
e is dominating, the other one will usually have a larger un
ertaintysin
e the dominant one has a greater impa
t on the line pro�le. This is illustratedby Fig. 7.7.
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Figure 7.7: Upper panels: Comparison of the observation (bla
k line) with theoreti
al spe
tra
onvolved with various values for the proje
ted rotational velo
ity v sin i and the ma
rotur-bulen
e (red lines). Shown are �ts of the Fe ii line at 4173.45Å for AV110 (left) and AV392(right). The 
entral red lines show the theoreti
al pro�les 
onvolved with values of v sin iand ζ 
orresponding to the best �ts to this line as indi
ated. The other red lines show theresponses of the syntheti
 pro�les to variations of 10 km s−1 in both parameters. The highvalue of v sin i for AV392 (right frame) of 43 km s−1 implies that the line pro�le is dominatedby v sin i and the line is less sensitive to variations in ζ for AV392 than for AV110 in theleft frame. This means the un
ertainties of the 
omponent whi
h is not dominating are ingeneral relatively larger.Lower panels: Contour plots of √χ2 values for 
ombinations of v sin i and ζ for the linesand stars above. Left : AV110, right : AV392. The goodness of the agreement between theobservation and a theoreti
al spe
trum 
onvolved with the respe
tive values (in steps of1 km s−1) is presented via the 
olour as indi
ated by the legend above ea
h plot. The whitedot marks the best �tting parameters (as denoted also in the upper panels). The slope ofthe lines of 
onstant χ2 is a measure of the relative sensitivity of a line to variations of v sin iand ζ. Nearly horizontal slopes mean that the line pro�le is not very sensitive to 
hanges in
v sin i whereas nearly verti
al slopes mean that the pro�le is rather insensitive to 
hanges in
ζ. This is the 
ase in the right hand frame des
ribing the line pro�le for AV392. The best�t for this iron line is at v sin i=43 and ζ =19 km s−1. Around that point at high v sin i,the steep slope indi
ates that ζ has a mu
h smaller e�e
t on the line pro�le leading to largerun
ertainties � as dis
ussed for the upper panels.75





8 Basi
 Atmospheri
 Parameters8.1 Results for the Sample StarsBasi
 atmospheri
 parameters su
h as Teff , log g, n(He), ξ, v sin i, and ζ 
ould be reli-ably determined for 31 of the 38 SMC supergiants as shown in Table 8.1. Six obje
ts(AV269, AV415, AV442, AV478, AV152, and AV254) show pressure inversion in theirmodel atmospheres for the �nal parameters (see. Se
t. 7.1) rendering these parame-ters unreliable. Moreover no ionisation equilibrium was available for AV2. Althoughthe parameters 
ould in prin
iple be estimated by assuming a helium abundan
e orby �tting the spe
tral energy distribution (SED), there are no lines suitable for adetermination of the mi
roturbulen
e and many lines, in
luding all available Balmerlines, helium lines and even metal lines are noti
eably a�e
ted by emission in thestellar wind. In order to avoid the 
orresponding large (systemati
) un
ertainties itwas de
ided to negle
t this problemati
 obje
t to guarantee a 
onsistent analysis forall stars of the sample.Therefore, the mentioned obje
ts were omitted in the further analysis and are notlisted in the table. Table 8.1 also presents the abundan
es of those 
hemi
al elementsfor whi
h ionisation equilibria 
ould be used and indi
ates whether a �t of the SEDwas favoured over the Mg i/ii equilibrium (see Se
t. 7.2). For AV270, this was notpossible due to the UV �ux 
ontribution from a 
ompanion star. Instead of �tting theSED, an empiri
al temperature 
orre
tion with respe
t to the temperature indi
atedby the Mg i/ii equilibrium was applied leading to an intentional dis
repan
y. If theMg i abundan
e is �agged by a 
olon in Table 8.1, it is regarded as un
ertain.
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Table 8.1: Overview of basi
 atmospheri
 parameters and ionisation equilibria. Un
ertainties of the quantities are given inevery se
ond line (see Se
t. 7.2 for a dis
ussion).Obje
t Teff log g n(He) ξ v sin i ζ V E(B ǫ(X) = log(x/H) + 12 SEDK dex km s−1 −V ) Mg i Mg ii N i N ii O i O ii S ii S iii (y)AV20 8700 1.10 0.13 6 29 20 12.12 0.25 6.83 6.83 ... ... ... ... ... ...
± 50 0.05 0.01 1 2 3 0.01 0.01 0.01 0.00 ... ... ... ... ... ...AV22 14 600 1.90 0.13 5 32 23 12.225 0.10 ... ... ... ... 7.92 7.94 ... ...
± 500 0.10 0.01 2 5 8 0.025 0.04 ... ... ... ... 0.01 0.01 ... ...AV56 16 150 2.00 0.11 7 42 19 11.15 0.13 ... ... ... ... 8.04 8.04 6.34 6.31
± 250 0.10 0.02 1 5 8 0.01 0.01 ... ... ... ... 0.01 0.04AV76 10 250 1.30 0.12 6 39 25 11.19 0.10 ... ... 8.20 8.18 ... ... ... ...
± 500 0.10 0.01 2 5 8 0.01 0.02 ... ... 0.04 ... ... ... ...AV98 9650 1.35 0.13 6 27 20 11.45 0.06 ... ... ... ... ... ... ... ... y
± 300 0.05 0.01 1 2 3 0.01 0.01 ... ... ... ... ... ... ... ...AV105 9350 1.60 0.10 5 27 20 12.22 0.06 6.92 6.82 ... ... ... ... ... ...
± 75 0.05 0.02 1 2 3 0.01 0.01 0.05 0.01 ... ... ... ... ... ...AV110 9500 1.40 0.17 5 23 21 12.08 0.08 ... ... ... ... ... ... ... ... y

± 400 0.05 0.01 1 3 2 0.01 0.01 ... ... ... ... ... ... ... ...AV136 8250 0.95 0.13 6 28 21 10.97 0.07 6.89 6.92 ... ... ... ... ... ...

± 50 0.05 0.01 1 2 4 0.01 0.01 0.03 0.05 ... ... ... ... ... ...SK56 12 500 1.70 0.11 6 41 21 10.87 0.11 ... ... 8.11 8.09 ... ... ... ...

± 500 0.10 0.01 1 4 10 0.01 0.02 ... ... 0.05 ... ... ... ...AV151 16 750 2.25 0.13 8 48 24 12.26 0.14 ... ... ... ... 8.23 8.22 6.46 6.47

± 250 0.10 0.01 2 5 10 0.01 0.01 ... ... ... ... 0.04 0.03AV200 12 000 1.70 0.12 6 33 23 12.17 0.14 ... ... 8.07 8.08 ... ... ... ...

± 500 0.10 0.01 1 6 10 0.01 0.02 ... ... ... ... ... ...AV205 8850 1.35 0.09 4 18 10 12.32 0.11 6.90 6.90 ... ... ... ... ... ...

± 75 0.05 0.01 1 2 6 0.01 0.01 0.04 0.01 ... ... ... ... ... ...
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Table 8.1: Overview of basi
 atmospheri
 parameters and ionisation equilibria (
ontinued).Obje
t Teff log g n(He) ξ v sin i ζ V E(B ǫ(X) = log(x/H) + 12 SEDK dex km s−1 −V ) Mg i Mg ii N i N ii O i O ii S ii S iii (y)AV211 10 250 1.45 0.09 7 30 17 11.52 0.11 ... ... 7.92 7.94 ... ... ... ...
± 400 0.10 0.01 1 4 5 0.01 0.02 ... ... 0.07 ... ... ... ...AV270 9500 1.40 0.09 6 32 21 11.42 0.03 7.03: 6.79 ... ... ... ... ... ...
± 500 0.05 0.01 1 3 5 0.01 0.02 0.04 ... ... ... ... ... ...AV273 8200 1.35 0.09 4 25 17 12.16 0.06 6.79 6.78 ... ... ... ... ... ...
± 50 0.05 0.00 1 3 7 0.01 0.01 0.04 0.03 ... ... ... ... ... ...AV297 11 750 1.80 0.10 5 20 19 12.10 0.04 ... ... 7.98 7.98 ... ... ... ...
± 400 0.10 0.01 2 4 6 0.00 0.01 ... ... ... ... ... ...AV298 8850 1.50 0.09 3 4 7 12.47 0.03 6.63 6.62 ... ... ... ... ... ...

± 50 0.05 0.01 1 3 3 0.01 0.01 0.02 0.09 ... ... ... ... ... ...AV315 9700 1.35 0.11 6 29 17 10.90 0.06 ... ... ... ... ... ... ... ... y

± 300 0.05 0.02 1 3 4 0.01 0.01 ... ... ... ... ... ... ... ...AV338 9750 1.80 0.08 4 40 21 12.54 0.07 ... ... ... ... ... ... ... ... y

± 300 0.05 0.02 1 4 7 0.01 0.01 ... ... ... ... ... ... ... ...AV347 10 500 1.60 0.09 7 24 22 12.13 0.03 ... ... 8.11 8.15 ... ... ... ...

± 400 0.10 0.01 1 3 3 0.00 0.01 ... ... 0.04 ... ... ... ...AV362 14 000 1.95 0.15 8 40 24 11.36 0.09 ... ... 8.12 8.12 7.92 7.92 ... ...

± 125 0.10 0.01 2 4 7 0.01 0.01 ... ... 0.06 0.02 0.03 ... ...AV367 10 500 1.30 0.09 7 33 26 11.22 0.07 ... ... 7.95 7.97 ... ... ... ...

± 400 0.10 0.01 2 3 6 0.01 0.02 ... ... 0.02 ... ... ... ...AV382 9900 1.45 0.10 5 27 23 11.41 0.07 ... ... ... ... ... ... ... ... y

± 300 0.05 0.02 1 2 3 0.01 0.01 ... ... ... ... ... ... ... ...AV392 8550 1.70 0.09 3 41 21 12.57 0.04 6.93 6.93 ... ... ... ... ... ...

± 75 0.05 0.01 1 3 5 0.01 0.01 0.04 0.01 ... ... ... ... ... ...
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Table 8.1: Overview of basi
 atmospheri
 parameters and ionisation equilibria (
ontinued).Obje
t Teff log g n(He) ξ v sin i ζ V E(B ǫ(X) = log(x/H) + 12 SEDK dex km s−1 −V ) Mg i Mg ii N i N ii O i O ii S ii S iii (y)AV399 9650 1.75 0.09 2 5 7 12.33 0.04 6.80 6.71 ... ... ... ... ... ...
± 150 0.05 0.01 1 3 4 0.01 0.01 0.02 0.02 ... ... ... ... ... ...AV443 16 250 1.95 0.12 8 47 23 10.97 0.06 ... ... ... ... 8.19 8.19 ... ...
± 400 0.10 0.01 2 5 10 0.01 0.01 ... ... ... ... 0.04 0.03 ... ...AV463 8000 1.40 0.09 4 26 14 12.10 0.07 6.75 6.76 ... ... ... ... ... ...
± 50 0.05 0.00 1 2 3 0.01 0.01 0.04 0.06 ... ... ... ... ... ...AV504 11 000 1.80 0.10 6 19 20 11.91 0.03 ... ... 7.93 7.91 ... ... ... ...
± 500 0.10 0.01 1 4 6 0.01 0.02 ... ... 0.05 ... ... ... ...SK194 11 500 1.65 0.10 6 42 25 11.74 0.07 ... ... 8.09 8.09 ... ... ... ...
± 500 0.10 0.01 1 6 10 0.01 0.02 ... ... ... ... ... ...SK196 12 600 1.75 0.10 7 28 28 12.04 0.06 ... ... 8.01 7.99 ... ... ... ...
± 400 0.10 0.01 2 5 7 0.01 0.02 ... ... 0.08 ... ... ... ...SK202 15 400 2.25 0.09 6 28 19 12.32 0.05 ... ... ... ... 8.00 8.01 ... ...

± 400 0.10 0.01 2 4 8 0.01 0.01 ... ... ... ... 0.04 0.04 ... ...80



8.2 Proje
ted Rotational Velo
ity and Ma
roturbulen
e

Figure 8.1: Overview of proje
ted rotational velo
ities for the sample stars 
oded via thesymbol size as indi
ated in the legend. Stellar evolution tra
ks at SMC metalli
ity fromMaeder & Meynet (2001) for 9 to 25 M⊙ (ZAMS mass) and Meynet & Maeder (2005) for30 and 40M⊙ are overplotted as denoted. Note the tiny points at Teff ∼ 3.95 and log g ∼ 1.6marking the ex
eptional stars AV298 and AV399.8.2 Proje
ted Rotational Velo
ity and Ma
roturbulen
eFigures 8.1 and 8.2 summarise the results for the proje
ted rotational velo
ity v sin iand the ma
roturbulen
e ζ respe
tively. No trends for ζ with Teff or log g 
an bere
ognised. Throughout the parameter range of the sample ma
roturbulent velo
ities
lose to ∼ 20 km s−1 are found.Ex
eptions worth mentioning are AV298 and AV399. These obje
ts do not onlyshow very small values in ζ but also for ξ as well as for v sin i.Fig. 8.1 indi
ates a trend in rotational velo
ities with respe
t to the atmospheri
parameters. For smaller log g the mean v sin i is smaller by trend and there are norelatively large (v sin i & 40 km s−1) rotational velo
ities for log g . 1.5dex. This is inagreement with the idea of angular momentum 
onservation when a star is expandingwhile evolving towards the red (super)giant phase.8.3 Comparison with Previous AnalysesThe atmospheri
 parameters derived here are 
ompared with several obje
ts fromother works in Table 8.2. Venn (1999) provided an investigation in LTE with addi-tional non-LTE 
orre
tions while Lee et al. (2005) performed a study using modelatmospheres in full non-LTE. Moreover, Trundle et al. (2004) as well as Trundle &Lennon (2005) employ full non-LTE (hydrodynami
) model atmospheres.We have eight stars in 
ommon with the study of Venn (1999). We omittedthree (AV254, AV442, and AV478) of them be
ause of the pressure inversion problem81
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Figure 8.2: Same as Fig. 8.1 but for ma
roturbulent velo
ities 
oded via the symbol size.Similar to the v sin i plot in Fig. 8.1, AV298 and AV399 at Teff ∼ 3.95 and log g ∼ 1.6 showremarkably small values for ζ(see Se
t. 7.2.1). For the remaining �ve stars, e�e
tive temperatures and surfa
egravities are well within the given un
ertainties for most stars the only ex
eptionbeing AV298 whi
h is remarkable with respe
t to very low values for ξ, v sin i, and ζ .
v sin i is di�
ult to 
ompare as Venn (1999) did not investigate the ma
roturbulen
e.However, v sin i values seem generally in good agreement ex
ept for AV392 with ahigher velo
ity derived in the present analysis. Ex
ellent agreement is a
hieved interms of the mi
roturbulen
e.The study of Lee et al. (2005) has three stars in 
ommon with the present samplewith Teff and log g agreeing (fairly) well for all of them. A 
omparison for the mi
ro-turbulen
e is not possible as they only present their results for two assumed valuesof ξ.AV20 and AV362 have also been analysed by Trundle et al. (2004). Teff is in ex
el-lent agreement for both stars while log g di�ers for AV362. This star shows (strong)emission 
ontributions in all Balmer lines in the spe
trum even in the 
ores and thered wings of the highest Balmer within the spe
tral range of FEROS. This might leadto an underestimation of log g. The mi
roturbulen
e for AV22 is signi�
antly smallerin the present analysis. For AV362 Trundle et al. (2004) were not able to derive themi
roturbulent velo
ity but simply adopted ξ = 10km s−1. Ma
roturbulen
e was notderived independently but is a 
ontribution to their v sin i's whi
h would well 
ombinethe broadening a�e
ts of our two 
ontributions from v sin i and ζ .In a similar study, Trundle & Lennon (2005) have examined three stars from thepresent sample. Again, there is good agreement in Teff for all stars. Very good agree-ment is also found in log g for two stars (AV56 and AV443) while modest agreementis found for AV151 with the values still lying within the 
ombined un
ertainties. The82



8.3 Comparison with Previous AnalysesTable 8.2: Comparison of atmospheri
 parameters for literature sour
es � ordered by sour
eand growing right as
ension. Sour
es: t.w. (this work), (1) Venn (1999), (2) Lee et al. (2005),(3) Trundle et al. (2004), (4) Trundle & Lennon (2005).Obje
t Teff log g ξ v sin i ζ Sr
.K dex km s−1AV110 9500±300 1.40±0.05 5±1 23±3 21±2 t.w.9500±200 1.4±0.1 4±1 25±5 (1)AV136 8250±50 0.95±0.05 6±1 28±2 21±4 t.w.8200±100 1.0±0.1 6±1 20±5 (1)AV298 8850±50 1.50±0.05 3±1 4±3 7±3 t.w.9400±200 1.7±0.1 3±1 15±5 (1)AV392 8550±50 1.70±0.05 3±1 41±3 21±5 t.w.8500±200 1.7±0.1 3±1 25±5 (1)AV463 8000±50 1.40±0.05 4±1 26±2 14±3 t.w.8000±100 1.3±0.1 4±1 25±5 (1)SK194 11 500±500 1.65±0.10 6±1 42±6 25±10 t.w.11 700/ 1.7 10/ (2)11 500 20SK202 15 400±400 2.25±0.10 6±2 28±4 19±8 t.w.14 750 2.2 10/20 (2)AV22 14 600±500 1.90±0.10 5±2 32±5 23±8 t.w.14 500±1500 1.90±0.15 10 46 (3)AV362 14 000±125 1.95±0.10 8±2 40±4 24±7 t.w.14 000±1500 1.70±0.15 10 51 (3)AV56 16 150±250 2.00±0.10 7±1 42±5 19±8 t.w.16 500±2000 2.05±0.20 10 80 (4)AV151 16 750±250 2.25±0.10 8±2 48±5 24±10 t.w.16 000±1500 2.10±0.15 15 62 (4)AV443 16 250±400 1.95±0.10 8±2 47±4 23±7 t.w.16 500±2000 1.95±0.20 11 73 (4)proje
ted rotational velo
ities are signi�
antly higher in their study for most 
aseseven if the values of the present work for v sin i and ζ are 
ombined. As in Trundleet al. (2004), the mi
roturbulen
e is systemati
ally lower in the 
urrent analysis.Although some of these studies use 
odes a

ounting for full non-LTE or even hy-drodynami
 e�e
ts, the present hydrostati
, hybrid non-LTE approa
h is mu
h moresophisti
ated with respe
t to the implemented atomi
 data and the treatment of ion-isation via photons or 
ollisions. This point is 
ru
ial and generally more importantas shown e.g. by Przybilla et al. (2006) or by Nieva (2007) for OB stars. Anotherimprovement in the present work is the individual treatment of rotation and ma
ro-83



8 BASIC ATMOSPHERIC PARAMETERSturbulen
e. The results 
learly indi
ate that 
ontributions from ma
roturbulen
e arerequired in order to reprodu
e the line pro�les satisfa
torily. Together with the highquality of the observational material, these are the reasons for the small un
ertaintiesof the derived parameters.
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9 Chemi
al Abundan
e Analysis9.1 Results for the Sample StarsElemental abundan
es for various elements and ioni
 spe
ies were derived through�ts of syntheti
 line pro�les to the observation. The results from the analysis of the31 supergiants in the sample are summarised in Table 9.1 
ombining all ioni
 spe
iesfor an element. Abundan
es labeled with a 
olon in the table should be treated with
aution as there may be some problems in the respe
tive model atoms (C ii at hightemperatures, see Se
t. 9.2.1 for a dis
ussion). Su
h abundan
es are omitted whenexamining e.g. N/C ratios or abundan
e gradients in the next se
tions. For AV270,the Mg i abundan
e is not reliable (see Se
t. 7.2.1 and Se
t. 8.1) and thus ignored inthe following. However, the Mg ii abundan
e 
an be regarded reliable.Good 
onsisten
y 
ould be a
hieved throughout the sample. The line-to-line s
at-ter for He, C, N, O, as well as Mg is very small (≤ 0.05dex) in almost all obje
ts. Thes
atter for S, Ti, Fe is slightly larger adding up to typi
ally . 0.10dex with almostall un
ertainties being less than < 0.15dex.For the further dis
ussion of 
hemi
al mixing in massive stars (see Se
t. 9.4, N/C...), Table 9.1 also in
ludes the 
ombined abundan
es of C, N, and O (denoted as
ΣCNO, where the abundan
es are added on the linear s
ale) as well as N/C and N/Oratios if respe
tive lines 
ould be examined in a star. The latter two are given as massratios. Corresponding un
ertainties are derived from the line-to-line s
atter for ea
helement with Gaussian error propagation. Thus, they are only given if more than oneline 
ould be investigated for either element.

Figure 9.1: Examples for abundan
es (relative to the solar 
omposition of Grevesse &Sauval 1998) determined from a 
ool (left) and a hot (right) obje
t. The symbol size indi-
ates the number of spe
tral lines analysed � small: 1 to 5, medium: 6 to 10, large: morethan 10. Boxes: neutral, 
ir
les: single-ionised, diamonds: double-ionised spe
ies. The errorbars represent 1σ-un
ertainties from the line-to-line s
atter. The grey shaded area marksthe metalli
ity of the obje
ts with 1σ-errors (see text) as dedu
ed from the average of O,Mg, S, Ti, and Fe abundan
es if available. Abundan
e patterns for the rest of the sample
an be found in Fig. 9.2.
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9CHEMICALABUNDANCEANALYSIS

Table 9.1: Overview of basi
 atmospheri
 parameters and elemental abundan
es. 1σ-un
ertainties from the line-to-line s
atterare given in every se
ond line. Note that the N/C and N/O ratios are given as mass fra
tions.Obje
t Teff log g ξ n ǫ(X) = log(x/H) + 12 m(X)/m(Y )K dex km s−1 He C N O Mg S Ti Fe ΣCNO N/O N/C [M/H ]AV20 8700 1.10 6 0.13 ... 7.87 8.11 6.83 6.62 4.36 6.75 ... 0.50 ... −0.68
± 0.01 ... 0.03 0.01 0.01 0.12 0.12 0.04 ... 0.09AV22 14 600 1.90 5 0.13 6.85: 7.93 7.93 6.97 6.39 ... ... ... 0.87 ... −0.77
± 0.01 0.02: 0.04 0.02 0.03 ... ... 0.09 ... 0.15AV56 16 150 2.00 7 0.11 7.32: 7.92 8.04 6.84 6.32 ... ... ... 0.66 ... −0.80
± 0.02 0.03: 0.03 0.04 0.02 ... ... 0.07 ... 0.07AV76 10 250 1.30 6 0.12 7.62 8.19 8.23 6.92 6.52 ... 6.83 8.57 0.80 4.36 −0.65
± 0.01 0.03 0.03 ... 0.09 0.04AV98 9650 1.35 6 0.13 7.19 8.17 8.13 6.77 6.55 4.61 6.88 8.47 0.97 11.14 −0.62
± 0.01 0.05 0.02 0.01 0.07 0.10 0.14 0.11 0.18AV105 9350 1.60 5 0.10 ... 7.80 8.18 6.87 ... 4.38 6.74 ... 0.36 ... −0.67

± 0.02 ... 0.03 0.02 0.06 ... 0.10 0.12 0.03 ... 0.09AV110 9500 1.40 5 0.17 7.82 7.97 8.16 6.76 6.63 4.45 6.79 8.48 0.55 1.64 −0.65

± 0.01 0.06 0.02 0.09 0.15 0.08 0.13AV136 8250 0.95 6 0.13 7.60 7.96 8.21 6.89 ... 4.36 6.81 8.47 0.49 2.68 −0.64

± 0.01 0.04 0.08 0.04 ... 0.06 0.05 0.10 0.05SK56 12 500 1.70 6 0.11 7.29 8.09 ... ... 6.37 ... 6.96 ... ... 7.48 −0.68

± 0.01 0.05 0.04 ... ... 0.04 ... ... 1.11 0.20AV151 16 750 2.25 8 0.13 7.02: 7.83 8.22 6.96 6.47 ... ... ... 0.35 ... −0.66

± 0.01 0.04: 0.03 0.03 0.01 ... ... 0.04 ... 0.07AV200 12 000 1.70 6 0.12 7.41 8.07 8.17 6.79 6.41 ... 7.10 8.47 0.70 5.46 −0.66

± 0.01 0.05 0.01 0.07 ... 0.05 0.63 0.18
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9.1ResultsfortheSampleStars

Table 9.1: Overview of basi
 atmospheri
 parameters and elemental abundan
es (
ontinued).Obje
t Teff log g ξ n ǫ(X) = log(x/H) + 12 m(X)/m(Y )K dex km s−1 He C N O Mg S Ti Fe ΣCNO N/O N/C [M/H ]AV205 8850 1.35 4 0.09 7.78 7.77 8.27 6.90 6.66 4.42 6.88 8.49 0.27 1.13 −0.58
± 0.01 0.06 0.03 0.03 0.01 0.11 0.09 0.04 0.07AV211 10 250 1.45 7 0.09 7.57 7.92 8.24 6.78 6.37 ... 6.85 8.46 0.42 2.64 −0.72
± 0.01 0.02 0.06 0.02 0.04 ... 0.07 0.07 0.41 0.11AV270 9500 1.40 6 0.09 ... 8.00 8.14 6.79 6.57 4.68 6.76 ... 0.64 ... −0.62
± 0.01 ... 0.03 0.06 0.04 0.05 0.15 0.10 ... 0.21AV273 8200 1.35 4 0.09 7.41 7.76 8.15 6.79 ... 4.11 6.81 8.35 0.36 2.63 −0.75
± 0.00 0.01 0.03 0.01 0.04 ... 0.13 0.11 0.03 0.21 0.07AV297 11 750 1.80 5 0.10 7.52 7.98 8.19 6.63 6.47 ... 6.93 8.45 0.54 3.40 −0.72

± 0.01 0.04 0.00 0.03 0.09 ... 0.11 0.04 0.28 0.17AV298 8850 1.50 3 0.09 7.20 7.72 8.11 6.63 6.49 4.09 6.64 8.30 0.35 3.86 −0.82

± 0.01 0.05 0.02 0.06 0.13 0.14 0.05 0.10AV315 9700 1.35 6 0.11 ... 8.09 8.31 6.83 6.45 4.70 6.89 ... 0.53 ... −0.57

± 0.02 ... 0.03 0.08 0.16 0.14 ... 0.21AV338 9750 1.80 4 0.08 ... 7.90 8.16 6.93 ... 4.55 6.91 ... 0.48 ... −0.57

± 0.02 ... 0.04 0.03 ... 0.06 0.18 ... 0.13AV347 10 500 1.60 7 0.09 ... 8.11 8.21 6.89 6.54 ... 6.92 ... 0.71 ... −0.64

± 0.01 ... 0.04 0.08 0.06 0.05 ... 0.11 0.14 ... 0.05AV362 14 000 1.95 8 0.15 7.21 8.12 7.92 6.64 6.14 ... ... 8.36 1.37 9.40 −0.97

± 0.01 0.06 0.03 0.02 0.02 ... ... 0.11 1.37 0.08AV367 10 500 1.30 7 0.09 7.44 7.95 8.25 ... 6.56 ... 6.83 8.47 0.45 3.85 −0.63

± 0.01 0.06 0.02 0.02 ... 0.09 ... 0.14 0.03 0.59 0.04AV382 9900 1.45 5 0.10 7.44 7.89 8.31 6.89 6.44 4.70 6.97 8.49 0.34 3.31 −0.55

± 0.02 0.03 0.05 0.04 0.14 0.12 0.05 0.20
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9CHEMICALABUNDANCEANALYSIS

Table 9.1: Overview of basi
 atmospheri
 parameters and elemental abundan
es (
ontinued).Obje
t Teff log g ξ n ǫ(X) = log(x/H) + 12 m(X)/m(Y )K dex km s−1 He C N O Mg S Ti Fe ΣCNO N/O N/C [M/H ]AV392 8550 1.70 3 0.09 7.57 7.35 8.16 6.93 ... 4.57 6.92 8.31 0.14 0.71 −0.57
± 0.01 0.04 0.01 0.03 ... 0.14 0.14 0.01 0.14AV399 9650 1.75 2 0.09 7.76 7.83 8.13 6.75 6.49 4.27 6.86 8.41 0.43 1.37 −0.71
± 0.01 0.01 0.01 0.02 0.05 0.03 0.16 0.09 0.02 0.04 0.07AV443 16 250 1.95 8 0.12 6.94: 7.94 8.19 6.89 6.46 ... ... ... 0.49 ... −0.69
± 0.01 0.04: 0.05 0.03 ... ... 0.06 ... 0.05AV463 8000 1.40 4 0.09 7.53 7.26 8.18 6.75 ... 4.35 6.78 8.31 0.11 0.63 −0.70
± 0.00 0.03 0.05 0.04 ... 0.13 0.13 0.01 0.10AV504 11 000 1.80 6 0.10 7.41 7.92 8.20 6.86 6.53 ... 6.96 8.42 0.47 3.80 −0.64
± 0.01 0.04 0.02 0.13 ... 0.11 0.05 0.08SK194 11 500 1.65 6 0.10 7.63 8.09 8.19 6.88 6.47 ... 7.23 8.51 0.70 3.36 −0.59
± 0.01 0.00 0.05 ... 0.07 0.21SK196 12 600 1.75 7 0.10 7.12 8.00 8.15 ... 6.32 ... 7.20 8.40 0.62 8.80 −0.62

± 0.01 0.04 0.06 ... 0.14 ... 0.12 1.53 0.29SK202 15 400 2.25 6 0.09 6.78: 7.57 8.01 6.78 6.30 ... ... ... 0.32 ... −0.84

± 0.01 0.07: 0.04 0.04 0.01 0.08 ... ... 0.04 ... 0.05
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9.1 Results for the Sample StarsAn overview of all a

essible elemental abundan
es for an example of a hot anda 
ool obje
t are shown in Fig. 9.1 with respe
t to the solar values of Grevesse &Sauval (1998). Similar plots for the other obje
ts of the sample are summarisedin Fig. 9.2. Signi�
ant nitrogen enri
hment and 
arbon depletion was found for allour obje
ts given that nitrogen or 
arbon lines 
ould be analysed in the respe
tivespe
trum. Strong variations in the C and N abundan
e are found from star to star,however, the sum of C, N, and O abundan
es (ΣCNO in Table 9.1) are very similarfor all obje
ts. These abundan
e patterns are signs of 
onversions between C, N, andO within the CNO 
y
le and of pronoun
ed mixing of the atmosphere with pro
essedmatter from the stellar 
ore. See Se
t. 9.4 for a more extensive dis
ussion of thissubje
t.Figure 9.1 also indi
ates the metalli
ity of an obje
t with the grey-shaded area(see also Table 9.1). Mean and s
atter of the metalli
ity are always based on theabundan
es for O, Mg, S, Ti, and Fe if available with all elements weighted equally.Abundan
e patterns are in very good agreement with the solar pattern for the vastmajority of the obje
ts with the 1σ-s
atter of the metalli
ity being .0.1 dex. Largers
atter 
an (almost) always be seen as the result of either Fe or Ti abundan
es beingo� the overall metalli
ity indi
ated by O, Mg, and S. This might indi
ate problems inthe respe
tive model atoms. This issue is far beyond the s
ope of the present proje
tbut should be kept on the agenda for further improvements.
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9 CHEMICAL ABUNDANCE ANALYSIS

Figure 9.2: Similar to the plots of Fig. 9.1. The abundan
e patterns for all other stars (ifappli
able) are shown. Possibly unreliable abundan
es (indi
ated with a 
olon in Table 9.1)are shown as open symbols. 90
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9 CHEMICAL ABUNDANCE ANALYSIS9.2 Systemati
s in Abundan
es9.2.1 Trends with the TemperatureAs a 
onsisten
y 
he
k, it is reasonable to look for any systemati
 trend of the derivedabundan
es with respe
t to the atmospheri
 parameters of the respe
tive star. Themost important atmospheri
 parameter in�uen
ing the strength of a metal line �apart from the abundan
e itself � is the e�e
tive temperature. Therefore, Fig. 9.3 ispresenting the derived abundan
es as a fun
tion of the e�e
tive temperature of therespe
tive star.In general, the good news is that the ionisation equilibria N, O, Mg, and S showno (signi�
ant) trends with the e�e
tive temperature � an argument for the reliabilityof the derived atmospheri
 parameters. Only the O and S abundan
es at high tem-peratures seem systemati
ally lower. However, the point in the O and the S plot at14 000K � 
orresponding to AV362 � is supported by two ionisation equilibria (N i/iiand O i/ii). This makes the temperature and abundan
es for this obje
t quite se
ureso that the low abundan
es for this star are very likely real. Moreover, it strengthensthe trust in temperatures (and thus abundan
es) derived with the O i/ii equilibriumfor obje
ts at Teff & 14 000K. However, it should be noted that O i/ii strongly reliesfor O i on the lines at 7770Å whi
h are usually di�
ult to model as they are quitesensitive to 
hanges in the mi
roturbulen
e and be
ause of their � in general � largeequivalent width (in the low-metalli
ity environment of SMC, this problem is lessimportant).The temperature basis in the 
ase of Ti is too small for any signi�
ant trend tobe found. For Fe, however, there seems to be a rather 
lear e�e
t where quite largeabundan
e are found for Teff ≥ 11 000K. In 
ombination with the rather large 1σs
atters found for the iron abundan
es in most stars (see Table 9.1) or the deviationof the Fe abundan
e from the �usual� pattern in some obje
ts (Fig. 9.2), this mightindi
ate some in
onsisten
ies in the underlying atomi
 data as implemented in theused model atom. A detailed investigation of the model atom is far beyond thes
ope of the present work but should be performed in the future. Of 
ourse, thehigh Fe abundan
es in the stars 
ould also be real. Despite this apparent systemati
trend, whi
h is rather small 
ompared to un
ertainties given by some other studieson supergiants, these abundan
es are still suitable for further dis
ussions (e.g. ongala
ti
 gradients) within some restri
tions.A spe
ial note is also indi
ated for 
arbon. Almost all abundan
es are derivedfrom C ii while C i 
ould only be studied for the 
oolest stars around 8000K. TheseC ii lines are mostly the lines at 4267Å as well as around 6580Å. These lines 
anbe quite a 
hallenge to model (in non-LTE) whi
h is des
ribed in detail by Nieva& Przybilla (2006, 2008). They 
onstru
ted a new model atom based on up-to-dateatomi
 data and 
areful investigation of observed stellar spe
tra and were thus able tosolve this problem. The model atoms was 
alibrated with early-type main-sequen
estar in the Milky Way. The low metalli
ity and low density of the (atmospheresof) SMC supergiants might enhan
e the problem in this respe
t as we �nd the Cabundan
es to be lower at high temperatures.In prin
iple, one 
ould also think of a sele
tion e�e
t to explain these low abun-94



9.2 Systemati
s in Abundan
es

Figure 9.3: Derived abundan
es (with 1σs
atter) as a fun
tion of the e�e
tive tem-perature. No signi�
ant trend is present forMg whereas Ti shows a few high abundan
evalues around 9500K. Linear trends are alsoabsent for O and N although the O abun-dan
e is somewhat low around 15 000K.However, the statisti
s at these temperatures is not good enough to suggest a systemati
e�e
t. There may be a slight trend for S indi
ating smaller abundan
es at higher tem-peratures. Rather 
lear systemati
 e�e
ts are found for C and Fe meaning systemati
allysmaller/larger abundan
es at 15 000K or 12 000K respe
tively. The 
orresponding 
arbonabundan
es for C at stars with high e�e
tive temperatures (AV22, AV151, AV443, SK196,and SK202, indi
ated by grey 
ir
les) may be the result of problems in the model atom(see dis
ussion in the text). They are thus probably not reliable and will be omitted in thefurther dis
ussion of e.g. N/C ratios.dan
es. At high temperatures, the sample 
onsists only of rather massive stars (seee.g. Fig. 8.1) whi
h are supposed to experien
e stronger enri
hment of the atmospherewith nu
lear pro
essed matter from the 
ore. The low C abundan
e would then be
reated by e�e
ts of the CNO 
y
le. However, this would imply a simultaneous pro-noun
ed enhan
ement of the nitrogen abundan
e. As this 
an not be seen, the low C95



9 CHEMICAL ABUNDANCE ANALYSISabundan
es (from the singly ionised stage) for higher temperatures are more likely aproblem of the modelling. Therefore, these abundan
es (marked with grey symbolsin Fig. 9.3 and with a 
olon in Table 9.1) are ex
luded in the following when 
arbonabundan
es are 
ompared (e.g. also in the dis
ussion of the N/C ratios in Se
t. 9.4).9.2.2 Systemati
 Un
ertainties from Parameter VariationsIn order to better estimate the systemati
 un
ertainties of the derived atmospheri
abundan
es, the 
hange in these abundan
es when modifying the basi
 atmospheri
parameters is examined. Table 9.2 
ompares the �nal abundan
es with ones 
orre-sponding to parameter 
hanges for a �
ool� (AV136), a �warm� (AV297), and a �hot�(SK202) obje
t. These 
hanges are not the parameter un
ertainties as adopted forthose obje
ts, but shall represent un
ertainties (a bit higher than) typi
ally foundin the respe
tive parameter ranges. E.g., the Mg i/ii equilibrium shows smaller un-
ertainties than the 200K di�eren
e investigated for AV136 as it shall also give anidea for obje
ts with parameter determinations based on SEDs (with un
ertainties ofabout 300K).Examining Table 9.2, one �nds that the e�e
tive temperature un
ertainties havethe largest impa
t on the determined abundan
es. This is espe
ially the 
ase for theionisation equilibria (Mg i/ii, N i/ii, and O i/ii) whose abundan
es rea
t � ex
eptfor Mg � in opposite ways allowing small error bars for Teff to be adopted. Note thatalthough Mg i and Mg ii lines rea
t in the same ways to parameter 
hanges, this ismore than 
ompensated by the extreme sensitivity of the Mg i lines.The 
hanges of the ioni
 abundan
es when modifying the stellar parameters asindi
ated amount to typi
ally≤ 0.1 dex. Ex
eptions are only the rea
tions of Fe ii andTi ii lines to temperature variations and some ions employed for ionisation equilibria.However, in the latter 
ase, the elemental abundan
es averaged over the ionisationstates will be less a�e
ted and thus more stable.Thus, the systemati
 un
ertainties of the elemental abundan
es due to un
ertain-ties in the atmospheri
 parameters are 
omparable to the statisti
al un
ertaintiesinferred from the line-to-line s
atter (see e.g. Table 9.1).9.3 Comparison with Abundan
e Results for the Sample Stars in theLiteratureThe stars of our sample whi
h have been analysed in previous studies (see alsoSe
t. 8.3) 
an also be 
ompared to the results of the present work with respe
t to thederived abundan
es. An overview of mean abundan
es and un
ertainties is given inTable 9.3 for various literature sour
es: t.w. (this work), (1) Venn (1999), (2) Lee etal. (2005), (3) Trundle et al. (2004), (4) Trundle & Lennon (2005). Only elementstreated in the present study are listed. Note that the un
ertainties from (3) and (4)are not derived from the line-to-line s
atter as done in this work but in
lude theirpronoun
ed systemati
 un
ertainties (e.g. from simply adopting a mi
roturbulen
ein 3). In parti
ular, these two studies 
ould only investigate one Mg ii line (at 4481Åthe same as in this work) at the high temperatures.96



9.3 Comparison with Abundan
e Results for the Sample Stars in the LiteratureTable 9.2: Estimate of systemati
 abundan
e un
ertainties from abundan
es based on mod-i�ed atmospheri
 parameters for three sele
ted obje
ts. The abundan
es presented in the�rst line for ea
h star are the ones derived for the �nal atmospheri
 parameters as indi
atednext to the designation of ea
h star. The following lines give the abundan
es whi
h may bederived when one atmospheri
 parameter is modi�ed as indi
ated.
ǫ(X) = log(x/H) + 12C i C ii N i N ii O i O ii Mg i Mg ii S ii Ti ii Fe iiAV136: Teff =8250K, log g=0.95 dex, ξ=6km s−17.60 ... 7.93 ... 8.25 ... 6.89 6.92 ... 4.36 6.82

Teff +200K: 7.83 ... 8.03 ... 8.32 ... 7.26 6.95 ... 4.73 6.97
log g +0.05: 7.54 ... 7.93 ... 8.24 ... 6.79 6.91 ... 4.31 6.81
ξ+1 : 7.58 ... 7.91 ... 8.25 ... 6.85 6.90 ... 4.30 6.78AV297: Teff =11750K, log g=1.80 dex, ξ=5km s−1... 7.52 7.98 7.98 8.19 ... ... 6.63 6.47 ... 6.93
Teff +350K: ... 7.38 8.04 7.88 8.26 ... ... 6.71 6.39 ... 7.10
log g +0.10: ... 7.54 7.95 8.05 8.18 ... ... 6.55 6.50 ... 6.88
ξ+2 : ... 7.45 7.89 7.91 8.19 ... ... 6.57 6.41 ... 6.91SK202: Teff =15400K, log g=2.25 dex, ξ=6km s−1... 6.78 ... 7.57 8.00 8.01 ... 6.78 6.30 ... ...
Teff +500K: ... 6.71 ... 7.41 8.08 7.86 ... 6.89 6.38 ... ...
log g +0.10: ... 6.80 ... 7.62 7.99 8.10 ... 6.74 6.30 ... ...
ξ+2 : ... 6.71 ... 7.48 7.99 7.96 ... 6.74 6.27 ... ...We have derived abundan
es for �ve obje
ts from Venn (1999) who determined theabundan
es based on LTE (ATLAS9) 
al
ulations with additional non-LTE 
orre
-tions. The present study deals with the more sophisti
ated approa
h of full non-LTEpopulation number 
omputations. Good to ex
ellent agreement is obtained for Feand Ti abundan
e for all stars (ex
ept Ti for AV110). Good agreement is found forMg for three stars (AV110, AV136, and AV392) while there are signi�
ant di�eren
esfor AV298 and AV463. For AV298, this is � among other reasons � a 
onsequen
eof the di�erent atmospheri
 parameters (mainly Teff). Very good agreement is foundfor all oxygen abundan
es and for the upper limits of her 
arbon abundan
es withrespe
t to the 
arbon abundan
es derived in the present work. The nitrogen abun-dan
es (ex
ept for AV392) were taken from an update in Venn & Przybilla (2003).The updated values are higher than the original ones from Venn (1999) by typi
ally0.2−0.3 dex and lie thus mu
h 
loser to the results of the present work. Nevertheless,their updated N abundan
es still lie about 0.1−0.2 dex lower in most 
ases.Good agreement with the three obje
ts in 
ommon with the non-LTE study ofLee et al. (2005) is found for almost all elements (C, N, O, and Mg) where abun-dan
es are given for two assumptions (10 and 20 km s−1, left and right abundan
e97



9 CHEMICAL ABUNDANCE ANALYSISvalues respe
tively) on the mi
roturbulen
e. The lower mi
roturbulen
e generallymeans higher abundan
es whi
h �t better to the abundan
es derived in the presentwork. The only ex
eption are their nitrogen abundan
es whi
h are larger for largermi
roturbulen
e. A very large dis
repan
y of the order of 1 dex is found for iron. Dueto the similarity of the basi
 atmospheri
 parameters, this must be an issue of theunderlying modelling 
odes and/or model atoms.The study of Trundle et al. (2004) reveals for the two stars AV22 and AV362fair (within ∼ 0.2 dex) agreement in magnesium and in 
arbon � in
luding the un-
ertainties whi
h are quite large for 
arbon � and very good agreement for nitrogen(≤ 0.1 dex). The similar analysis of Trundle & Lennon (2005) also shows fair agree-ment in 
arbon for AV56 and AV443 while the 
arbon abundan
e for AV151 in thepresent study seem signi�
antly higher. The nitrogen abundan
e for AV443 is well
onsistent with the present value while signi�
antly higher or lower nitrogen abun-dan
es are found for AV151 and AV56 respe
tively. Although both studies a

ountfor non-LTE e�e
ts and even employ hydrodynami
 model 
odes (FASTWIND, Pulset al. 2005), these 
odes rely on model atoms whi
h are less sophisti
ated than theones used here whi
h might explain some di�eren
es.None of the quantitative analyses whi
h have obje
ts in 
ommon with the presentsample derive the helium abundan
e independently but assume the standard solarhelium abundan
e of 0.09. Moreover, Lee et al. (2005) as well as Trundle et al. (2004)do not derive the mi
roturbulen
e but only give abundan
es for assumptions on it.However, these parameters may have signi�
ant in�uen
e on the atmospheri
 param-eters and also dire
tly on the other stellar abundan
es (see Se
t. 7.2). The presentstudy a

ounts for non-standard helium abundan
e and mi
roturbulen
e and 
an thusprovide a 
onsistent pi
ture.Taking these e�e
ts into a

ount leads � in 
ombination with the ex
ellent atomi
data implemented in the 
odes and model atoms � to a high degree of 
onsisten
y.This is re�e
ted � among other things � in the small statisti
al un
ertainties of de-rived abundan
es where multiple lines indi
ate very similar values. This is a majorimprovement with respe
t to earlier studies. Prominent examples are the un
ertain-ties in C and N of Trundle et al. (2004) and Trundle & Lennon (2005) 
ompared tothose from the present work. Su
h large un
ertainties make it hard to dis
uss stellarevolution in terms of evolution of the N/C ratio as in Se
t. 9.4.

98



9.3ComparisonwithAbundan
eResultsfortheSampleStarsintheLiterature

Table 9.3: Comparisons with abundan
es from previous analyses (see Se
t. 8.3 for sour
es).Obje
t Teff log g n(He) ǫ(X) = log(x/H) + 12K dex C N O Mg S Ti Fe Sr
.AV110 9500 1.40 0.17±0.01 7.82 7.97±0.06 8.16±0.02 6.76 6.63 4.45±0.09 6.79±0.15 t.w.9500 1.40 ... <8.7 7.84±0.06 8.1 6.82±0.04 ... 4.04±0.04 6.68±0.21 (1)AV136 8250 0.95 0.13±0.01 7.60 7.96±0.04 8.21±0.08 6.89±0.04 ... 4.36±0.06 6.81±0.05 t.w.8200 1.0 ... <8.2 7.73±0.05 8.1 6.79±0.13 ... 4.26±0.12 6.82±0.21 (1)AV298 8850 1.50 0.09±0.01 7.20 7.72±0.05 8.11±0.02 6.63±0.06 6.49 4.09±0.13 6.64±0.14 t.w.9400 1.7 ... <8.4 7.72±0.07 8.1 7.01±0.08 ... 4.12±0.10 6.70±0.15 (1)AV392 8550 1.70 0.09±0.01 7.57 7.35±0.04 8.16±0.01 6.93±0.03 ... 4.57±0.14 6.92±0.14 t.w.8500 1.7 ... <8.1 < 7.2 8.2 6.83±0.08 ... 4.48±0.16 6.76±0.17 (1)AV463 8000 1.40 0.09±0.00 7.53 7.26±0.03 8.18±0.05 6.75±0.04 ... 4.35±0.13 6.78±0.13 t.w.8000 1.3 ... <7.8 7.07 8.2 7.01±0.06 ... 4.48±0.17 6.82±0.21 (1)SK194 11 500 1.65 0.10±0.01 7.63 8.09±0.00 8.19 6.88 6.47±0.05 ... 7.23±0.07 t.w.

∼11 700 1.7 ... ... 7.9/8.0 ... 6.8/6.6 ... ... 6.2/6.1 (2)SK202 15 400 2.25 0.09±0.01 6.78±0.07 7.57±0.04 8.01±0.04 6.78±0.01 6.30±0.08 ... ... t.w.14 750 2.1 ... 6.8/6.8 7.6/7.4 6.7/6.6 ... ... ... (2)AV22 14 600 1.90 0.13±0.01 6.85±0.02 7.93±0.04 7.93±0.02 6.97 6.39±0.03 ... ... t.w.14 500 1.90 ... 7.07±0.27 7.92±0.16 ... 6.83±0.09 ... ... ... (3)AV362 14 000 1.95 0.15±0.01 7.21±0.06 8.12±0.03 7.92±0.02 6.64 6.14±0.02 ... ... t.w.14 000 1.70 ... 7.12±0.48 8.22±0.25 ... 6.72±0.06 ... ... ... (3)AV56 16 150 2.00 0.11±0.02 7.32±0.03 7.92±0.03 8.04±0.04 6.84 6.32±0.02 ... ... t.w.16 500 2.05 ... 7.19±0.53 8.27±0.32 ... 6.68±0.09 ... ... ... (4)AV151 16 750 2.25 0.13±0.01 7.02±0.04 7.83±0.03 8.22±0.03 6.96 6.47±0.01 ... ... t.w.16 000 2.10 ... 6.85±0.12 7.55±0.19 ... 6.70±0.08 ... ... ... (4)AV443 16 250 1.95 0.12±0.01 6.94±0.04 7.94±0.05 8.19±0.03 6.89 6.46 ... ... t.w.16 500 1.95 ... 6.99±0.36 7.96±0.22 ... 6.72±0.08 ... ... ... (4)
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9 CHEMICAL ABUNDANCE ANALYSIS9.4 Constraints on Chemi
al Mixing in Massive StarsAs illustrated in Se
t. 3.4, it should be possible to dete
t the produ
ts of CN-pro
essedmatter in the atmosphere of a massive star through mixing of the atmosphere withmatter from the stellar 
ore. The degree of the nitrogen enri
hment and 
arbondepletion depends on the e�
ien
y of the mixing pro
ess. It was already mentionedin this se
tion (see e.g. Figs. 9.1 and 9.2) that � if 
orresponding lines 
ould beanalysed � there are 
lear signs of pronoun
ed N enri
hment and C depletion (withrespe
t to the dedu
ed metalli
ity) for all of the sample stars. This is a

ompaniedby slight helium enri
hment. Typi
ally, the N enri
hment and C depletion (
omparedto [M/H ]) are of the order of 0.6 and 0.4 dex respe
tively.For a more detailed dis
ussion of this matter and a 
omparison to the predi
tionsof stellar evolution theory, Fig. 9.4 presents the N/C mass ratios for all obje
ts withrespe
t to their N/O mass ratio. For expli
it numbers, see Table 9.1. Of 
ourse,only obje
ts where abundan
es of all three elements 
ould be derived based on theavailable spe
tral lines are in
luded. Moreover, typi
al error bars for a few obje
tsbased on the line-to-line s
atter from lines of ea
h elemental spe
ies are provided.For the rest of the obje
ts, the error bars are omitted for 
larity and sin
e in some
ases only one line 
ould be investigated for C, N, or O.There is a rather tight trend between the N/C and N/O ratios when 
onsideringthe statisti
al un
ertainties from the line-to-line s
atters. If one a

ounts in additionfor possible systemati
 e�e
ts, the relation be
omes even more 
onvin
ing.The theoreti
al predi
tions in Fig. 9.4 indi
ates that the shape and slope of theN/C vs. N/O 
urves is almost 
onstant with respe
t to mass (and depends more onthe physi
s of the models). However, higher masses imply higher values of N/C andN/O at whi
h the lines end indi
ating more e�
ient mixing for higher masses in theevolution phases 
overed (until the end of 
entral helium burning).The di�erent signi�
antly di�erent slopes in Fig. 9.4 of the two models � �
lassi
al�star and Wolf-Rayet star models � is mainly 
aused by the adopted initial 
hemi
al
omposition of stars in the SMC. The Wolf-Rayet models are 
al
ulated with a s
aledsolar mixture of CNO elements whereas an α-enhan
ed 
omposition was adopted forthe 
lassi
al models. The latter implies also higher O abundan
es, and thus smallerN/O ratios and a steeper slope. These di�erent initial 
hemi
al patterns in the modelsalso explain why the models do not start at the same point in the lower left 
orner.The 
omparison of the observational trend with the predi
tions for the evolution ofthe N/C vs. N/O ratio in stars at SMC metalli
ity in Fig. 9.4 reveals two fundamentaldis
repan
ies.
• The �
lassi
al� models seem to typi
ally overestimate the N/C ratios for givenN/O ratios while the Wolf-Rayet star models underestimate the dedu
ed rela-tion. It is of major importan
e to note that this statement is only valid whentheoreti
al abundan
es predi
ted for the major part of a stellar life up to theend of 
entral helium burning in the red supergiant regime are 
onsidered.
• If only the abundan
e evolutions predi
ted for a stellar evolution from the mainsequen
e to a lower temperature around 10 000K (thi
k part of the lines in Fig.100



9.4 Constraints on Chemi
al Mixing in Massive Stars

Figure 9.4: Mass fra
tion of N/C versus N/O for obje
ts with determined abundan
es. Thesymbol size 
odes the ZAMS mass as inferred from the evolutionary tra
ks in Fig. 9.5. The-oreti
al predi
tions for the evolution of these rations in 15, 20, 25, and 40M⊙ stars fromMaeder & Meynet (2001) and for 30 and 40M⊙ Wolf-Rayet stars from Meynet & Maeder(2005, �30/40 WR�) as indi
ated. The thi
k part of ea
h 
urve 
orresponds to the evolu-tionary phase from the main sequen
e towards the red supergiant stage until Teff =10 000Kis rea
hed (see e.g. Fig. 9.5). Representative un
ertainties for a few obje
ts are indi
ated.9.4) are 
onsidered, one fa
es the severe problem that the theoreti
al N/C andN/O ratios do not grow high enough in time to mat
h the observed ones.The 
on
lusion from the �rst dis
repan
y for the stellar evolution is thus thatphysi
s and parameters 
orresponding to the �golden mean� would best �t the mea-sured trend. This would demand tailored 
al
ulations for the spe
ial SMC abundan
epattern of CNO elements (see also Se
t. 9.6).The se
ond dis
repan
y is somewhat more 
ompli
ated. One explanation 
ould bethat the vast majority of the obje
ts must have already undergone the �rst dredge-up in the red supergiant stage where pronoun
ed mixing takes pla
es. Most of thesample stars would have to be on the way ba
k to the blue or be 
aught in a blue loopeven at these high masses. This is hard to explain with the 
urrent stellar evolutionmodels.Another possibility to explain the se
ond dis
repan
y is that mixing in massive101



9 CHEMICAL ABUNDANCE ANALYSIS

Figure 9.5: Lo
ation of our sample stars in the Teff -log g-plane. Only stars where nitro-gen and 
arbon abundan
es 
ould be derived are shown with the symbol size 
oding theN/C mass fra
tion. Evolutionary tra
ks from Maeder & Meynet (2001) for 9 to 25 M⊙(ZAMS mass) and Meynet & Maeder (2005) for 30 and 40M⊙ (Wolf-Rayet star models)are overplotted as denoted. The beginnings of the tra
k in the lower left part of the �gure
orresponds to the main sequen
e in a HRD.stars prior to the red supergiant stage is mu
h more e�
ient than assumed up tonow. (This would happen mainly on the main sequen
e due to the relatively fastevolution towards the red after leaving the main sequen
e.) The models at SMCmetalli
ity already a

ount for rotationally indu
ed mixing of the atmosphere withpro
essed matter from the stellar 
ore � an important step to adequately des
ribea star. Still, this seems to be not enough 
onsidering the results of the presentwork. Rotation is either more e�
ient than implemented in the models so far oran additional me
hanism enhan
es the mixing. One possibility in this respe
t is theinterplay of rotation with magneti
 �elds (Maeder & Meynet 2005) whi
h was shownto strongly enhan
e the mixing e�
ien
y.Another interesting point whi
h may be inferred from Fig 9.4 (and Fig. 9.5) is thedependen
y of the ratio on the (initial) mass of a star. Although the largest masses(symbol size in Fig 9.4, lo
ation in Fig. 9.5) are not found at the highest N/C or N/Oratios, stars with high N/C or high N/O ratio show by trend a relatively high mass.This supports the established idea of more pronoun
ed mixing at higher masses (seealso Se
t. 3.4). 102
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al Mixing in Massive Stars

Figure 9.6: Similar to Fig. 9.4, but for the mass fra
tion of helium versus the N/O massfra
tion for obje
ts with determined abundan
es. The symbol size 
odes the ZAMS massas inferred from the evolutionary tra
ks in Fig. 9.5.Helium abundan
es o�er a further opportunity to 
ompare results from the presentwork with predi
tions from stellar evolution theory as done in Fig. 9.6. Similar toFig 9.4, only a few representative error bars are implemented for reasons of 
learnessand as some un
ertainties for N/O mass ratios are not derived be
ause of a limitednumber of spe
tral lines.Very similar notes and 
on
lusions as made investigating the N/C vs. N/O plot
an be given here. There is a 
lear and rather tight (in
luding statisti
al un
ertaintiesand possible systemati
 ones) trend indi
ating higher helium abundan
e with higherN/O ratio. It means that helium � the net result of hydrogen burning � is mixedinto the atmosphere as well as the other signatures of hydrogen burning in the CNO
y
le (N up, C down). Thus, it is not surprising that this in agreement with stellarevolution theory � although the observed slope seems a bit shallower.However, there are still some issues for debates left. The points are the same asin the dis
ussion of N/C vs. N/O. Again, it seems that the �golden mean� between
lassi
al and Wolf-Rayet star models would best des
ribe the �ndings. And again,the mixing of the material within the time it takes the star to leave the main sequen
eand 
ool down to ∼ 10 000K (
orresponding to the thi
k part of the 
urves in Fig 9.4)103



9 CHEMICAL ABUNDANCE ANALYSISseems to be too ine�
ient. And �nally, stars with high N/O and espe
ially high Heabundan
e also possess very likely a high mass implying stronger mixing for moremassive stars. The dis
ussion is thus fully analogue to the one before.9.5 Chemi
al Homogeneity of the Small Magellani
 CloudThe 
hemi
al elements not a�e
ted by the fusion and mixing pro
esses whi
h havetaken pla
e so far in a star allow a dis
ussion of the distribution of elements in theSMC. Here, the individual obje
ts serve as probes of the metal 
ontent of the SMC atvarious points. The relative young ages of the sample stars ensure that this 
ontentis pra
ti
ally the same as that of the surrounding medium. Moreover, the targets inthis work 
over well the SMC as visible in the �eld-of-view (see Figs. 6.1 and 6.2)thus allowing to sear
h for abundan
e patterns throughout this galaxy.The distribution of the stellar atmospheri
 abundan
es (ex
ept C and N whi
h area�e
ted by nu
lear pro
esses in the sample stars) is shown in Figs. 9.7 and 9.8 with atwo-dimensional presentation over the �eld-of-view of the SMC and as a fun
tion ofthe two-dimensional distan
e of the obje
ts (right frames). Linear regression valuesinferred from the latter are also listed in Table 9.4 together with mean abundan
esand 1σ s
atter derived from the various values of individual stars.These linear regressions (�tted with all stars weighted equally) reveal no signi�
antabundan
e gradient based on the two-dimensional position of the targets in the SMC.Regarding the relatively small abundan
e ranges as well as the statisti
al (line-to-lines
atter) and possible systemati
 (e.g. e�e
ts of atmospheri
 parameters, Se
t. 9.2)un
ertainties, the derived abundan
es indi
ate a quite homogeneous (present-day)
omposition of the SMC. This 
an also be seen with the 1σ s
atters of the abundan
esover all stars (Table 9.4) whi
h may be explained with the (statisti
al and systemati
)un
ertainties in a single star. Only for the small un
ertainties found for O, and Mg(and S to some extent), one 
ould think of a small real variation of the abundan
e.In Se
t. 10.5, this dis
ussion is 
ontinued in three dimensions.At this point, even with the high a

ura
y and 
onsisten
y a
hieved in the presentwork pinning down atmospheri
 abundan
es to 10−20%, no 
lear 
hemi
al inhomo-Table 9.4: Possible gradients and average abundan
es in the SMC. Given are the gradientsas derived from distribution of stars in the two-dimensional �eld of view, see also Figs. 9.7and 9.8. Additionally, the simple average of abundan
es from all stars (ignoring their lo
a-tion) as well as the 1σ s
atter are presented.Element linear trend average abundan
es/dex ∅ relative
entral/dex slope/dex/kp
 ∅ 1σ s
atter to solar/dexO 8.16 ± 0.04 0.010 ± 0.029 8.16 0.09 −0.67Mg 6.84 ± 0.04 −0.018 ± 0.031 6.83 0.09 −0.75S 6.47 ± 0.05 0.001 ± 0.043 6.46 0.12 −0.74Ti 4.44 ± 0.11 0.005 ± 0.093 4.44 0.20 −0.50Fe 6.84 ± 0.04 0.021 ± 0.033 6.89 0.14 −0.61Overall SMC metalli
ity: −0.65104



9.5 Chemi
al Homogeneity of the Small Magellani
 Cloud

Figure 9.7: Mean abundan
es of the sample stars and their respe
tive position in the SMC.Left panels: stellar abundan
es for oxygen and iron in the SMC �eld of view. Star designa-tions were omitted for reasons of 
larity. Fast identi�
ations are nevertheless possible usingFig. 6.2 whi
h shows the same �eld of view. Abundan
es are indi
ated via the symbol size.The 
ross denotes again the 
enter of the SMC. Right panels: Stellar abundan
es for oxygenand iron as a fun
tion of the (two-dimensional) distan
e of a star from the SMC 
enter.The error bars indi
ate typi
al un
ertainties from the line-to-line s
atter of the employedspe
tral lines. The distan
e in kp
 was 
al
ulated based on the 
oordinates and an adopteddistan
e modulus of 19.0mag. Overplotted for ea
h element is a simple regression line �ttedto the data points with ea
h star weighted equally and an error bar representing the averageabundan
e un
ertainty for a single obje
t. Only stars within the main frames of the leftframes are 
onsidered here, the stars of the inset (further away in the wing) are ignored inthis 
ase.geneity or pattern (in two dimensions) among the young supergiants � and thus inthe present-day 
omposition � of the SMC 
an be found. Nevertheless, the presentresults well 
onstrain the present-day 
hemi
al 
omposition of the SMC to −0.65dexor one �fth with respe
t to the solar values of Grevesse & Sauval (1998).105
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Figure 9.8: Similar to Fig. 9.7, but for Mg, S, and Ti.106



9.6 Previous Abundan
e Studies in the SMC9.6 Previous Abundan
e Studies in the SMCThe abundan
e �ndings for the BA supergiants derived in this work are 
ompared tothe results of a large number of studies treating various kinds of obje
ts. A summaryis given by Table 9.5.9.6.1 Young Stellar PopulationsYoung stellar populations su
h as OB stars or supergiants are thought to well rep-resent the present-day 
hemi
al 
omposition of their surrounding ex
ept for nu
learpro
essed material mixed into their atmospheres (su
h as CN-
y
led matter) throughmixing during and before the dredge-ups in the red supergiant regime. Results fromother analyses should therefore be dire
tly 
omparable to the �ndings in this workwithin these restri
tions.Cepheids as pulsating stars of several solar masses and ages of ∼100Myr shouldalso re�e
t the (almost) present-day 
omposition of the medium they were born in.However, abundan
e studies of Cepheids mainly rely on the estimation of overallblanketing e�e
ts from photometry introdu
ing large un
ertainties e.g. through ex-tin
tion. Only mean metalli
ities su
h as [Fe/H℄ are determined in most 
ases. Nu-merous early studies with very similar results exist. The works of Harris (1983) froma study of 45 Cepheids and of Lu
k & Lambert (1992) of seven Cepheids/supergiantsare mentioned here exemplarily. Good agreement is found with the overall metalli
ityof Harris (1983). The Mg, S, Ti, and Fe values are higher in Lu
k & Lambert (1992)than in the present work while good agreement is found for O. The α elements ofthe Cepheids are found to be overabundant with respe
t to supergiants. Carbon andnitrogen show a large s
atter due to di�erent mixing with CN-pro
essed matter (asin the present work). The lower C and higher N abundan
e of the present work mayindi
ate more e�
ient mixing than was present in the � not as massive � Cepheidson the mean. A later study of Lu
k et al. (1998) �nds similar results as Lu
k &Lambert (1992).More re
ent studies su
h as of Keller & Wood (2006) or Mottini et al. (2006)indi
ate overall metalli
ities in good agreement with the �typi
al� SMC metalli
itywhi
h was also 
on�rmed in the present study.F supergiants Abundan
es of other supergiants of various spe
tral types 
an be
ompared with the present work. First, a 
omparison is made with supergiants ofspe
tral type F whi
h lie 
loser to the red supergiant region and the dredge-up(s)o

urring there. An investigation of several elements for three supergiants was 
on-du
ted by Spite et al. (1989a), (1989b), and Spite & Spite (1990). There is quitegood agreement between these studies and the present work for O and Mg. Forthe heavier elements su
h as S, Ti, and Fe they tend to systemati
ally overestimatethe abundan
es. A similar study for eight F supergiants based on photometry andspe
tros
opy was presented by Russell & Bessell (1989) and indi
ated slightly higherabundan
es for Mg with respe
t to the 
urrent work. The iron abundan
e �ts re-markably well. 107



9 CHEMICAL ABUNDANCE ANALYSISA and B supergiants The work of Venn (1999) was already mentioned before asabundan
es for �ve of her stars were also determined in this work. Very good agree-ment was found ex
ept for N and C for a few stars. Very good to ex
ellent agreementis also found for the elements whi
h are una�e
ted by CN-pro
essed material up tonow: O, Mg, S, Ti, as well as Fe. Like in the present work, a relative abundan
e pat-tern very similar to the solar one (Grevesse & Sauval 1998) is found by Venn (1999)for these elements.The studies of Trundle et al. (2004), Dufton et al. (2005), Trundle & Lennon (2005)as well as of Lee et al. (2005) reveal 
omparable abundan
es to the present workfor O and Mg whereas Fe is mu
h less abundant a

ording to Lee et al. (2005).Moreover, they also show a 
onsiderable s
atter in the C and N abundan
es whi
h isan indi
ation for variously e�
ient mixing with CN-pro
essed matter from the stellar
ore (the 
arbon abundan
e is systemati
ally and signi�
antly smaller).B stars Re
ent work on large samples of B stars (supergiants and less luminousstars) is provided by Hunter et al. (2007, 2009) and Trundle et al. (2007). Fairagreement with respe
t to the present work is found for the heavier metals O, Mg,and Fe as well as for C. In fa
t, their C abundan
e is even lower than found forthe more evolved supergiants of the present work, whi
h are supposed to show thestronger depletion due to more e�e
tive mixing. This would be very surprising butmight 
ome from the estimated 
orre
tions they applied to their C abundan
es.9.6.2 Old Stellar Populations (Red Giants)When 
omparing the abundan
e pattern of old stars to ours, one has to keep inmind that it provides information on the metal enri
hment history during the timebetween the formation of those obje
ts and of the young supergiants. Nevertheless,they 
an also be used to dis
uss the 
hemi
al homogeneity of the SMC. Some re
entinvestigations of larger samples are presented for this purpose in the following.Carrera et al. (2008) derive metalli
ities [M/H℄ from Ca ii triplet spe
tros
opy inred giant bran
h stars employing a � rather simple � formula relating the metalli
ityto the sum of the three equivalent widths and the magnitude of the star. Abundan
esof the 350 stars of various ages (up to ∼10Gyr) indi
ate for the �rst � and only �time a metalli
ity gradient. The average metalli
ity was ∼ −1 in the 
entral regionde
reasing to about −1.6 towards the outer regions (more than 4◦ away from the
enter). However, Carrera et al. (2008) 
on
lude that this gradient 
an be explainedas an age gradient.A similar analysis of the Ca ii triplet from red giant bran
h stars by Parisi etal. (2010), however, �nds no gradient at all but 
onsistently [Fe/H℄∼ −1. There isonly an indi
ation for the �eld stars to be slightly more metal-poor than the 
lusterstars. Similar results are found by Cioni (2009) from an analysis of the ratio of AGBstar types.Although these results are not dire
tly 
omparable to the young obje
ts (and aresubje
t to substantial systemati
 un
ertainties), they provide at least the indi
ationthat the SMC has a homogeneous 
omposition at populations of various ages.108



9.6 Previous Abundan
e Studies in the SMCTable 9.5: Overview of mean abundan
es from other studies treating various kinds of obje
ts.Dire
t 
omparisons are made for elements whi
h are also investigated in the present study.Abundan
es are given in the usual logarithmi
 notation log x/H + 12 (ex
ept for helium),negative values indi
ate di�eren
es to the solar 
omposition (Grevesse & Sauval 1998).Sour
e Method El.(s) mean value 1σ-s
atter remarks
This work BAsupergiants,spe
tros
opy,non-LTE

He 0.11 0.02C 7.47/−1.05 0.20N 7.90/−0.02 0.21O 8.16/−0.67 0.09Mg 6.83/−0.75 0.09S 6.46/−0.74 0.12Ti 4.44/−0.50 0.20Fe 6.89/−0.61 0.14Harris (1983) Cepheids,photometry [M/H℄ −0.65 (∼0.3)Keller &Wood (2006) Cepheids,light 
urves [M/H℄ −0.64 0.04Mottini etal. (2006) Cepheids,spe
tral anal-ysis [M/H℄ −0.75 0.08
Lu
k & Lam-bert (1992) Cepheids/Supergiants,spe
tralanalysis

C 7.65 0.32
α elements inCepheidsoverabundantwith respe
t tosupergiantsN 7.71 0.35O 8.26 0.20Mg −0.45 0.12S −0.41 0.15Ti −0.55 0.17Fe −0.53 0.12Spite etal. (1989a,1989b), Spite&Spite (1990) F supergiants,spe
tralanalysis, LTE C 7.77 0.08O 8.1 0.08Mg 6.89 0.05S 6.70 0.12Ti 4.39 0.26Fe 7.02 0.10Russell &Bessell (1989) F supergiants,photometry/spe
tros
opy,LTE C 7.56 0.06Mg 7.00 0.12Ti 4.51 0.11Fe 6.78 0.18Venn (1999),N updates byVenn &Przy-billa (2003) A supergiants,spe
tralanalysis,non-LTE N 7.52 0.38O 8.14 0.10Mg 6.83 0.11Ti 4.29 0.15Fe 6.71 0.14109



9 CHEMICAL ABUNDANCE ANALYSISTable 9.5: Overview of mean abundan
es from other studies (
ontinued).Sour
e Method El.(s) mean value 1σ-s
atter remarksTrundle etal. (2004),Trundle etal. (2005) B supergiants,spe
tros
opy,non-LTE C 6.93 0.15N 7.72 0.33O 8.13 0.14Mg 6.83 0.11Lee etal. (2005) B supergiants,spe
tros
opy,non-LTE C 6.9 0.3 targets in SMCwingN 7.7/7.6 0.2/0.3O 8.3/8.0Mg 6.7/6.6 0.1/0.1Fe 6.2Dufton etal. (2005) B supergiants,spe
tros
opy,non-LTE C 7.06 0.12N 7.42 0.15O 8.09 0.12Mg 6.70 0.10Hunter etal. (2007,2009),Trundle etal. (2007) B stars,FLAMESsurvey,spe
tros
opy,non-LTE C 7.30 0.28 Fe in LTE,estimated
orre
tions for C,supergiantsex
luded for NN 7.28 0.31O 7.99 0.21Mg 6.72 0.18Fe 6.92 0.15Carrera etal. (2008) red giants,Ca ii triplet [M/H℄ −1 to −1.6 �rst dete
tionof gradient,due to ageParisi etal. (2010) red giants,Ca ii triplet [M/H℄ ∼ −1 ∼0.2 no gradienteven fordi�erent agesCioni (2009) AGB stars,ratio of C andM types [M/H℄ ∼ −1.25 ∼0.3 no gradient
Dufour (1984) H ii regions,spe
tros
opy He 0.08 0.003 relatively strongdepletion of Cand NC 7.16 0.04N 6.46 0.12O 8.02 0.08S 6.49 0.14Garnett (1999) H ii regions,spe
tros
opy C 7.4 relatively strongdepletion of Cand N, new HSTobservationsN 6.5O 8.0S 6.3Vermeij &van derHulst (2002) H ii regions,spe
tros
opy He 0.085 0.004N 6.45 0.09O 7.96 0.06S 6.18 0.12110



9.6 Previous Abundan
e Studies in the SMC9.6.3 Interstellar Medium: H ii RegionsAbundan
es from the interstellar medium are mainly based on emission-line spe
-tros
opy of H ii regions. Early studies of the 1970s and 1980s (Aller et al. 1974,Dufour 1975, Lequeux et al. 1979, Dufour & Harlow 1977, Pagel et al. 1978, Alleret al. 1975, and Dufour et al. 1982) are summarised by Dufour (1984). No trend ofabundan
es with respe
t to position is dete
ted and all studies indi
ate quite 
on-sistent abundan
es. Therefore, only the review abundan
es are listed in Table 9.5.A more re
ent review is given by Garnett (1999) in
luding also studies of Dennefeld& Stasi«ska (1983), Heydari-Malayeri et al. (1988), and Russell & Dopita (1990).Abundan
es based on updated atomi
 data are proposed by Kurt & Dufour (1998)implying slight 
hanges of .0.1 dex. Little has 
hanged sin
e then. Another studyworth mentioning here 
omes from Vermeij & van der Hulst (2002) who investigatedseveral elements in three SMC H ii regions. Their mean and 1σ-s
atter of these threeobje
ts is also given in Table 9.5.Generally, abundan
es for O, Ne, S, Ar, Si, Cl, and Ar 
onsistently show lowerabundan
es by∼0.7−0.8 dex with respe
t to the standard solar abundan
es of Grevesse& Sauval (1998). However, 
arbon and espe
ially nitrogen indi
ate still mu
h lowerrelative abundan
es of the order of −1.1 to −1.5. (The underabundan
e with respe
tto values derived for the lo
al interstellar medium is slightly smaller.)It should be noted that studies of the emission lines of H ii regions are still subje
tto 
onsiderable systemati
 un
ertainties. Several 
alibrations relating measured �uxesto abundan
es are in use and yield values di�ering by up to an order of magnitude. A
ru
ial point is also the determination of the temperature of the ele
tron gas. A ni
edis
ussion and an example on how di�erent 
alibrations lead to di�erent abundan
esis given by Kudritzki (2010).Nevertheless, good agreement in general is found between the abundan
es fromH ii regions (Table 9.5) and the mean abundan
es from the present study (Table 9.4).Oxygen abundan
es �t very well while sulfur abundan
es still agree well with betteragreement for earlier abundan
es. Abundan
es for 
arbon and nitrogen are hard to
ompare due to the CN-pro
essed matter in the stellar atmosphere of massive starsbut seem extraordinarily small in the H ii regions. The helium abundan
es of theH ii regions are a good lower limit for the ones found in the present work. The Cabundan
es derived from H ii regions are even lower than in most studies of Cepheids,supergiants, or B stars where the C abundan
e is expe
ted to be already smaller thanin their surroundings due to nu
lear pro
esses. This 
an be explained by the e�
ientdepletion of C from the gas phase into a 
ondensed dust phase, whi
h is a knownphenomenon in the interstellar medium. The N abundan
e in the H ii regions showsthe greatest dis
repan
ies between stars and gas (by about 1.5 orders of magnitude).In 
ontrast to C, N is not readily bound into dust grains. The low N abundan
e inH ii regions thus seems to be real implying a low pristine abundan
e. As most of theN is likely produ
ed in AGB stars via neutron 
apture of C 
ores, the low abundan
eof this seed 
ore would result in a smaller N abundan
e. In the supergiants, N 
anthen be strongly enri
hed by the CNO pro
ess and mixing.111



9 CHEMICAL ABUNDANCE ANALYSIS9.6.4 Summary and Conne
tion to the Present Supergiant SampleIn summary, it 
an be noted that there is fair agreement between the abundan
esderived from the B and A supergiants in the present work and other studies from theliterature dealing with obje
ts of similarly young age.Overall metalli
ities from Cepheids �t well to the ones from the present work.However, in this work, it was possible to give mu
h more detailed abundan
e infor-mation 
omprising several elemental spe
ies.Studies about F supergiants in non-LTE provide rather good agreement for mostelements but also show systemati
al o�sets e.g. for S or Mg � possibly due to amodelling only in LTE whi
h may be violated to some degree in the low-densityatmospheres of these stars. Good to ex
ellent agreement with the non-LTE studyof A supergiants by Venn (1999) (with updates for N by Venn & Przybilla 2003) isfound. Moreover, the spread in abundan
es from star to star is 
omparably low.Abundan
es from B supergiants and B stars in the literature are generally infair agreement with the present work for O, Mg, and partly Fe. For the B stars,the FLAMES surveys �nd lower abundan
es for O and Mg. C and N abundan
esare systemati
ally lower than in the present work. These systemati
s may be dueto less sophisti
ated atomi
 data, to negle
ting non-LTE e�e
ts (e.g. for Fe), andto estimated abundan
e 
orre
tions (e.g. for C). For the elements whi
h are stilluna�e
ted by stellar evolution (O, Mg, and Fe) and whi
h were also studied in thepresent work, smaller 1σ-s
atters of the abundan
es from star to star are found here.It was already noted that C and N abundan
es in H ii regions are very small
ompared to the supergiants (depletion into dust for C). Remarkably, the metalsuna�e
ted by CN-pro
essed material, O and S, are in fair agreement with the presentresults if all un
ertainties (relatively large systemati
s for H ii regions) are takeninto a

ount. Interestingly, the earlier the abundan
es were derived, the better theagreement with the the BA supergiants of this work.All in all, the present study �nds relatively good agreement for most elements(ex
luding C and N) with previous abundan
e studies, however at signi�
antly re-du
ed statisti
al and systemati
 un
ertainties. The thorough determination of stellarparameters and the use of up-to-date atomi
 data for non-LTE modelling are key in-gredients for the a

ura
y and reliability a
hieved. The present work may be regardedas the most 
onsistent evaluation of 
hemi
al abundan
es in the SMC so far and themost 
omprehensive in terms of the supergiant population of the SMC. With that,the highest degree of 
hemi
al homogeneity in the SMC up to now was determined.
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10 Distan
e and Depth Extension of the SMC � the Flux-weighted Gravity�Luminosity Relationship (FGLR)Deriving distan
es is one of the key problems in astronomy. In prin
iple, distan
es
an be inferred from
fν = Fν

R2

d2
(10.1)or

m − M = −2.5 log

(

l

L

)

= 5 · log d − 5 + AV . (10.2)with fν and Fν being the �ux densities at the stellar surfa
e (radius R) and foran observer at distan
e d, L and l the 
orresponding luminosities, AV the interstellarextin
tion, and m/M the apparent/absolute magnitude. However, neither F norabsolute magnitudes (M) 
an usually be derived dire
tly.The only dire
t distan
e estimate is based on the parallax, a slightly di�erentposition of an obje
t in the sky due to the movement of the earth around the Sun.The angular di�eren
e π (measured at time intervals of six months) is related to thedistan
e d via the simple relation
d =

1

π
(10.3)where π is given in mas (milli ar
 se
onds) and d in kp
 (kilo parse
). Thissimpli
ity is due to the de�nition of a parse
 as the distan
e from whi
h the diameterof earth's orbit around the Sun is seen under an angle of 1 ar
 se
ond. The limitingfa
tor for this kind of distan
e estimate is the a

ura
y with whi
h parallaxes 
an bemeasured, whi
h is & 1mas at best for bright targets. Reliable distan
e estimatesbased on the 
urrent te
hni
al equipment (su
h as the Hippar
os satellite) are thus
on�ned to obje
ts well within distan
es of 1 kp
. Future missions su
h as the GAIAsatellite are expe
ted to signi�
antly redu
e the un
ertainties but will still be limitedto distan
es around 100kp
.The se
ond possibility for distan
e estimates relies on variable stars su
h asCepheids (named after δCephei). Cepheids are pulsating stars whi
h periodi
ally
hange their luminosity in parallel to their radius and their atmospheri
 mean den-sity. It was �rst found by Leavitt in 1912 from Cepheids in the Small Magellani
Cloud that these variables obey a period−luminosity relationship of the form

M ≈ −2.88 log P − 1.24. (10.4)The 
onstant o�set was not yet known to Leavitt. It has to be determined inde-pendently � ideally from parallaxes of Cepheids. This 
ould be a
hieved only for a fewMilky Way obje
ts (
ombined with light e
hoes), so that one also relies e.g. on main-sequen
e �tting of CMDs of 
lusters. E�e
ts whi
h may in�uen
e this relationshipare dimming by interstellar matter or metalli
ity dependen
e. However, investiga-tions to 
onstrain these e�e
ts usually are or must be omitted, introdu
ing signi�
ant113



10 DISTANCE AND DEPTH EXTENSION OF THE SMC � THE FLUX-WEIGHTEDGRAVITY�LUMINOSITY RELATIONSHIP (FGLR)un
ertainties to distan
es derived this way. Despite the mentioned problems variablestars su
h as Cepheids are the standard obje
ts for deriving extragala
ti
 distan
es.Several other ways to estimate distan
e su
h as RR Lyrae stars or red 
lump starsare in use but are subje
t to similar un
ertainties.For mu
h larger distan
es one relies on supernovae of type Ia whi
h are thoughtof as standard 
andles. However, this is still a matter of debate and requires a 
areful
alibration e.g. with the help of Cepheids.Therefore, another possibility to derive distan
es is well appre
iated. Su
h a possi-bility is given by the �ux-weighted gravity−luminosity relationship (FGLR, Kudritzkiet al. 2003) for blue supergiants evolving towards the red supergiant stage.10.1 Theoreti
al and Observational MotivationThe FGLR relies on two basi
 assumptions. First, massive stars from ≈12M⊙ to
≈40M⊙ evolve through the BA-type supergiant stage at almost 
onstant luminosity L(see Fig. 3.7). Furthermore, the evolution through that regime happens on relativelyshort times
ales (of the order of 20 000 years for a 20M⊙ star) implying that mass-loss may well be negle
ted and thus that the mass is 
onstant. This has interesting
onsequen
es for the relationship of gravity and e�e
tive temperature:

M ∝ gR2 ∝ L · g

T 4
eff

= LgF = const. (10.5)indi
ating a 
onstant �ux-weighted gravity
gF =

g

T 4
eff

(10.6)for the evolution at 
onstant luminosity through the BA-type supergiant domain.This means also that during this whole evolutionary phase, the luminosity of a staris fully determined by its e�e
tive temperature and the surfa
e gravity � two basi
parameters of stellar atmospheres whi
h 
an be determined through spe
tral analyses.It is only in the last de
ade(s) that quantitative analyses have be
ome reliable anda

urate enough to allow for a trustworthy 
alibration and appli
ation of the FGLR.Employing the mass−luminosity relation (Eqn. 3.2) one �nds
L1−α ∝

(

g

T 4
eff

)α

. (10.7)Expressed in absolute bolometri
 magnitudes Mbol ∝−2.5 log L, the �ux-weightedgravity�luminosity relationship for blue supergiants adopts the following form
−Mbol = aFGLR(log gF − 1.5) + bFGLR (FGLR) (10.8)where the 
onstants depend on the exponent of the mass−luminosity relation, i.e.

aFGLR = 2.5 · α

1 − α
. (10.9)114



10.1 Theoreti
al and Observational Motivation

Figure 10.1: Flux-weighted gravities (the temperature T,4 is given in units of 10 000K) andabsolute bolometri
 magnitudes from Kudritzki et al. (2008) for their sample of stars invarious galaxies. A linear �t (solid line) reveals a slope of the FGLR of −3.41. The stellarevolution FGLRs (Meynet & Maeder 2005, Maeder & Meynet 2001) for models with rotationare superimposed (dashed : Milky Way metalli
ity, long-dashed : SMC metalli
ity).On
e the slope a and the o�set b are 
alibrated with observations, it is thus possibleto derive distan
es to individual stars as well as galaxies (from a sample of super-giants). Of 
ourse, before applying the FGLR as distan
e indi
ator, an observational
alibration is mandatory.The state-of-the-art 
alibration for the FGLR was provided by Kudritzki et al.(2008, in the following abbreviated as Kud08) in a study of 24 supergiants of spe
-tral type B and A from NGC300 together with other supergiants from seven othergalaxies. The 
ombined results are shown if Fig. 10.1 and indi
ate
aFGLR,Kud08 = −3.41 ± 0.16

bFGLR,Kud08 = 8.02 ± 0.04 . (10.10)Note that in the �gure as well as from now on, log gF is not simply the logarithmof gF but de�ned as 115



10 DISTANCE AND DEPTH EXTENSION OF THE SMC � THE FLUX-WEIGHTEDGRAVITY�LUMINOSITY RELATIONSHIP (FGLR)
log gF = log g/T 4

,4 = log g − 4 · log

(

Teff

10 000 K

) (10.11)Good agreement between the observations and theory (dashed lines in the �gure)was found. Signi�
ant deviations o

urred only at the lowest gF values or the highestluminosities or absolute bolometri
 magnitudes where the theoreti
al FGLRs tend tobend upward.A

ording to the dis
ussion in Maeder (2009), their Se
t. 24.3, 25.2 and Fig. 25.6,the exponent of the mass−luminosity relation α varies with the mass of a star andits evolutionary phase. This is due to 
hanges in nu
lear rea
tion rates, radiationpressure, and opa
ities. α is maximal on the main sequen
e of solar metalli
ityaround solar-mass stars (α ∼ 4.5) and slowly de
reasing towards higher masses (∼ 2at 100M⊙). Although these values are derived for main sequen
e stars, the prin
iplesbehind them may also be applied to more evolved stars. With that, higher massesimply smaller α and with Eqn. 10.9 also higher absolute values of aFGLR (as longas α > 1, whi
h is the 
ase for reasonable assumptions on the stellar parameters).Higher masses in turn 
an be expe
ted at higher luminosities and thus lower log gFvalues. As a result, the slope of the theoreti
al FGLR relations is steeper meaninghigher absolute values of aFGLR at low log gF as it is the 
ase in Fig. 10.1.Mass-loss during the stellar life is less pronoun
ed at lower metalli
ity in a stellaratmosphere (e.g. Kudritzki & Puls 2000). Thus, supergiants in the SMC will havelost less mass during their previous evolution 
ompared to stars at ∼solar metalli
ity.Looking at two stars � one metal-poor and one metal-ri
h � of the same e�e
tivetemperature and luminosity, the metal-poor one will still possess more of its originalmass and thus a higher log g. As mass-loss rates are generally higher at highermasses, this will have a larger e�e
t in ranges with high luminosities. This is ase
ond 
ontribution to the bend in the theoreti
al FGLR at high luminosities and
auses the deviation between the theoreti
al 
urves in Fig. 10.1 at SMC and solarmetalli
ity.10.2 An Attempt to Calibrate the FGLR in the low-Metalli
ity Environ-ment of the SMCThe 
oe�
ients a and b of the FGLR depend on the exa
t form of the mass�luminosityrelation and may thus vary in di�erent environments su
h as the low-metalli
ityenvironment of the SMC 
ompared to the Milky Way or other galaxies. The �rstapproa
h was therefore to 
alibrate the FGLR by deriving the 
onstants a and b. This
an be done when distan
es and thus absolute bolometri
 magnitudes are known forea
h obje
t.The distan
e of ea
h obje
t was adopted to be equal to the mean distan
e ofthe SMC whi
h is a good solution in 
ase the depth extension in the line of sight issmall 
ompared to the distan
e of about 60 kp
. The distan
e of the SMC has been amatter of debate through many de
ades now (see Se
t. 10.4). It was de
ided to workwith the 
anoni
al distan
e modulus of 19.0 (
orresponds to ∼ 63 kp
) as distan
esfor the SMC and all of the targets. 116



10.2 An Attempt to Calibrate the FGLR in the low-Metalli
ity Environment of the SMCFor a 
alibration of the FGLR, the �ux-weighted gravity gF and the absolutebolometri
 magnitude Mbol then had to be determined for ea
h obje
t. gF is di-re
tly derived from the atmospheri
 parameters Teff and log g derived in Se
t. 8 viaEqn. 10.11.To determine the absolute bolometri
 magnitude, several 
ontributions must betaken into a

ount. Combining Eqs. 2.12 and 2.14 one �nds
Mbol = mV − (mV − MV )0 + B.C. − AV (10.12)The apparent visual magnitudes have been measured in photometri
 observations(photoele
tri
 measurements for most stars and CCD photometry for a few obje
ts).Values from multiple sour
es were employed (see Table 6.1). (mV − MV )0 is thedistan
e modulus for ea
h obje
t and was set to 19.0 as des
ribed above. The bolo-metri
 
orre
tion 
an be inferred either from an analysis of the energy distribution ofthe model atmosphere or from an analyti
al �t formula (as dis
ussed in Kud08, theirformula 6):

B.C.(Teff , log g, [Z]) = fmax

[

1 − a exp

(

− log gF − xmin

h

)]

− 4.3 log
Teff

10 000 K
·
(

1 + log
Teff

10 000 K

)

+ 0.09[Z] · (1 + 0.26[Z]) (10.13)with a = 1−fmin/fmax, fmin = −0.39, fmax = −0.265, xmin = 1.075, and h = 0.17.This formula was employed for all bolometri
 
orre
tions.Finally, the extin
tion AV 
an be derived with Eqn. 2.13. Extin
tion towardsthe SMC is dominated by the Milky Way foreground for most obje
ts (based on theequivalent widths of the SMC and MW 
omponents of the interstellar NaD lines).Thus, working with a typi
al RV of 3.1 for the Milky as well as with a Gala
ti
reddening law is justi�ed.The 
olour ex
ess E(B −V ) (Eqn. 2.11) in turn is determined from a 
omparisonof observed � (B − V ) � and syntheti
 � (B − V )0 � 
olours based on the modelatmosphere for the �nal parameters of ea
h obje
t.The resulting �ux-weighted gravities and bolometri
 magnitudes are plotted inFig. 10.2 as �lled symbols for a redu
ed sample. This ex
ludes targets for whi
hatmospheri
 parameters 
ould not be reliably determined. A simple linear regressionto the SMC BA-type supergiants would reveal the following 
alibration:
aFGLR,SMC = −3.37 ± 0.35

bFGLR,SMC = 7.86 ± 0.07 . (10.14)Comparing these results with the 
alibration from Kud08 reveals ex
ellent agree-ment in terms of the slope of the FGLR in the SMC and in the average over eightgalaxies and modest agreement in terms of the verti
al o�set. Note that the un-
ertainty in b is not the s
atter of deviations from the linear regression but the117



10 DISTANCE AND DEPTH EXTENSION OF THE SMC � THE FLUX-WEIGHTEDGRAVITY�LUMINOSITY RELATIONSHIP (FGLR)

Figure 10.2: Flux-weighted gravities gF and absolute bolometri
 magnitudes Mbol for theBA supergiant sample of this work (31 stars with reliable atmospheri
 parameters) as �lledsquares. The solid line is the simple linear regression �tted to these targets with ea
h obje
tweighted equally. See text for a dis
ussion of the error bars. Open squares denote the targetsfrom the state-of-the-art 
alibration of the FGLR from Kud08 from the average over eightgalaxies. The dotted line marks the linear regression to their obje
ts. There is ex
ellentagreement in terms of the slope of the two relations. The dashed 
urve is the theoreti
alFGLR as inferred from stellar evolution models for 12, 15, 20, and 25M⊙ from Maeder &Meynet (2001) and for 30 and 40M⊙ from Meynet & Maeder (2005). Their models are
al
ulated for an initial rotational velo
ity of 300 km s−1 and for SMC metalli
ity (one �fthsolar).un
ertainty in the o�set parameter of the �tted line (with log gF =1.5 as the zeropoint).It is now appropriate to dis
uss the individual un
ertainties of gF and Mbol ofthe program stars and the overall s
atter around the FGLR �t. At �rst, the s
atterof the BA-type supergiants of the present study in Fig. 10.2 around the linear �twould seem reasonable as it is of a similar order of magnitude as the s
atter of theKud08 obje
ts. However, the s
atter of the SMC sample treated in the present workis expe
ted to be signi�
antly smaller than the Kud08 sample for two basi
 reasons.
• Firstly, stellar parameters in the present work 
ould be determined more a

u-rately and 
onsistently. Although both analyses made use of the same model
odes, there are some di�eren
es in the analysis strategy and the quality of118



10.2 An Attempt to Calibrate the FGLR in the low-Metalli
ity Environment of the SMCTable 10.1: Flux-weighted gravities log gF from the parameter determination and absolutebolometri
 magnitudes Mbol inferred under the assumption of the same distan
e modulusof 19.0 for the program stars in Fig. 10.2. These values were derived to 
alibrate the FGLRfor the SMC. The last 
olumn 
ontains the theoreti
al distan
e moduli (tDM) whi
h 
an bederived when adopting the (�xed) FGLR 
alibration from Kud08 (see below for a dis
ussionof the un
ertainties). The obje
ts are ordered by growing right as
ension (as in Table 6.1).Obje
t log gF Mbol tDMdex mag magAV20 1.34±0.05 −7.74±0.05 19.82±0.18AV22 1.24±0.12 −8.26±0.20 19.64±0.45AV56 1.17±0.10 −9.71±0.13 18.44±0.38AV76 1.26±0.13 −8.53±0.19 19.32±0.48AV98 1.41±0.07 −8.00±0.08 19.32±0.26AV105 1.72±0.05 −7.15±0.04 19.13±0.18AV110 1.49±0.09 −7.39±0.10 19.66±0.32AV136 1.28±0.05 −8.26±0.04 19.49±0.18SK56 1.31±0.12 −9.28±0.15 18.38±0.44AV151 1.35±0.10 −8.68±0.08 18.84±0.36AV200 1.38±0.12 −7.96±0.14 19.46±0.44AV205 1.56±0.05 −7.12±0.04 19.69±0.18AV211 1.41±0.12 −8.21±0.12 19.13±0.43AV270 1.49±0.10 −7.90±0.12 19.16±0.37AV273 1.69±0.05 −6.99±0.04 19.36±0.18AV297 1.52±0.12 −7.67±0.10 19.29±0.41AV298 1.71±0.05 −6.73±0.04 19.56±0.18AV315 1.40±0.07 −8.56±0.08 18.80±0.26AV338 1.84±0.07 −6.94±0.07 18.91±0.26AV347 1.52±0.12 −7.39±0.10 19.58±0.42AV362 1.37±0.10 −8.98±0.05 18.49±0.35AV367 1.22±0.12 −8.46±0.18 19.54±0.45AV382 1.47±0.07 −8.12±0.08 19.01±0.26AV392 1.97±0.05 −6.60±0.04 18.81±0.18AV399 1.81±0.06 −7.05±0.05 18.91±0.20AV443 1.11±0.11 −9.74±0.21 18.62±0.42AV463 1.79±0.05 −7.06±0.04 18.98±0.18AV504 1.63±0.13 −7.68±0.11 18.88±0.45SK194 1.41±0.13 −8.09±0.14 19.24±0.45SK196 1.35±0.11 −7.95±0.12 19.59±0.41SK202 1.50±0.11 −8.12±0.09 18.90±0.38the observational material. The present work was based on line pro�le �ts tovarious Balmer lines and (multiple) ionisation equilibria being more sensitiveto temperature 
hanges than the size of the Balmer jump employed in Kud08(together with Balmer lines). This was possible be
ause of a higher quality ofthe observational material. The present work 
ould investigate high-resolution119



10 DISTANCE AND DEPTH EXTENSION OF THE SMC � THE FLUX-WEIGHTEDGRAVITY�LUMINOSITY RELATIONSHIP (FGLR)(R = 48 000), high S/N spe
tra (∼ 100) whereas the majority of targets inKud08 was observed at medium resolution (R = 1 000) and lower S/N (∼ 40).The lower quality of the data (the obje
ts are mu
h fainter and thus harder toobserve) made it ne
essary to use less sensitive spe
tral features and leads tolarger un
ertainties for ea
h obje
t.Another important point with respe
t to the atmospheri
 parameters is the
onsisten
y of an analysis in terms of an independent determination of otheratmospheri
 parameters. To be pre
ise, the model grids employed by Kud08did a

ount for various e�e
tive temperatures, surfa
e gravities, and metalli
-ities, however, assumed �xed values for the helium abundan
e and the mi
ro-turbulen
e. These model grids were also the starting point for the parameterdetermination of this work, however, additional re�nements due to individuallyadapted helium abundan
es and mi
roturbulen
es with additional 
al
ulationswere possible be
ause of the high quality of the observational material. A he-lium abundan
e and mi
roturbulen
e di�erent than the expe
ted value wouldalso demand a modi�
ation on the other parameters Teff and log g. If this is the
ase, ignoring these e�e
ts will lead to additional systemati
 errors.
• Se
ondly, besides the issue of parameter a

ura
ies, one 
an also expe
t theinhomogeneity of the Kud08 sample to enlarge the s
atter around the FGLRlinear �t. As 
an be seen e.g. in the theoreti
al 
urves of Fig. 10.1, di�er-ent environments su
h as di�erent metalli
ities may imply (slightly) di�erent
alibrations. As the 
alibration employed from Kud08 in
ludes stars from eightgalaxies 
omprising environments of various metalli
ities (mostly obje
ts around1/2 solar metalli
ity), an e�e
t on the s
atter around the linear �t 
annot befully ignored. In the present study, all targets are lo
ated in the same envi-ronment, were observed with the same instrument, and analysed with the samemethods.Therefore, one would expe
t a signi�
antly smaller s
atter for the present SMCstudy than for the Kud08 analysis. However, the 1σ-s
atter of deviations from thelinear �t in the present study (0.40mag) is even larger than in Kud08 (0.32mag).Thus, there 
ould be an e�e
t una

ounted for so far.Before a deeper dis
ussion on this matter, let us �rst dis
uss the order of magni-tude of the un
ertainties in Mbol in the present study. Un
ertainties may originatefrom several sour
es (see the individual terms in Eqn. 10.12):
• Photometry. Un
ertainties from photometri
 observations may represent a non-negligible 
ontribution. Observed magnitudes su
h as mV and (B − V ) ne
es-sary for deriving Mbol often had to be taken from rather early studies in the1970's and 1980's (see Table 6.1 for an overview on photometry sour
es). Laterstudies often ex
luded the very obje
ts analysed in this work due to a possiblesaturation of these bright targets in the observation. This is one of the rareo

asions where the high luminosity of BA supergiants � a major advantagemaking extragala
ti
 stellar spe
tros
opy possible � is a
tually a disadvantage.All photometri
 investigations for the program stars assume un
ertainties in120



10.2 An Attempt to Calibrate the FGLR in the low-Metalli
ity Environment of the SMCthe apparent magnitudes of few hundredths of magnitudes (Table 6.1). A more
onservative estimate based on the s
atter of magnitude values for the samestars from di�erent studies would be . 0.1mag. In this regard, it should alsobe noted that supergiants may be subje
t to intrinsi
 variability (pulsations).Bresolin et al. (2004) found them to be of the order of 0.1mag and to have nosigni�
ant e�e
t on the 
alibration of the FGLR.
• Extin
tion. The extin
tion AV depends on observed photometry as well as onspe
tros
opi
ally derived atmospheri
 parameters (through a 
hange of syntheti

olours from the model atmosphere). The un
ertainty 
ontribution from thederived atmospheri
 parameters are 
hosen based on the rea
tion of the (B−V )0
olour when 
hanging Teff and log g a

ording to their un
ertainties so that thee�e
ts add up. This is a 
onservative estimate and leads to un
ertainties in

AV (
ombined with the observational un
ertainties) of the order of . 0.05 to
. 0.1mag for the 
ool and hot obje
ts of the 
urrent sample respe
tively. Coolerobje
ts have smaller un
ertainties due to the high pre
ision for Teff derived fromthe extremely sensitive Mg i/ii ionisation equilibrium (if appli
able).

• Bolometri
 
orre
tion. Similar to the extin
tion, the un
ertainty in the bolo-metri
 
orre
tion is also a fun
tion of the un
ertainties in the atmospheri
 pa-rameters. Again, the un
ertainty in B.C. was � 
onservatively � derived fromthe 
hange a

ording to Eqn. 10.13 when Teff and log g are altered a

ording totheir un
ertainties so that the e�e
ts add up. . 0.05 to . 0.15mag for the 
ooland hot obje
ts of the sample are the result.Combining these e�e
ts by simple Gaussian error propagation leads to quite 
on-servative un
ertainties for Mbol of typi
ally ∼ 0.05 − 0.15 (see Table 10.1).When dis
ussing the (verti
al) distan
es of the stars in Fig. 10.2, one must alsoa

ount for another un
ertainty 
ontribution:
• Stellar parameters. The stellar parameters may also dire
tly in�uen
e the dis-tan
e of a star from the linear FGLR �t through a horizontal shift. Un
ertaintiesin log gF of ∼0.05 to <0.10 dex for 
ool and hotter obje
ts respe
tively translateto un
ertainties in Mbol of ∼0.1 to 0.2mag. Note that the 
ombined un
ertaintyof Teff and log g to log gF is a
tually smaller than the individual ones due toa higher sensitivity of the spe
tral indi
ators to 
hanges in log gF (see Kud08,their Se
t. 6.1 for a detailed dis
ussion). Here, a very 
onservative estimatebased on Gaussian error propagation of Teff and log g to log gF is adopted.In order to estimate the overall un
ertainty of the distan
e (in mag) of an obje
t tothe derived FGLR line (whi
h may be written as Mbol −Mbol,FGLR(log gF)), one musttake into a

ount that the un
ertainty 
ontributions are 
orrelated. For example,if the e�e
tive temperature was underestimated, the obje
t would move to highertemperatures and thus to lower log gF values. In a plot su
h as in Figs. 10.1 or 10.2the star would move to the right. However, raising the e�e
tive temperature alsoa�e
ts the theoreti
al 
olours as the �ux in the blue band will grow faster than in thevisual band. Thus, the B magnitude will de
rease faster than V implying a smaller121



10 DISTANCE AND DEPTH EXTENSION OF THE SMC � THE FLUX-WEIGHTEDGRAVITY�LUMINOSITY RELATIONSHIP (FGLR)
olour (B − V )0. With Eqn. 2.11, this means that the 
olour ex
ess will in
reaseand that one must 
orre
t for a larger extin
tion AV . Finally, one arrives at smaller
Mbol's (see Eqn. 10.12) or (intrinsi
ally) brighter targets. The star moves upward inFigs. 10.1 or 10.2.To summarise this 
onsideration, 
hanging the atmospheri
 parameters Teff and
log g 
annot dire
tly (i.e. horizontally in the FGLR plots) bring the star 
loser tothe linear �t of the FGLR, there will always be a motion more parallel to the linearregression � in other words a kind of evasion manoeuvre. Evasions also happen asrea
tions to log g 
hanges, although with redu
ed responses. Therefore, un
ertaintiesin Mbol − Mbol,FGLR(log gF) are even smaller than for Mbol alone.Thus, the un
ertainty estimates made for the sample stars are 
onservative intwo respe
ts. First, 
on
erning the estimate of the un
ertainty in log gF from simpleerror propagation and se
ond, in terms of the 
ontributions to the un
ertainty in thetheoreti
al distan
e moduli by ignoring 
orrelation e�e
ts. This provides additionalse
urity meaning that 
on
lusions based on these un
ertainties 
an be expe
ted to bequite signi�
ant.With these un
ertainties in mind, one 
omes to the 
on
lusion that the s
atterof the distan
e of the program stars to the linear FGLR (Fig. 10.2) is too large tobe explained solely by the un
ertainties dis
ussed. Most stars do not lie within the(
onservative) error bars on the linear �t in 
ontrast to Fig. 10.1. Therefore, theassumption of equal distan
es for all obje
ts 
annot be fully sustained. The SMC islikely to have a signi�
ant extension in the line of sight.In that 
ase, the SMC would not be suitable to 
alibrate the FGLR as di�erentindividual distan
e moduli would have to be applied in order to obtain a properestimate of bFGLR. Nevertheless, the slope of the relation should be hardly a�e
tedif the number of obje
ts is large enough. With that, one 
ould at least say, that nosigni�
ant deviation (at the a

ura
y whi
h 
an be a
hieved at present) of the slopeis found between about solar and one �fth solar metalli
ity.10.3 Probing the Depth Extension of the Small Magellani
 CloudIn order to further dis
uss su
h an extension in the line of sight, Fig. 10.3 shows ahistogram of distan
e moduli for the program stars in Fig. 10.2. The distan
e moduliare now derived based on the FGLR as already 
alibrated by Kud08 form the averageover eight galaxies. (Although they may be systemati
 e�e
ts for the FGLR due to thedi�erent environment in the SMC, the relative distan
es should be hardly a�e
ted.)For that, the apparent bolometri
 magnitude mbol is �rst determined similarly as
Mbol in Eqn. 10.12 but without the distan
e modulus (mV − MV )0. The theoreti
aldistan
e moduli are than derived as

tDM = mbol − Mbol,FGLR(log gF) (10.15)where Mbol,FGLR(log gF) is the absolute bolometri
 magnitude indi
ated by thegiven FGLR due to the value of log gF from the atmospheri
 parameters.As mentioned before, even when a

ounting for the un
ertainties as dis
ussed inthe last se
tion, the spread among the sample is too large to be 
ompatible with one122



10.3 Probing the Depth Extension of the Small Magellani
 Cloud

Figure 10.3: Histogram of distan
e moduli (binned to 0.1mag) for single stars derived fromthe di�eren
e of the apparent bolometri
 magnitude and the absolute bolometri
 magni-tude indi
ated by a given FGLR as 
alibrated by Kud08: Eqn. 10.10 or the dotted line inFig. 10.2). Stars lo
ated above this dotted FGLR thus produ
e a distan
e modulus smallerthan the 19.0 adopted for plotting Fig. 10.2 and would lie 
loser to us. Stars below thisFGLR produ
e a distan
e modulus larger than 19.0 and would be further away.

Figure 10.4: Same as Fig. 10.3 but with additional early B supergiants in the SMC fromstudies of Trundle et al. (2004) and Trundle & Lennon (2005) as re-investigated by M.Urbaneja (priv. 
omm.). 123



10 DISTANCE AND DEPTH EXTENSION OF THE SMC � THE FLUX-WEIGHTEDGRAVITY�LUMINOSITY RELATIONSHIP (FGLR)Table 10.2: Parameters of the early B supergiants from M. Urbaneja (priv. 
omm.). Theo-reti
al distan
e moduli (tDM) are derived in the same way as for the BA supergiants withthe FGLR of Kud08.Obje
t Teff log g mV (B�V ) E(B�V ) B.C. tDM RA DEK dex mag (J2000) (J2000)AV10 17000 2.20 12.58 −0.02 0.12 −1.56 19.43 00:45:46.97 −73:39:54.7AV18 19000 2.30 12.46 0.03 0.18 −1.81 19.19 00:47:12.21 −73:06:33.1AV78 21500 2.40 11.05 −0.03 0.13 −2.17 17.96 00:50:38.39 −73:28:18.2AV96 22000 2.55 12.59 −0.10 0.08 −2.17 19.28 00:51:23.13 −72:07:20.6AV104 27500 3.10 13.17 −0.16 0.06 −2.71 18.83 00:51:38.49 −72:48:05.7AV210 20500 2.40 12.60 −0.02 0.14 −2.00 19.37 00:58:35.79 −72:16:25.0AV215 27000 2.90 12.69 −0.09 0.12 −2.67 18.78 00:58:55.64 −72:32:08.0AV264 22500 2.55 12.36 −0.15 0.03 −2.22 19.29 01:01:07.76 −71:59:58.8SK191 22500 2.55 11.86 −0.04 0.13 −2.33 18.37 01:01:57.22 −72:12:42.3AV303 22500 2.75 12.78 −0.13 0.06 −2.23 18.92 01:02:21.45 −72:00:17.6AV373 19000 2.30 12.17 −0.09 0.06 −1.81 19.27 01:04:58.06 −72:39:59.5AV374 20000 2.65 13.04 −0.13 0.04 −1.93 19.19 01:05:01.75 −72:26:53.6AV420 27000 3.05 13.09 −0.17 0.05 −2.66 18.89 01:07:32.52 −72:17:38.7AV462 21000 2.50 12.54 −0.13 0.04 −2.05 19.37 01:11:25.92 −72:31:20.9AV472 20000 2.50 12.62 −0.11 0.06 −1.93 19.23 01:13:01.91 −72:45:48.6AV487 26000 2.80 12.58 −0.15 0.05 −2.55 19.12 01:15:53.36 −73:19:08.5distan
e modulus or a negligible extension in the line of sight. In order to furtherimprove the statisti
s of the distribution of distan
e moduli, Fig. 10.4 in
ludes earlyB supergiants from studies of Trundle et al. (2004) and Trundle & Lennon (2005) asre-investigated by M. Urbaneja (priv. 
omm., parameters are given in Table 10.2).Note that these obje
ts were observed with di�erent instruments and analysed withdi�erent 
odes and te
hniques than employed in the present study. This might leadto systemati
al e�e
ts between the two samples. Moreover, the hotter and brighterearly B supergiants populate a region where theory predi
ts a signi�
ant 
urvatureof the FGLR and a deviation from a linear relation (see e.g. the dashed 
urves inFig. 10.1).Nevertheless, there are no obvious signs for 
lear systemati
al e�e
ts between theBA-type supergiant sample in Fig. 10.3 and the 
ombination of the two samples inFig. 10.4. Only the few obje
ts in the early B supergiant sample produ
ing verysmall distan
e moduli (su
h as AV78) probably do so be
ause their large brightness
ould make it ne
essary to a

ount for a 
urved FGLR (in this luminosity regime)as predi
ted by theory. Nevertheless, it was de
ided to 
on
entrate on the empiri
allinear 
alibration by Kud08.Even when this is taken into a

ount, Fig. 10.3 and espe
ially Fig. 10.4 
learlyindi
ate a signi�
ant extension of the SMC in the line of sight. A 
onservative es-timate � based on the two maxima around 18.9 and 19.3 � is a typi
al width ofthe distribution and a depth extension of 0.4mag whi
h translates to an extensionof 100.4/5 = 20% with respe
t to the distan
e of the SMC. Adopting a distan
e of124



10.3 Probing the Depth Extension of the Small Magellani
 Cloud

Figure 10.5: The distan
e moduli derived with the Kud08 FGLR for our BA supergiantssample as bla
k 
ir
les. The size of the 
ir
les denotes the derived distan
e as indi
ated bythe legend. Small symbols indi
ate large distan
es and large symbol stars whi
h lie 
loser tous. Star designations were omitted for 
larity, however, qui
k identi�
ation for the obje
tsof the present work is possible with Fig. 6.2. The supergiants from the early B obje
ts fromM. Urbaneja are overplotted as red 
ir
les.
∼63 kp
 (distan
e modulus of 19.0) this implies an extension of enormous ∼13 kp
.This means that the SMC extends beyond its tidal radius of ∼4 kp
 and is in thepro
ess of irreversible disintegration due to gravitational for
es of the near-by LMCand the Milky Way.As a 
omparison, the width of the SMC from the distribution of stars in theplane of the sky is only ∼4000 p
. The SMC would thus be 4 times as long as it is125



10 DISTANCE AND DEPTH EXTENSION OF THE SMC � THE FLUX-WEIGHTEDGRAVITY�LUMINOSITY RELATIONSHIP (FGLR)apparently wide and resemble a 
igar viewed from the front or the end. Moreover,the �gures may indi
ate a bimodal depth distribution of stars in the SMC. Fig. 10.5shows the sample of the BA supergiants together with the early B supergiants onthe plane of the sky with the symbol size 
oding the 
orrespondent distan
e moduli.No signi�
ant 
orrelation of small or large distan
es with the position (or the radialvelo
ity) 
an be found.10.4 Distan
e and Depth Extension of the Small Magellani
 Cloud in theLiteratureAfter several de
ades of intense dis
ussion on the matter of the proper distan
e toboth Clouds and of a possible signi�
ant extension in the line of sight of the SMC, onemust still admit that these issues are not su�
iently well 
onstrained. A (ne
essarilylimited) overview of the dis
ussion in the literature is therefore re
ommended andwill be 
ompared to the �ndings of this work.The distan
es to the Clouds and the Small Magellani
 Cloud in parti
ular havebeen derived with the aid of several obje
t 
lasses or te
hniques. An importantmethod is the distan
e determination using the period�luminosity (PL) or period�luminosity�
olour (PLC) relations for Cepheids su
h as in Eqn. 10.4 as derived byMadore & Freedman (1991) for the LMC. Here, one already fa
es the �rst di�
ultiesas several 
alibrations of the PL (or the PLC) are proposed in literature (for theSMC). Moreover, both relations are sensitive to metalli
ity or reddening. These e�e
tssometimes 
an not be or are not taken into a

ount when 
alibrating or using therelations. Nevertheless, Cepheids are the standard 
andles for extragala
ti
 distan
es.RR Lyrae stars are also pulsating variables with relatively small brightness varia-tions (usually less than a magnitude) and small periods (less than a day). RR Lyraestars are all of similar age and mass. The absolute magnitudes of the RR Lyrae starsare all about MV = 0.6 ± 0.3 although a metalli
ity 
orre
tion may be ne
essary asproposed e.g. by Feast (1988)
MV (RR) = 0.92 + 0.2 · [Fe/H]. (10.16)Several other distan
e determinations te
hniques su
h as main sequen
e �tting ore
lipsing binaries have been used in the literature. A proper dis
ussion of these goesbeyond the s
ope of the present proje
t.Table 10.3 summarises distan
es, line-of-sight depths, and stru
ture models as dis-
ussed in this se
tion. The main fo
us will be on analyses investigating or dis
ussinga possible depth extension. The SMC was long thought to possess a 
onsiderableextent in depth e.g by Johnson (1961) or Hindman (1964, 1967) who proposed threeexpanding gas shells based on studies of the H i distribution.Two separate H i distributions were also seen in velo
ity-spa
e by Mathewson &Ford (1984) proposing that the SMC was torn apart by its last 
lose en
ounter withthe LMC some 200−400Myrs ago 
reating a slower fragment, the Small Magellani
Cloud Remnant(SMCR) in front of a faster fragment, the Mini-Magellani
 Cloud.The two systems are found to be separated by about 6 kp
 and 30 km s−1.126



10.4 Distan
e and Depth Extension of the Small Magellani
 Cloud in the LiteratureTable 10.3: An overview of mean distan
e moduli (m − M)0, depth extensions of the SMC(∆(m−M)0) in the line of sight (los), and derived information on its stru
ture if indi
atedin the respe
tive paper. See text for further dis
ussion.Sour
e Method (m−M)0 ∆los 
omments on(mag) (mag) the SMC stru
tureCaldwell &Coulson (1986) Cepheids (PL, PLC),H i regions 18.97±0.07 0.10�0.13 near, fast arm NE andfar, slow arm SWMathewson etal. (1986) Cepheids (PL) ∼1.2 two 
omponents withdepth 6 kp
 ea
hLaney & Sto-bie (1986) Cepheids (PL, PLC) 19.05±0.05 0.56 wing up to 0.4mag
loserWel
h etal. (1987) Cepheids (PL, PLCin JHK) 18.93±0.05 0.12 no extension behindthe tidal radiusStothers (1988) Cepheids (PL, PLC,new [Z℄ 
alibration) 18.80±0.06Groenewegen(2000) Cepheids (PL in
IJHKS) 19.11±0.1119.04±0.17 ∼0.5 SMC in
lined withNE part 
loserReid & Stru-gnell (1986) RR Lyrae (MV=0.75) 18.78±0.15Walker &Ma
k (1988) RR Lyr. in NGC 121(MV =0.60) 18.86±0.07SMC �eld 19.2Szew
zyk etal. (2009) RR Lyrae 18.97±0.03 no signi�
ant depthGarmany etal. (1987) OB stars: Spe
. Par-allax 19.1±0.1and ZAMS �tting 18.9Arellano Ferroet al. (1991) F supergiants:Spe
. Parallax 19.33±0.31Massey etal. (1995) OB stars: Spe
. Par-allax 19.1±0.3Mathewson &Ford (1984) H i regions ∼0.2 2 H i distributionsseparated by 6 kp
and 30-40 km s−1,near+slow andfar+fast
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10 DISTANCE AND DEPTH EXTENSION OF THE SMC � THE FLUX-WEIGHTEDGRAVITY�LUMINOSITY RELATIONSHIP (FGLR)Table 10.3: Mean distan
e moduli and depth extensions from the literature. 
ontinuedSour
e Method (m−M)0 ∆los 
omments on(mag) (mag) the SMC stru
tureMathewson &Ford (1984) H i regions ∼0.2 2 H i distributionsseparated by 6 kp
and 30-40 km s−1,near+slow andfar+fastMathewson &Ford (1988) H i regions andCepheids (PL) 18.8 ∼0.8 slow, NE arm 10 kp

loser than fast SWarmMartin etal. (1989) H i and H ii regions,young stars . 0.4 4 velo
ity 
ompo-nents; slow 
ompo-nents in frontHatzidimitriou&Hawkins (1989) Horizontal bran
h(HB)/
lump ∼0.7 deeper NE regions,two depth 
om-ponents for olderpopulationSubramanian& Subrama-nian (2009) red 
lump stars 0.34 maybe an SMC bulgeHarries etal. (2003) andHildit
h etal. (2005) E
lipsing binaries 18.91±0.03North etal. (2009) E
lipsing binaries 19.05±0.04 0.36
Caldwell & Coulson (1986) derived a mean distan
e modulus of 18.97±0.07 froman analysis of 63 Cepheids and H i velo
ities in the SMC. From the s
atter of thedistan
e modulus, they 
on
lude that a planar model is barely adequate to des
ribethe SMC and that the line-of-sight s
atter after taking into a

ount individual un-
ertainties must still be 0.10−0.13mag (based on a planar model for the SMC). Thenorth east (NE) part of the SMC (larger values of de
lination and right as
ension)seems to be 
loser than the south west (SW) part. Moreover, some material was ap-parently pulled out of the SMC 
enter. The far arm in the SW was identi�ed with alower-velo
ity H i 
omponent and the near NE arm with a higher-velo
ity 
omponent128



10.4 Distan
e and Depth Extension of the Small Magellani
 Cloud in the Literature� 
ontrary to Mathewson & Ford (1984).In a later study by Mathewson et al. (1986) measuring distan
es to 161 Cepheids,a signi�
ant extension from 43 to 75 kp
, with a maximum 
on
entration at 59 kp
was dete
ted. A nearly 
omplete sample for Cepheids with periods smaller than10 days reveals two 
omponents with a depth of about 6 kp
 ea
h with the 
entresseparated by 12 kp
. The results again agree with a near-
ollision with the LMCsome 200−400My ago.Laney & Stobie (1986) 
ome to similar 
on
lusions and �nd that the SMC wingwhi
h lies towards the dire
tion of the LMC also is 
loser to us and thus also 
loser tothe LMC in the line of sight (0.27mag or 8 kp
 on average). Based on the s
atter inthe sample, they infer that the SMC is signi�
antly elongated along the line of sightwith a total depth of 18 kp
.Wel
h et al. (1987) �nd from an analysis of 94 SMC Cepheids that only a verysmall extension of the SMC is ne
essary in order to explain their s
atter around thePL relations. A

ordingly, a dispersion of 0.12mag or 3.3 kp
 is enough indi
atingthat the SMC does not extend beyond its tidal radius of ∼4 kp
 under reasonableassumptions of the galaxy masses (< 1012M⊙ for the Milky Way and 109M⊙ for theSMC).In a further development of their model Mathewson et al. (1988) investigated61 Cepheids along the SMC bar with respe
t to radial velo
ities and distan
es and
ombined that with a high-resolution H I survey of this region. They �nd that theSMC has at least a depth of 20 kp
 with derived distan
es ranging from 52 to 72 kp
.Moreover, the NE se
tion of the SMC is found to be 
loser than the SW part by 10�15 kp
 on average. There seems to be a relation between distan
e and radial velo
ityimplying higher larger velo
ities for larger distan
es whi
h is supported by the H iregions and by OB stars and F-M supergiants from other studies � in agreement witha 
ollisional model for an en
ounter 250Myrs ago.An extensive study on the stru
ture and motions of the SMC was provided byMartin et al. (1989) on the basis of the H i velo
ity distributions along 12 
utsparallel to a major axis (Caldwell & Coulson (1986) and Mathewson & Ford (1984)only investigated proje
tions to the major axis) as well as of radial velo
ities of over300 young stars and 35 H ii regions. Four H i 
omponents, VH, H, L, and VL (forvery high, high, low, and very low radial velo
ity) are distinguished where the L andthe H 
omponent 
orrespond reasonably well to the SMCR and MMC as introdu
edby Mathewson & Ford (1984). The L 
omponents extend further to the SW and arethought to lie in front of the the H 
omponents. In the south(-west) part of the SMC,the depth is relatively high with most of the young stars still being within a depthof < 10 kp
 � smaller than derived by Mathewson et al. (1986, 1988) or Caldwell &Coulson (1986).Again a larger extent in depth of the SMC was found by Hatzidimitriou &Hawkins (1989) from horizontal bran
h (HB)/
lump stars with 17 kp
 on averageand up to 23 kp
 in a NE region. The deeper NE regions are explained with the tidaldeformation due to the last en
ounter with the LMC. A two-
omponent stru
ture assuggested from previous study for the young stellar population is also proposed forthe older population of their sample. 129
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Figure 10.6: The distan
e moduli (binned to 0.1mag) of the 50 e
lipsing binaries fromHarries et al. (2003) and Hildit
h et al. (2005). The distribution of distan
e moduli from thebinaries is very similar to the distribution derived in this work with the help of the FGLR.Both patterns 
onform to a bimodal distribution with a minimum at the same position(19.0) and a depth extension of ∼0.4 dex or ∼10−15 kp
. Di�eren
es su
h as relativelymore obje
ts at smaller distan
es may be due to di�erent a distribution of sample stars(the binaries 
on
entrate in the SW part around α = 0.85 and δ = −73 whereas most ofthe targets of this work lie in the NE part) or due to brightness sele
tion e�e
ts removingfainter (hen
e more distant) binaries from the sample.Based on 
ombined data from the OGLE, DENIS, and 2MASS survey, for over5000 Cepheids in total Groenewegen (2000) found a signi�
ant intrinsi
 depth ofabout 14 kp
. This impressively good statisti
s also indi
ates an in
lined SMC withthe NE part being 
loser to us.Two studies of e
lipsing binaries by Harries et al. (2003) and Hildit
h et al. (2005)for 50 binaries in total suggest a mean distan
e modulus for the SMC of 18.91 with1σ width of 0.28. Although they do not expli
itly 
omment on the distribution of thedistan
e moduli of the individual stars, a histogram of these is quite enlightening (seeFig. 10.6). It shows a very similar overall behaviour as the 
urrent study (Fig. 10.3)with a bi-modal stru
ture with a minimum the same distan
e. Their histogram showsa larger bump at shorter distan
es whi
h may be explained by a sele
tion e�e
t intheir sample removing fainter (hen
e more distant) binaries. Another explanationwould lie in the distribution of targets throughout the SMC �eld-of-view as theirtargets 
on
entrate in the SW part whereas the stars in the present work lie mostlyin the NE. This would indi
ate that stars in the SW are 
loser to us.A re
ent investigation by North et al. (2009) of 33 e
lipsing binaries determinesa distan
e of 19.05±0.04 and signi�
ant depth of 0.36mag or 10.6 kp
. Finally, a130



10.5 Sear
hing for Abundan
e Patterns in Three Dimensionsstudy by Subramanian & Subramanian (2009) estimate the SMC depth based onphotometry of red 
lump stars (OGLEII, MCPS) a depth 0f 0.34mag or 9.53 kp
.To 
on
lude, there is still no �nal agreement in literature in terms of the meandistan
e of the SMC � e.g. whether the short (∼18.8) or long (∼19.0/19.1) distan
es
ale is the best � or in terms of an depth extension (negligible depth extension upto ∼30 kp
). The various analyses in
lude di�erent kinds of obje
ts, 
over di�erentparts of the SMC, or are subje
t to di�erent systemati
 e�e
ts. This might explainseveral dis
repan
ies between the presented studies.Nevertheless, the results from the literature imply that the SMC possesses verylikely a rather 
ompli
ate depth stru
ture (in addition to the irregular shape in the�eld-of-view). In agreement to the results in this work, several studies �nd a signif-i
ant extension in the line of sight. The FGLR results on the depth extension arequite 
onsistent with Laney & Stobie (1986), Groenewegen (2000), Mathewson &Ford (1988), Martin et al. (1989), Hatzidimitriou & Hawkins (1989), Subramanian& Subramanian (2009), Harries et al. (2003) and Hildit
h et al. (2005), and Northet al. (2009). Our independent estimate of the spatial extent of the SMC in the lineof sight adds an important 
ontribution to the growing eviden
e that the radial ex-tension of the SMC is ∼10−15 kp
. Our results also support the idea that the SMCpossesses a bimodal depth stru
ture (Mathewson et al. 1986, Martin et al. 1989,Hatzidimitriou & Hawkins 1989, Harries et al. 2003 and Hildit
h et al. 2005).10.5 Sear
hing for Abundan
e Patterns in Three DimensionsThe information on the distan
es of individual stars provided by the FGLR will nowbe employed to extend the dis
ussion about possible abundan
e patterns or gradientsfrom Se
t. 9.5 from two to three dimensions. For that, Fig. 10.7 presents the meanabundan
es of the sample stars with respe
t to their position along the line-of-sightfor metals supposed to be una�e
ted by stellar evolution pro
esses.The distan
e of the SMC 
enter, i.e. the zero point of the x axis, was shifted by8 kp
 
orresponding to a distan
e modulus of 19.2. This is not to be understood asa new determination of the mean distan
e of the SMC. Currently, there is a lot ofdebate going on about systemati
 e�e
ts on the 
alibration of the FGLR � mainlyin the o�set bFGLR. This 
ould be a reason why the average distan
e of the samplestars in this work is 19.2 instead of the 
anoni
al ∼19.0 from the literature. In viewof this, the adopted 19.2 should be rather seen as an empiri
al 
orre
tion in order toobtain a symmetri
 distribution of stars along this adopted 
enter (as it is now the
ase in Fig. 10.7).With that, it is now possible to sear
h for gradients of abundan
es with respe
t tothe three dimensional distan
e of the SMC 
enter in Fig. 10.8. As noted in Se
t. 9.5,there is a high degree of 
hemi
al homogeneity among the young supergiants of thepresent work. And even in
luding the distan
e information for ea
h star it is hard to�nd any signi�
ant abundan
e gradient. Table 10.4 summarises information on thegradients derived.For Ti, the number of stars is very small. Together with relatively high statisti
alun
ertainties, no gradient 
an be 
laimed. The 
ase for Fe is similar although moreobje
ts with derived iron abundan
es are available.131
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Figure 10.7: The derived stellar abun-dan
es are plotted with respe
t to theirline-of-sight position as inferred from theirdistan
es derived with the FGLR. The dis-tan
e of the SMC 
enter was shifted by8 kp
 
orresponding to a distan
e modulusof 19.2 (see text for motivation). A typi-
al error bar in x dire
tion (due to un
er-tainties in stellar parameters, see e.g. Ta-ble 10.1) and in y dire
tion (line to lines
atter of abundan
es for a target) is given.The only elements where there may be an indi
ation of an abundan
e gradientwith respe
t to the three-dimensional distan
e to the SMC 
enter are O and S. Thisformulation is kept very 
autiously as 
laiming a gradient of few thousandth dex perkp
 when there are statisti
al and systemati
 un
ertainties of the order of one tenthdex is rather bold. Moreover, this depends mostly on very few obje
ts.Thus, there may be subtle indi
ations for a redu
ed metalli
ity of stars far from theSMC 
enter (mostly a line-of-sight e�e
t). However, as this is extremely un
ertain,it is 
on
luded that the present-day 
hemi
al 
ompositions of the SMC is highlyhomogeneous and that no de�nitely reliable gradients 
an be found � even with the132



10.6 Mi
roturbulen
e and Luminosity

Figure 10.8: The derived stellar abun-dan
es are plotted with respe
t to theirthree-dimensional distan
e from theadopted SMC 
enter. The information onthe position along the line of sight wasinferred from their distan
es derived withthe FGLR. The distan
e of the SMC 
enterwas adopted at a distan
e modulus of 19.2for these plots (see text for motivation).Error bars are as in Fig. 10.7.high degree of 
onsisten
y and a

ura
y a
hieved in the present study.10.6 Mi
roturbulen
e and LuminosityEmploying the information on the absolute bolometri
 magnitude from the FGLR,we 
ompare the derived mi
roturbulen
es of a star with this magnitude in Fig. 10.9.There is a 
lear trend of smaller mi
roturbulent velo
ities for intrinsi
ally fainterstars. This is in agreement with re
ent theoreti
al results by Cantiello et al. (2009)who argue on the basis of a proposed 
onve
tion zone (asso
iated with iron ioni-sation) below the stellar atmosphere. They also �nd a metalli
ity dependen
e of133



10 DISTANCE AND DEPTH EXTENSION OF THE SMC � THE FLUX-WEIGHTEDGRAVITY�LUMINOSITY RELATIONSHIP (FGLR)Table 10.4: Abundan
e gradients inferred from the three-dimensional distan
e of an obje
tto the SMC 
enter. Element gradient (dex/kp
) zero-point (dex)O -0.0046±0.0020 8.22±0.03Mg 0.0005±0.0022 6.82±0.03S -0.0047±0.0024 6.52±0.04Ti 0.0020±0.0095 4.42±0.11Fe -0.0003±0.0037 6.89±0.05

Figure 10.9: Derived mi
roturbulent velo
ities as a fun
tion of the absolute bolometri
magnitude for the sample stars. There is a 
lear trend of higher ξ at smaller Mbol, i.e.intrinsi
ally brighter stars. Un
ertainites in ξ are 1−2 km s−1.the mi
roturbulen
e suggesting larger mi
roturbulen
e at higher metalli
ities. Thise�e
t is also observationally supported when the present sample of low-metalli
itysupergiants is 
ompared to a sample of similar stars in the Galaxy at roughly solarmetalli
ity. In the ranges of overlapping absolute magnitudes, the more metal-ri
hGala
ti
 supergiants show systemati
ally higher mi
roturbulen
es, by ∼2 km s−1 (M.Firnstein, priv. 
omm.).
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11 Con
lusionsThe major synopsis of this work is that BA supergiants are extremely powerful toolsfor extragala
ti
 stellar astrophysi
s � if they are 
arefully analysed with the propertools. As evolved massive stars they allow predi
tions of stellar evolution theoriesto be tested for gala
ti
 environments di�erent than those found in the Milky Way.Moreover, as they 
an be observed in lo
ations tra
ing the whole extent of galaxies,abundan
e gradients and patterns 
an be studied whi
h allows the gala
to
hemi
alevolution of these systems to be 
onstrained.High quality spe
tra of 38 BA supergiants in the Small Magellani
 Cloud (SMC)with good signal-to-noise ratio (∼100) were investigated in this work, 
onstitutingthe largest sample of this kind of star that has been analysed beyond the MilkyWay at high spe
tral resolution (R∼ 48 000) to date. The analysis was based onsyntheti
 spe
tra whi
h a

ount for departures from the 
lassi
al assumption of lo
althermodynami
 equilibrium (LTE). Non-LTE e�e
ts were shown to have a signi�
antimpa
t on a variety of spe
tral lines in BA supergiants (as well as in other stars)by several studies (e.g. Przybilla et al. 2006). A

ounting for non-LTE e�e
ts istherefore a major step for determining reliable atmospheri
 parameters as well asstellar abundan
es from a �t of syntheti
 line pro�les to observation. An aspe
twhi
h must not be underestimated in this respe
t is the use of state-of-the-art atomi
data for the analysis, available in form of well-tested model atoms.Besides high-quality observations and realisti
 models a third ingredient was re-quired to obtain highly 
onsistent results: 
areful appli
ation of a 
omprehensiveanalysis methodology. This means that � if feasible � all important parameters 
har-a
terising a stellar atmosphere have been determined 
onsistently in a thorough way.This was a
hieved in an iterative pro
ess in whi
h all relevant parameters were re-adjusted until a self-
onsistent solution was obtained. Systemati
 un
ertainties in theatmospheri
 parameters and (dire
tly as well as indire
tly) in the stellar abundan
eswere 
onsiderably redu
ed by this pro
edure.With this strategy, it was possible to determine basi
 atmospheri
 parameters(su
h as e�e
tive temperatures Teff , surfa
e gravities log g, mi
roturbulen
e ξ, heliumabundan
e n(He), and metalli
ity [M/H ]) as well as atmospheri
 abundan
es in a very
onsistent way for 31 stars (modelling problems arose for seven stars) with unpre
e-dented pre
ision. Teff 
ould be 
onstrained to few per 
ent, log g to 0.05−0.10 dex,and ξ to 1−2 km s−1. Helium and metal abundan
es for individual stars show verylow statisti
al un
ertainties (based on the line-to-line s
atter) of typi
ally 10% formost spe
ies and ∼30% for Ti and Fe. Typi
al un
ertainties in the literature for Teffand log g amount to . 10% and 0.15−0.20 dex, respe
tively. In parti
ular, the typi
alabundan
e un
ertainties of a fa
tor of ∼2 make it hard to draw any thorough 
on-
lusions 
on
erning the evolution of massive stars or abundan
e patterns/gradientsin a galaxy.The abundan
es derived in this work on the other hand pla
e tight observational
onstraints to stellar evolution theory in terms of 
hemi
al signatures in the atmo-sphere 
aused by mixing with CN(O)-pro
essed matter from the stellar 
ore (C de-135



11 CONCLUSIONSpletion and N enri
hment there). Important quantities in this respe
t are thus theobserved abundan
es of He, C, N, and O in the atmosphere. Helium tends to beslightly enri
hed to 0.11 in number fra
tion (mean over all stars), while signi�
antenri
hment/depletion by ∼0.6/0.4 dex for N or C respe
tively (with respe
t to themean metalli
ity relative to the solar pattern) is found. Rather tight trends of in-
reasing helium abundan
e and N/C mass fra
tion with higher N/O mass fra
tionare found. The slope of the N/C vs. N/O relation is in
onsistent with the initialrelative 
ompositions of the CNO elements in the evolution models and 
alls for are�nement of the models in this respe
t. More importantly, it was found that themixing from the stellar 
ore to the atmosphere as implemented so far in stellar evo-lution models is not e�
ient enough to 
reate the high N/C and N/O ratios and thehigh helium abundan
es if the stars 
ome dire
tly from the main sequen
e. To solvethis dis
repan
y, two solutions are imaginable. Either most of the stars are far moreevolved and have already experien
ed 
onve
tive mixing in the red supergiant stageor the mixing in the earlier phases of stellar evolution is mu
h more pronoun
ed thanpreviously thought. This higher mixing e�
ien
y 
ould be a
hieved by the interplayof rotation and magneti
 �elds as found by Maeder & Meynet (2005) for models atsolar metalli
ity. It is important to note that high N/C and N/O ratios as well ashigh helium abundan
es are predominantly found in stars with larger masses. Thisis 
onsistent with re
ent stellar evolution theory whi
h predi
ts stronger mixing within
reasing stellar mass.The a

urate atmospheri
 abundan
es in individual stars are also re�e
ted in thegood agreement of abundan
es of one element throughout all stars. It 
ould be shownthat the SMC is 
hemi
ally homogeneous to a very high level with a typi
al s
atterfor most elements of 0.1 dex or 25%. Larger s
atter is found for Ti (0.20 dex) andto a lesser degree for Fe (good 0.14 dex) whi
h is more likely an issue of remainingsystemati
s be
ause of an in
ompleteness of the model atoms than a real pattern. Itis not surprising that � 
onsidering this observed high degree of homogeneity � no
lear abundan
e pattern or gradient is found in two dimension throughout the �eld-of-view. The relatively short basis of few kp
 in the �eld-of-view makes the dete
tionof gradients even more di�
ult.The �ux-weighted gravity�luminosity relationship (FGLR) for B and A super-giants provides a 
ompletely independent distan
e estimate based on the two funda-mental atmospheri
 parameters (Teff and log g). It 
an be used to determine distan
esto individual stars and 
onsequently to galaxies (from a sample of supergiants) up toa few Mp
 with an a

ura
y 
omparable to the 
lassi
 distan
e indi
ators (Kudritzkiet al. 2008, Urbaneja et al. 2008), the Cepheids. A su�
ient a

ura
y (statisti
alas well as systemati
 e�e
ts) in the atmospheri
 parameters (few hundred K for Teffand . 0.1−0.15 dex in log g) is needed in order to obtain signi�
ant results with thismethod. This requires spe
tra of an adequate quality as well as detailed theoret-i
al tools. It has only been in the last de
ade(s) that the modelling tools mat
hthese requirements by in
luding non-LTE e�e
ts and detailed atomi
 data. Now, onemust also a
tually use these tools whi
h require some more e�ort (
ompared to otherobje
ts) but are vital in order to a
hieve the feasible 
onsisten
y.136



An extensive use of the FGLR as distan
e determination te
hnique requires a
ertain e�ort on its 
alibration. An important step in this respe
t is the work ofKudritzki et al. (2008). In the present study, we tried to extend this work to a metal-poor environment su
h as the SMC. However, as it turned out, the results indi
ate asigni�
ant intrinsi
 depth of the SMC along the line-of-sight rendering the assump-tion of the same distan
e of all stars unjusti�ed and thus the 
alibration infeasible.Instead, we employed the given FGLR as 
alibrated by Kudritzki et al. (2008) todetermine the distan
es to our sample stars, thus probing the depth extension of theSMC.A

ounting for the un
ertainties of the individual stars, their distan
e distribu-tion still suggests a signi�
ant extent in the line-of-sight of the SMC of the orderof 10−15 kp
 � a remarkable number given its mean distan
e of about 63 kp
 andits extension in the �eld-of-view of only 4 kp
. The literature provides extensive in-vestigations and debates 
on
erning the spatial extension of the SMC. Suggestionsfor the line-of-sight extensions range from zero to enormous 30 kp
. Our estimate of10−15 kp
 is fully independent from the other studies (di�erent obje
ts as well as adi�erent method) and 
onsistent with the mean of the published values. Our resultsmay also suggest a bimodal distribution of stars in the radial dire
tion.The distan
e to individual stars found with the help of the FGLR allowed us tosear
h for a gradient with respe
t to the three-dimensional distan
e of a star fromthe SMC 
enter. The 
on
lusion is that the present-day 
omposition of the SMCas re�e
ted in the abundan
es of O, Mg, S, Ti, and Fe 
an be (again, as in two-dimensional �eld-of-view) regarded as very homogeneous where the small s
atter inabundan
es from star to star may be fully explained with statisti
al and systemati
un
ertainties.
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A List of Investigated Spe
tral LinesIn this se
tion, detailed information on the investigated spe
tral lines (helium andmetals) are presented. The �rst part summarises all spe
tral lines in a table whi
hwere examined in at least one obje
t. The 
olumns give the designation of the ioni
spe
ies, transition wavelength λ (in Å), ex
itation energy of the lower level χ (ineV), adopted os
illator strength log gf , and an a

ura
y indi
ator. The sour
es forthe gf values as well as for the Stark broadening parameters are given after theline list. Lines where the wavelength information is put in itali
s are always (forevery obje
t) 
ontributions to the transition above whi
h is not in itali
s. Due tobroadening me
hanisms, they are not separated in the spe
trum.The se
ond part lists the lines analysed for spe
i�
 stars as well as the abundan
es(in the usual notation X = log x/H + 12, ex
ept for He) derived from the respe
tivelines. If more than one transition of the same spe
ies 
ontribute to the same spe
tralfeature, only one transition (the one with the shortest wavelength and the one notput in itali
s in the �rst table) is indi
ated in the se
ond part. Usually, the transitionsat 6155.96Å and 6156.74Å also strongly overlap for most obje
ts ex
ept for a fewobje
ts with small v sin i. If 6156.74 is not expli
itly mentioned in the se
ond part,it means thus that it was analysed together with the 6155.96 transitions and 
ountedas one line.A.1 Overview About all Employed Spe
tral Lines with Atomi
 Informa-tion Table A.1:Ion λ/Å χ/eV log gf A

. Sr
.He i 3819.60 20.96 −0.97 B WSGHe i 3819.61 20.96 −1.19 B WSGHe i 3819.76 20.96 −1.67 B WSGHe i 3867.47 20.96 −2.06 B WSGHe i 3867.48 20.96 −2.28 B WSGHe i 3867.63 20.96 −2.75 B WSGHe i 3926.54 21.22 −1.65 A WSGHe i 3964.73 20.62 −1.30 A WSGHe i 4009.26 21.22 −1.47 C WSGHe i 4026.18 20.96 −2.63 A WSGHe i 4026.19 20.96 −0.63 A WSGHe i 4026.20 20.96 −0.85 A WSGHe i 4026.36 20.96 −1.32 A WSGHe i 4120.81 20.96 −1.74 B WSGHe i 4120.82 20.96 −1.96 B WSG

He i 4120.99 20.96 −2.44 B WSGHe i 4143.76 21.22 −1.20 B WSGHe i 4168.97 21.22 −2.34 A WSGHe i 4387.93 21.22 −0.88 A WSGHe i 4437.55 21.22 −2.03 B WSGHe i 4471.47 20.96 −0.20 A WSGHe i 4471.49 20.96 −0.42 A WSGHe i 4471.68 20.96 −0.90 A WSGHe i 4713.14 20.96 −1.23 B WSGHe i 4713.16 20.96 −1.45 B WSGHe i 4713.38 20.96 −1.93 B WSGHe i 4921.93 21.22 −0.44 A WSGHe i 5875.60 20.96 −1.52 A WSGHe i 5875.61 20.96 +0.48 A WSGHe i 5875.63 20.96 −0.34 A WSGHe i 5875.64 20.96 +0.14 A WSGHe i 5875.97 20.96 −0.22 A WSG139



A LIST OF INVESTIGATED SPECTRAL LINESC i 9078.29 7.48 −0.58 B WFDC i 9088.51 7.48 −0.43 B WFDC ii 3920.69 16.33 −0.23 B WFDC ii 4267.00 18.05 +0.56 C+ WFDC ii 4267.26 18.05 +0.74 C+ WFDC ii 6578.05 14.45 −0.03 B WFDC ii 6582.88 14.45 −0.33 B WFDN i 7423.64 10.33 −0.71 B+ WFDN i 7442.30 10.33 −0.38 B+ WFDN i 7468.31 10.34 −0.19 B+ WFDN i 8567.74 10.68 −0.66 B WFDN i 8594.00 10.68 −0.33 B WFDN i 8680.28 10.34 +0.35 B+ WFDN i 8683.40 10.33 +0.09 B+ WFDN i 8686.15 10.33 −0.31 B+ WFDN i 8703.25 10.33 −0.32 B+ WFDN i 8711.70 10.33 −0.23 B+ WFDN i 8718.84 10.34 −0.34 B+ WFDN i 8728.90 10.33 −1.07 B+ WFDN ii 3955.85 18.47 −0.81 B WFDN ii 3995.00 18.50 +0.21 B WFDN ii 4447.03 20.41 +0.23 B WFDN ii 4601.48 18.46 −0.43 B+ WFDN ii 4607.15 18.46 −0.51 B+ WFDN ii 4630.54 18.48 +0.09 B+ WFDN ii 4643.09 18.48 −0.36 B+ WFDN ii 5005.15 20.67 +0.59 B WFDN ii 5045.10 18.46 −0.41 B+ WFDN ii 5666.63 18.47 −0.05 A WFDN ii 5676.02 18.46 −0.37 A WFDN ii 5679.56 18.48 +0.25 A WFDN ii 5686.21 18.47 −0.55 A WFDN ii 5710.77 18.48 −0.52 A WFDO i 5329.10 10.74 −1.24 C+ WFDO i 5329.68 10.74 −1.02 C+ WFDO i 5330.73 10.74 −0.87 C+ WFDO i 6155.96 10.74 −1.36 B+ WFDO i 6155.97 10.74 −1.01 B+ WFDO i 6155.99 10.74 −1.12 B+ WFDO i 6156.74 10.74 −1.49 B+ WFDO i 6156.76 10.74 −0.90 B+ WFDO i 6156.78 10.74 −0.69 B+ WFDO i 6158.15 10.74 −1.84 B+ WFDO i 6158.17 10.74 −1.00 B+ WFD

O i 6158.19 10.74 −0.41 B+ WFDO i 7001.90 10.99 −1.49 B WFDO i 7001.92 10.99 −1.01 B WFDO i 7002.17 10.99 −2.66 B WFDO i 7002.20 10.99 −1.49 B WFDO i 7002.23 10.99 −0.74 B WFDO i 7002.25 10.99 −1.36 B WFDO i 7771.94 9.15 +0.37 A WFDO i 7774.17 9.15 +0.22 A WFDO i 7775.39 9.15 +0.00 A WFDO ii 4069.62 25.63 +0.15 B+ WFDO ii 4069.88 25.64 +0.34 B+ WFDO ii 4072.16 25.65 +0.55 B+ WFDO ii 4075.86 25.67 +0.69 B+ WFDO ii 4351.26 25.66 +0.23 B+ WFDO ii 4351.46 25.66 −1.00 B WFDO ii 4349.43 23.00 +0.06 B WFDO ii 4366.89 23.00 −0.35 B WFDO ii 4414.91 23.44 +0.17 B WFDO ii 4416.97 23.42 −0.08 B WFDO ii 4590.97 25.66 +0.35 B+ WFDO ii 4641.81 22.98 +0.05 B WFDO ii 4649.13 23.00 +0.31 B WFDO ii 4661.63 22.98 −0.28 B WFDO ii 4676.24 23.00 −0.39 B WFDMg i 3829.36 2.71 −0.21 B WSMMg i 3832.30 2.71 +0.27 B WSMMg i 3838.29 2.72 +0.49 B WSMMg i 4702.99 4.35 −0.42 C+ BMZMg i 5172.68 2.71 −0.38 B WSMMg i 5183.60 2.72 −0.16 B WSMMg i 5528.41 4.35 −0.40 C+ BMZMg ii 4384.64 10.00 −0.79 C+ WSMMg ii 4390.51 10.00 −1.71 D WSMMg ii 4390.57 10.00 −0.53 D WSMMg ii 4433.99 10.00 −0.90 C+ WSMMg ii 4481.13 8.86 +0.73 B+ FWMg ii 4481.15 8.86 −0.57 B+ FWMg ii 4481.33 8.86 +0.58 B+ FWMg ii 5401.54 11.63 −0.08 C CAMg ii 6545.97 11.63 +0.41 C CAMg ii 7877.05 10.00 +0.39 C+ WSMMg ii 7896.04 10.00 −0.30 C+ WSMMg ii 7896.37 10.00 +0.65 C+ WSM140



A.1 Overview About all Employed Spe
tral Lines with Atomi
 InformationS ii 4153.07 15.90 +0.62 D− WSMS ii 4162.67 15.94 +0.78 D− WSMS ii 4294.40 16.13 +0.58 D− WSMS ii 4815.55 13.67 +0.09 D WSMS ii 5009.57 13.62 −0.28 D WSMS ii 5014.04 14.07 +0.10 D WSMS ii 5032.43 13.67 +0.27 D WSMS ii 5320.72 15.07 +0.50 D WSMS ii 5345.71 15.07 +0.36 D WSMS ii 5428.66 13.58 −0.13 D WSMS ii 5432.80 13.62 +0.26 D WSMS ii 5453.86 13.67 +0.48 D WSMS ii 5473.61 13.58 −0.18 D WSMS ii 5509.71 13.62 −0.14 D WSMS ii 5606.15 13.73 +0.31 D WSMS ii 5660.00 13.68 −0.05 D WSMS iii 4253.50 18.24 +0.36 D WSMTi ii 3900.56 1.13 −0.45 D MFWTi ii 3913.48 1.12 −0.53 D MFWTi ii 4028.36 1.89 −1.00 D MFWTi ii 4163.63 2.59 −0.40 D MFWTi ii 4171.92 2.60 −0.56 D MFWTi ii 4287.88 1.08 −2.02 D− MFWTi ii 4290.22 1.16 −1.12 D− MFWTi ii 4290.34 2.06 −1.53 X KBTi ii 4294.09 1.08 −1.11 D− MFWTi ii 4300.06 1.18 −0.77 D− MFWTi ii 4301.92 1.16 −1.16 D− MFWTi ii 4312.87 1.18 −1.16 D− MFWTi ii 4314.97 1.16 −1.13 D− MFWTi ii 4330.24 2.04 −1.51 D MFWTi ii 4330.72 1.18 −2.04 D− MFWTi ii 4394.02 1.22 −1.59 D− MFWTi ii 4395.00 1.08 −0.66 D− MFWTi ii 4399.79 1.24 −1.27 D− MFWTi ii 4417.72 1.16 −1.43 D− MFWTi ii 4443.78 1.08 −0.70 D− MFWTi ii 4450.50 1.08 −1.45 D− MFWTi ii 4468.52 1.13 −0.60 D− MFWTi ii 4501.27 1.12 −0.75 D− MFWTi ii 4563.77 1.22 −0.96 D− MFWTi ii 4571.96 1.57 −0.53 D− MFWTi ii 4779.98 2.05 −1.37 D− MFW

Ti ii 4805.09 2.06 −1.10 D− MFWTi ii 4911.18 3.12 −0.34 D MFWTi ii 5188.68 1.58 −1.21 D− MFWTi ii 5336.78 1.58 −1.70 D− MFWFe ii 3938.29 1.67 −3.89 D MFWFe ii 3945.21 3.89 −2.72 X KBFe ii 4122.64 2.58 −3.38 D FMWFe ii 4124.79 2.54 −4.20 D FMWFe ii 4173.46 2.58 −2.18 C FMWFe ii 4178.86 2.58 −2.47 C FMWFe ii 4233.17 2.58 −2.00 C FMWFe ii 4273.32 2.70 −3.34 D FMWFe ii 4296.57 2.70 −3.01 D FMWFe ii 4303.17 2.70 −2.49 C FMWFe ii 4385.39 2.77 −2.57 D FMWFe ii 4416.83 2.78 −2.61 D FMWFe ii 4489.19 2.83 −2.97 D FMWFe ii 4491.40 2.86 −2.70 C FMWFe ii 4508.28 2.86 −2.31 D KBFe ii 4515.34 2.84 −2.48 D FMWFe ii 4520.23 2.81 −2.60 D FMWFe ii 4522.63 2.84 −2.11 C KBFe ii 4541.52 2.86 −3.05 D FMWFe ii 4549.47 2.83 −1.75 C FMWFe ii 4555.89 2.83 −2.32 D KBFe ii 4576.33 2.84 −3.04 D FMWFe ii 4580.06 2.58 −3.73 X KBFe ii 4582.84 2.84 −3.10 C FMWFe ii 4620.51 2.83 −3.28 D FMWFe ii 4629.34 2.81 −2.37 D FMWFe ii 4635.33 5.96 −1.65 D− FMWFe ii 4666.75 2.83 −3.33 D FMWFe ii 4731.44 2.89 −3.36 D FMWFe ii 4993.35 2.81 −3.65 E FMWFe ii 5276.00 3.20 −1.94 C FMWFe ii 5316.62 3.15 −1.85 C FMWFe ii 5325.56 3.22 −3.22 X KBFe ii 5362.87 3.20 −2.74 X KBFe ii 5425.25 3.20 −3.36 D FMWFe ii 5534.83 3.24 −2.93 D FMWFe ii 6147.74 3.89 −2.72 X KBFe ii 6149.26 3.89 −2.72 X KB
141



A LIST OF INVESTIGATED SPECTRAL LINESa

ura
y indi
ators − un
ertainties within: AA: 1%; A: 3%; B: 10%; C: 25%; D:50%; E: larger than 50%; X: unknownsour
es of gf -values − BMZ: Butler et al. (1993); CA: Coulomb approximation(Bates & Damgaard (1994); FMW: Fuhr et al. (1988); KB: Kuru
z & Bell (1995);MFW: Martin et al. (1988); WFD: Wiese et al. (1996); WSG: Wiese et al. (1966)∗;WSM: Wiese et al. (1969)∗; when available(∗), improved gf -values from Fuhr &Wiese (1998, FW) are favoured.sour
es for Stark broadening parameters − H i: Stehlé & Hut
heon (1999), Vidalet al. (1973); He i: Barnard et al. (1969), Dimitrijevi¢ & Sahal-Bré
hot (1990); C i:Griem (1974), Cowley (1971); C ii: Griem (1964, 1974), Cowley (1971); N i/ii:Griem (1964, 1974), Cowley (1971); O i/ii: Cowley (1971); Mg i: Dimitrijevi¢ &Sahal-Bré
hot (1996), Cowley (1971); Mg ii: Griem (1964, 1974), Cowley (1971);S ii/iii: Cowley (1971);
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A.2 Lines Employed in Spe
i�
 Stars with Abundan
e InformationA.2 Lines Employed in Spe
i�
 Stars with Abundan
e InformationTable A.2:Ion λ/Å XAV20He i 4026.18 0.12He i 4387.93 0.14He i 4471.47 0.11He i 4713.14 0.12He i 4921.93 0.14N i 7423.64 7.88N i 7442.30 7.83N i 7468.31 7.83N i 8680.28 7.90N i 8683.40 7.87N i 8686.15 7.89N i 8711.70 7.88N i 8718.84 7.84O i 6155.96 8.12O i 6158.15 8.10Mg i 5172.68 6.82Mg i 5183.60 6.84Mg ii 4390.51 6.83Mg ii 4433.99 6.83S ii 5032.43 6.62Ti ii 3913.48 4.46Ti ii 4163.63 4.50Ti ii 4171.92 4.45Ti ii 4290.22 4.41Ti ii 4314.97 4.38Ti ii 4395.00 4.36Ti ii 4443.78 4.21Ti ii 4450.50 4.24Ti ii 4468.52 4.14Ti ii 4501.27 4.23Ti ii 4563.77 4.47Ti ii 4571.96 4.46

Ti ii 4805.09 4.52Ti ii 4911.18 4.22Ti ii 5188.68 4.41Fe ii 4122.64 6.77Fe ii 4173.46 6.46Fe ii 4178.86 6.83Fe ii 4273.32 6.73Fe ii 4296.57 6.80Fe ii 4303.17 6.68Fe ii 4385.39 6.60Fe ii 4416.83 6.58Fe ii 4491.40 6.65Fe ii 4508.28 6.77Fe ii 4515.34 6.69Fe ii 4522.63 6.94Fe ii 4541.52 6.79Fe ii 4549.47 6.90Fe ii 4555.89 6.78Fe ii 4576.33 6.74Fe ii 4620.51 6.72Fe ii 4629.34 6.68Fe ii 4666.75 6.76Fe ii 4993.35 6.72Fe ii 5276.00 6.52Fe ii 5316.62 6.78Fe ii 5325.56 6.81Fe ii 5362.87 6.88Fe ii 5534.83 6.84Fe ii 6147.74 6.83Fe ii 6149.26 6.91AV22He i 3867.47 0.14He i 3964.73 0.15He i 4009.26 0.13He i 4120.81 0.13He i 4168.97 0.13He i 4437.55 0.12

He i 4713.14 0.12C ii 4267.00 6.84C ii 6578.05 6.87C ii 6582.88 6.83N ii 3995.00 7.85N ii 4447.03 7.93N ii 4601.48 7.95N ii 4607.15 7.94N ii 4630.54 7.96N ii 4643.09 7.91N ii 5005.15 7.99N ii 5045.10 7.90N ii 5666.63 7.91O i 7771.94 7.91O i 7774.17 7.93O ii 4416.97 7.95O ii 4641.81 7.93Mg ii 4481.33 6.97S ii 4815.55 6.43S ii 5345.71 6.37S ii 5428.66 6.41S ii 5432.80 6.35S ii 5453.86 6.38AV56He i 3926.54 0.11He i 4009.26 0.13He i 4120.81 0.13He i 4168.97 0.09He i 4437.55 0.12He i 4713.14 0.09C ii 6578.05 7.30C ii 6582.88 7.34N ii 3955.85 7.94N ii 3995.00 7.89143



A LIST OF INVESTIGATED SPECTRAL LINESN ii 4601.48 7.86N ii 4607.15 7.92N ii 4630.54 7.95N ii 4643.09 7.90N ii 5005.15 7.93N ii 5045.10 7.94N ii 5676.02 7.95N ii 5686.21 7.86N ii 5710.77 7.94O i 7771.94 8.03O i 7774.17 8.05O ii 4069.62 8.01O ii 4072.16 8.05O ii 4075.86 8.09O ii 4366.89 8.02O ii 4590.97 8.00O ii 4641.81 8.06O ii 4649.13 8.10O ii 4661.63 8.05O ii 4676.24 7.99Mg ii 4481.33 6.84S ii 5453.86 6.34S iii 4253.50 6.31AV76He i 3964.73 0.13He i 4026.18 0.11He i 4120.81 0.11He i 4471.47 0.13He i 4713.14 0.12C ii 4267.00 7.62N i 7468.31 8.18N i 8680.28 8.17N i 8683.40 8.24N ii 3995.00 8.18O i 6158.15 8.23Mg ii 4390.51 6.92S ii 4815.55 6.48S ii 5032.43 6.53

S ii 5432.80 6.50S ii 5453.86 6.56Fe ii 4173.46 6.63Fe ii 4178.86 6.84Fe ii 4233.17 6.89Fe ii 4303.17 6.87Fe ii 4385.39 6.89Fe ii 4416.83 6.85Fe ii 4491.40 6.86Fe ii 4515.34 6.95Fe ii 4520.23 6.86Fe ii 4522.63 6.86Fe ii 4549.47 6.79Fe ii 5276.00 6.71Fe ii 5316.62 6.74AV98He i 3819.60 0.12He i 3867.47 0.15He i 3964.73 0.14He i 4026.18 0.12He i 4120.81 0.11He i 4143.76 0.13He i 4471.47 0.12He i 4713.14 0.11He i 4921.93 0.13C ii 4267.00 7.19N i 7423.64 8.15N i 7442.30 8.13N i 7468.31 8.12N i 8680.28 8.15N i 8683.40 8.22N i 8686.15 8.21N i 8703.25 8.24N i 8711.70 8.14O i 6155.96 8.14O i 6158.15 8.11Mg ii 4390.51 6.77Mg ii 6545.97 6.76S ii 4815.55 6.57S ii 5032.43 6.61

S ii 5453.86 6.47Ti ii 3913.48 4.67Ti ii 4290.22 4.68Ti ii 4294.09 4.70Ti ii 4395.00 4.62Ti ii 4443.78 4.55Ti ii 4501.27 4.44Fe ii 4122.64 6.89Fe ii 4173.46 6.35Fe ii 4178.86 6.94Fe ii 4233.17 7.11Fe ii 4273.32 6.81Fe ii 4296.57 6.92Fe ii 4303.17 6.80Fe ii 4385.39 6.84Fe ii 4416.83 6.75Fe ii 4489.19 6.84Fe ii 4491.40 6.79Fe ii 4508.28 6.87Fe ii 4515.34 6.87Fe ii 4520.23 6.89Fe ii 4522.63 6.99Fe ii 4541.52 6.89Fe ii 4549.47 6.93Fe ii 4555.89 6.89Fe ii 4576.33 6.92Fe ii 4620.51 6.92Fe ii 4629.34 6.79Fe ii 4666.75 6.79Fe ii 5276.00 6.69Fe ii 5316.62 6.88Fe ii 5325.56 6.99Fe ii 5362.87 7.04Fe ii 5534.83 7.02Fe ii 6147.74 7.01Fe ii 6149.26 7.03AV105He i 4026.18 0.08He i 4387.93 0.12He i 4471.47 0.08He i 4713.14 0.11He i 4921.93 0.11144



A.2 Lines Employed in Spe
i�
 Stars with Abundan
e InformationHe i 5875.60 0.12N i 7468.31 7.81N i 8680.28 7.76N i 8686.15 7.83N i 8703.25 7.81N i 8711.70 7.79O i 6155.96 8.17O i 6158.15 8.20Mg i 3838.29 6.95Mg i 5183.60 6.88Mg ii 4390.51 6.81Mg ii 4433.99 6.83Ti ii 3913.48 4.47Ti ii 4294.09 4.48Ti ii 4300.06 4.45Ti ii 4395.00 4.31Ti ii 4443.78 4.27Ti ii 4468.52 4.24Ti ii 4563.77 4.43Fe ii 4173.46 6.38Fe ii 4178.86 6.80Fe ii 4233.17 6.77Fe ii 4273.32 6.79Fe ii 4296.57 6.87Fe ii 4303.17 6.64Fe ii 4385.39 6.64Fe ii 4416.83 6.63Fe ii 4489.19 6.77Fe ii 4491.40 6.68Fe ii 4508.28 6.67Fe ii 4515.34 6.75Fe ii 4520.23 6.76Fe ii 4522.63 6.79Fe ii 4541.52 6.82Fe ii 4549.47 6.80Fe ii 4555.89 6.68Fe ii 4576.33 6.81Fe ii 4582.84 6.70Fe ii 4620.51 6.79Fe ii 4629.34 6.67Fe ii 4666.75 6.73Fe ii 5276.00 6.48Fe ii 5316.62 6.71

Fe ii 5362.87 6.92Fe ii 5534.83 6.87Fe ii 6147.74 6.91Fe ii 6149.26 6.93AV110He i 3964.73 0.15He i 4026.18 0.16He i 4120.81 0.18He i 4143.76 0.17He i 4387.93 0.17He i 4471.47 0.15He i 4713.14 0.18He i 4921.93 0.18C ii 4267.00 7.82N i 7442.30 7.89N i 7468.31 7.94N i 8680.28 7.98N i 8683.40 8.02N i 8686.15 8.06N i 8703.25 7.97N i 8711.70 7.91O i 6155.96 8.15O i 6158.15 8.18Mg ii 4390.51 6.76S ii 5453.86 6.63Ti ii 3900.56 4.53Ti ii 4294.09 4.57Ti ii 4300.06 4.44Ti ii 4395.00 4.46Ti ii 4443.78 4.28Ti ii 4468.52 4.35Ti ii 4501.27 4.47Ti ii 4563.77 4.52Ti ii 4571.96 4.44Fe ii 4122.64 6.80Fe ii 4173.46 6.43Fe ii 4178.86 6.79Fe ii 4233.17 7.00Fe ii 4273.32 6.83Fe ii 4303.17 6.69

Fe ii 4416.83 6.66Fe ii 4489.19 6.78Fe ii 4491.40 6.64Fe ii 4508.28 6.73Fe ii 4515.34 6.72Fe ii 4520.23 6.74Fe ii 4522.63 6.87Fe ii 4541.52 6.87Fe ii 4549.47 6.83Fe ii 4555.89 6.81Fe ii 4576.33 6.83Fe ii 4620.51 6.72Fe ii 4629.34 6.68Fe ii 4635.33 7.19Fe ii 4666.75 6.78Fe ii 4731.44 6.92Fe ii 5276.00 6.54Fe ii 5316.62 6.76Fe ii 5362.87 6.95Fe ii 6147.74 6.89Fe ii 6149.26 6.90AV136He i 4026.18 0.13He i 4471.47 0.13He i 5875.60 0.14C i 9078.29 7.60N i 7423.64 7.96N i 7442.30 7.93N i 7468.31 7.84N i 8567.74 7.94N i 8680.28 8.05N i 8683.40 8.00N i 8686.15 7.96N i 8703.25 7.86N i 8711.70 7.93N i 8718.84 7.85O i 6155.96 8.28O i 6158.15 8.22Mg i 3829.36 6.89Mg i 3838.29 6.86Mg i 5172.68 6.92Mg i 5183.60 6.87145



A LIST OF INVESTIGATED SPECTRAL LINESMg ii 4433.99 6.85Mg ii 6545.97 6.97Mg ii 7877.05 6.90Mg ii 7896.04 6.94Ti ii 3900.56 4.40Ti ii 4290.22 4.39Ti ii 4294.09 4.42Ti ii 4300.06 4.38Ti ii 4314.97 4.38Ti ii 4394.02 4.39Ti ii 4563.77 4.35Ti ii 4911.18 4.31Ti ii 5188.68 4.24Fe ii 4385.39 6.77Fe ii 4416.83 6.75Fe ii 4491.40 6.74Fe ii 4508.28 6.85Fe ii 4520.23 6.94Fe ii 4522.63 6.86Fe ii 4555.89 6.80Fe ii 4580.06 6.74Fe ii 4620.51 6.81Fe ii 4993.35 6.84Fe ii 5325.56 6.82Fe ii 5362.87 6.84Fe ii 5425.25 6.81Fe ii 5534.83 6.87Fe ii 6147.74 6.85Fe ii 6149.26 6.85SK56He i 3867.47 0.12He i 3926.54 0.10He i 3964.73 0.10He i 4009.26 0.09He i 4026.18 0.09He i 4120.81 0.11He i 4143.76 0.12He i 4387.93 0.10He i 4437.55 0.11He i 4471.47 0.11C ii 4267.00 7.25C ii 6578.05 7.32

N i 8680.28 8.11N ii 3995.00 8.08N ii 4447.03 8.14N ii 4630.54 8.03N ii 5679.56 8.10S ii 5032.43 6.33S ii 5320.72 6.37S ii 5432.80 6.36S ii 5453.86 6.36S ii 5606.15 6.44Fe ii 4549.47 6.96AV151He i 3867.47 0.13He i 3926.54 0.13He i 3964.73 0.15He i 4009.26 0.13He i 4168.97 0.12He i 4437.55 0.11He i 4713.14 0.15C ii 4267.00 6.98C ii 6578.05 7.06C ii 6582.88 7.01N ii 3995.00 7.83N ii 4447.03 7.75N ii 4601.48 7.82N ii 4607.15 7.81N ii 4630.54 7.84N ii 5005.15 7.87N ii 5045.10 7.85N ii 5666.63 7.83N ii 5676.02 7.84O i 7771.94 8.25O i 7774.17 8.20O ii 4069.62 8.17O ii 4075.86 8.25O ii 4349.43 8.25O ii 4414.91 8.21O ii 4590.97 8.20Mg ii 4481.33 6.96

S ii 5453.86 6.46S iii 4253.50 6.47AV200He i 3964.73 0.10He i 4009.26 0.13He i 4026.18 0.10He i 4120.81 0.12He i 4143.76 0.13He i 4387.93 0.11He i 4437.55 0.11He i 4471.47 0.12He i 4921.93 0.12C ii 4267.00 7.37C ii 6578.05 7.44N i 8680.28 8.07N ii 4630.54 8.08O i 6155.96 8.17Mg ii 7896.04 6.79S ii 4815.55 6.41S ii 5032.43 6.34S ii 5453.86 6.47Fe ii 4233.17 7.11Fe ii 4522.63 7.16Fe ii 4549.47 7.02Fe ii 5276.00 7.07Fe ii 5316.62 7.13AV205He i 4026.18 0.09He i 4120.81 0.09He i 4143.76 0.08He i 4471.47 0.09He i 4713.14 0.09He i 4921.93 0.11C ii 4267.00 7.78N i 7468.31 7.74N i 8680.28 7.73146



A.2 Lines Employed in Spe
i�
 Stars with Abundan
e InformationN i 8683.40 7.86N i 8686.15 7.77N i 8703.25 7.79N i 8711.70 7.70O i 5329.10 8.25O i 5330.73 8.32O i 6155.96 8.26O i 6158.15 8.27Mg i 3832.30 6.85Mg i 3838.29 6.89Mg i 5172.68 6.94Mg i 5183.60 6.92Mg ii 4390.51 6.91Mg ii 5401.54 6.89S ii 4815.55 6.65S ii 5453.86 6.67Ti ii 3913.48 4.49Ti ii 4290.22 4.52Ti ii 4301.92 4.35Ti ii 4312.87 4.48Ti ii 4314.97 4.44Ti ii 4395.00 4.50Ti ii 4443.78 4.33Ti ii 4450.50 4.39Ti ii 4468.52 4.34Ti ii 4501.27 4.36Ti ii 4563.77 4.57Ti ii 4571.96 4.55Ti ii 4911.18 4.16Fe ii 3938.29 6.87Fe ii 4122.64 6.91Fe ii 4173.46 6.67Fe ii 4273.32 6.85Fe ii 4296.57 7.00Fe ii 4303.17 6.89Fe ii 4385.39 6.79Fe ii 4416.83 6.82Fe ii 4489.19 6.91Fe ii 4491.40 6.87Fe ii 4508.28 6.88Fe ii 4515.34 6.90Fe ii 4520.23 6.90Fe ii 4541.52 6.87

Fe ii 4555.89 7.02Fe ii 4576.33 6.86Fe ii 4582.84 6.72Fe ii 4620.51 6.85Fe ii 4629.34 6.95Fe ii 4666.75 6.83Fe ii 4731.44 7.04Fe ii 4993.35 6.71Fe ii 5276.00 6.82Fe ii 5325.56 6.87Fe ii 5362.87 7.03Fe ii 5425.25 6.96Fe ii 6147.74 6.98Fe ii 6149.26 6.95AV211He i 3926.54 0.10He i 3964.73 0.09He i 4026.18 0.10He i 4471.47 0.09He i 4713.14 0.10He i 4921.93 0.09He i 5875.60 0.09C ii 4267.00 7.58C ii 6578.05 7.55N i 7468.31 7.92N i 8680.28 7.81N i 8683.40 7.96N i 8703.25 7.97N ii 3995.00 7.94O i 6155.96 8.22O i 6158.15 8.25Mg ii 4390.51 6.78S ii 5032.43 6.34S ii 5432.80 6.36S ii 5453.86 6.41Fe ii 4233.17 6.94Fe ii 4303.17 6.84Fe ii 4385.39 6.91Fe ii 4491.40 6.87Fe ii 4508.28 6.88

Fe ii 4515.34 6.87Fe ii 4520.23 6.92Fe ii 4522.63 6.85Fe ii 4549.47 6.80Fe ii 4555.89 6.80Fe ii 4576.33 6.91Fe ii 4629.34 6.79Fe ii 5276.00 6.71Fe ii 5316.62 6.78AV270He i 3819.60 0.10He i 3964.73 0.10He i 4026.18 0.09He i 4120.81 0.09He i 4471.47 0.08He i 4713.14 0.09He i 4921.93 0.10He i 5875.60 0.09N i 8680.28 7.99N i 8703.25 7.97N i 8718.84 8.03O i 6155.96 8.09O i 6158.15 8.18Mg i 5183.60 7.03Mg ii 4390.51 6.81Mg ii 7877.05 6.76S ii 5032.43 6.57Ti ii 4294.09 4.71Ti ii 4300.06 4.66Ti ii 4395.00 4.63Ti ii 4443.78 4.62Ti ii 4563.77 4.71Ti ii 4571.96 4.75Fe ii 4122.64 6.92Fe ii 4173.46 6.27Fe ii 4178.86 6.75Fe ii 4233.17 6.97Fe ii 4296.57 6.73Fe ii 4303.17 6.68Fe ii 4385.39 6.66147



A LIST OF INVESTIGATED SPECTRAL LINESFe ii 4416.83 6.58Fe ii 4489.19 6.84Fe ii 4491.40 6.71Fe ii 4508.28 6.75Fe ii 4515.34 6.70Fe ii 4520.23 6.74Fe ii 4522.63 6.83Fe ii 4541.52 6.81Fe ii 4549.47 6.77Fe ii 4555.89 6.69Fe ii 4629.34 6.65Fe ii 4731.44 6.89Fe ii 5362.87 6.85Fe ii 5534.83 6.89Fe ii 6147.74 6.94Fe ii 6149.26 6.92AV273He i 4026.18 0.09He i 4471.47 0.09He i 5875.60 0.09C i 9078.29 7.42C i 9088.51 7.40N i 7423.64 7.76N i 7442.30 7.79N i 7468.31 7.74N i 8680.28 7.82N i 8683.40 7.72N i 8686.15 7.78N i 8703.25 7.78N i 8711.70 7.73N i 8718.84 7.75O i 5330.73 8.16O i 6155.96 8.14O i 6158.15 8.14Mg i 3829.36 6.75Mg i 3832.30 6.81Mg i 3838.29 6.76Mg i 4702.99 6.87Mg i 5172.68 6.77Mg i 5183.60 6.78Mg i 5528.41 6.81

Mg ii 4390.51 6.78Mg ii 4433.99 6.82Mg ii 7877.05 6.75Mg ii 7896.04 6.78Ti ii 4028.36 4.21Ti ii 4163.63 4.23Ti ii 4287.88 4.29Ti ii 4294.09 4.18Ti ii 4301.92 4.10Ti ii 4312.87 4.09Ti ii 4314.97 4.07Ti ii 4330.24 4.06Ti ii 4394.02 3.91Ti ii 4395.00 4.25Ti ii 4399.79 4.16Ti ii 4417.72 4.18Ti ii 4450.50 3.93Ti ii 4468.52 3.94Ti ii 4501.27 3.90Ti ii 4563.77 4.16Ti ii 4571.96 4.23Ti ii 4779.98 4.16Ti ii 4805.09 4.25Ti ii 4911.18 3.89Ti ii 5188.68 4.09Ti ii 5336.78 4.05Fe ii 3938.29 6.82Fe ii 3945.21 6.73Fe ii 4122.64 6.88Fe ii 4124.79 6.85Fe ii 4173.46 6.60Fe ii 4178.86 7.06Fe ii 4273.32 6.79Fe ii 4296.57 6.83Fe ii 4303.17 6.69Fe ii 4385.39 6.68Fe ii 4416.83 6.63Fe ii 4489.19 6.86Fe ii 4491.40 6.70Fe ii 4508.28 6.93Fe ii 4515.34 6.85Fe ii 4520.23 6.84Fe ii 4522.63 7.03Fe ii 4541.52 6.81

Fe ii 4555.89 6.89Fe ii 4576.33 6.77Fe ii 4580.06 6.65Fe ii 4582.84 6.64Fe ii 4620.51 6.78Fe ii 4629.34 6.79Fe ii 4635.33 6.91Fe ii 4666.75 6.73Fe ii 4731.44 7.00Fe ii 4993.35 6.82Fe ii 5316.62 6.75Fe ii 5325.56 6.74Fe ii 5362.87 6.90Fe ii 5425.25 6.86Fe ii 5534.83 6.82Fe ii 6147.74 6.77Fe ii 6149.26 6.82AV297He i 3867.47 0.09He i 3964.73 0.09He i 4009.26 0.09He i 4026.18 0.10He i 4120.81 0.10He i 4168.97 0.10He i 4387.93 0.11He i 4437.55 0.11He i 4471.47 0.08He i 4713.14 0.09He i 4921.93 0.10C ii 3920.69 7.54C ii 4267.00 7.49N i 8683.40 7.98N ii 3995.00 7.98O i 6155.96 8.17O i 6158.15 8.21Mg ii 7896.04 6.63S ii 4294.40 6.54S ii 4815.55 6.48S ii 5014.04 6.57S ii 5320.72 6.46S ii 5432.80 6.34148



A.2 Lines Employed in Spe
i�
 Stars with Abundan
e InformationS ii 5453.86 6.37S ii 5509.71 6.52S ii 5606.15 6.37S ii 5660.60 6.55Fe ii 4173.46 6.74Fe ii 4233.17 7.04Fe ii 4303.17 6.92Fe ii 4416.83 7.03Fe ii 4508.28 6.97Fe ii 4520.23 6.94Fe ii 4522.63 7.08Fe ii 4549.47 6.88Fe ii 4555.89 7.01Fe ii 4629.34 6.85Fe ii 5276.00 6.78Fe ii 5316.62 6.97AV298He i 3964.73 0.09He i 4009.26 0.09He i 4026.18 0.08He i 4120.81 0.10He i 4143.76 0.09He i 4387.93 0.11He i 4471.47 0.09He i 4921.93 0.09C i 9078.29 7.20N i 7442.30 7.82N i 7468.31 7.74N i 8594.00 7.77N i 8680.28 7.65N i 8683.40 7.73N i 8703.25 7.73N i 8711.70 7.69N i 8718.84 7.67N i 8728.90 7.68O i 6155.96 8.13O i 6156.74 8.10O i 6158.15 8.11Mg i 3832.30 6.62Mg i 3838.29 6.61Mg i 5172.68 6.64

Mg i 5183.60 6.66Mg ii 4390.51 6.71Mg ii 4433.99 6.63Mg ii 7877.05 6.49Mg ii 7896.04 6.65S ii 5453.86 6.49Ti ii 3900.56 3.94Ti ii 3913.48 4.12Ti ii 4163.63 4.22Ti ii 4171.92 4.39Ti ii 4290.22 4.17Ti ii 4294.09 4.15Ti ii 4300.06 4.22Ti ii 4301.92 3.95Ti ii 4312.87 4.03Ti ii 4314.97 4.03Ti ii 4395.00 4.07Ti ii 4399.79 4.08Ti ii 4417.72 4.02Ti ii 4443.78 3.93Ti ii 4468.52 3.92Ti ii 4501.27 3.93Ti ii 4563.77 4.14Ti ii 4571.96 4.21Ti ii 4805.09 4.20Ti ii 4911.18 3.91Ti ii 5188.68 4.22Fe ii 3938.29 6.57Fe ii 3945.21 6.79Fe ii 4122.64 6.70Fe ii 4173.46 6.34Fe ii 4178.86 6.66Fe ii 4233.17 6.58Fe ii 4273.32 6.59Fe ii 4296.57 6.73Fe ii 4303.17 6.46Fe ii 4385.39 6.45Fe ii 4416.83 6.53Fe ii 4489.19 6.58Fe ii 4491.40 6.59Fe ii 4508.28 6.48Fe ii 4515.34 6.45Fe ii 4520.23 6.57Fe ii 4522.63 6.83

Fe ii 4541.52 6.68Fe ii 4555.89 6.54Fe ii 4576.33 6.69Fe ii 4580.06 6.61Fe ii 4582.84 6.56Fe ii 4620.51 6.62Fe ii 4629.34 6.48Fe ii 4635.33 7.07Fe ii 4666.75 6.72Fe ii 4731.44 6.83Fe ii 4993.35 6.66Fe ii 5316.62 6.50Fe ii 5325.56 6.73Fe ii 5362.87 6.85Fe ii 5425.25 6.73Fe ii 5534.83 6.82Fe ii 6147.74 6.64Fe ii 6149.26 6.67AV315He i 3964.73 0.13He i 4026.18 0.11He i 4120.81 0.14He i 4387.93 0.12He i 4471.47 0.09He i 4713.14 0.09He i 4921.93 0.12He i 5875.60 0.11N i 7442.30 8.11N i 7468.31 8.09N i 8680.28 8.08N i 8683.40 8.11N i 8703.25 8.13N i 8718.84 8.04O i 6155.96 8.31Mg ii 4390.51 6.83S ii 5032.43 6.51S ii 5453.86 6.39Ti ii 3913.48 4.84Ti ii 4468.52 4.53Ti ii 4571.96 4.73Fe ii 4173.46 6.51149



A LIST OF INVESTIGATED SPECTRAL LINESFe ii 4178.86 6.93Fe ii 4233.17 7.06Fe ii 4273.32 6.92Fe ii 4296.57 6.91Fe ii 4303.17 6.80Fe ii 4385.39 6.81Fe ii 4416.83 6.81Fe ii 4489.19 6.98Fe ii 4491.40 6.84Fe ii 4508.28 6.92Fe ii 4515.34 6.87Fe ii 4520.23 6.90Fe ii 4522.63 6.96Fe ii 4549.47 6.87Fe ii 4555.89 6.90Fe ii 4582.84 6.86Fe ii 4629.34 6.86Fe ii 4666.75 6.88Fe ii 4731.44 6.93Fe ii 5276.00 6.61Fe ii 5316.62 6.80Fe ii 5534.83 6.95Fe ii 6147.74 7.17Fe ii 6149.26 7.18AV338He i 4026.18 0.07He i 4120.81 0.10He i 4387.93 0.08He i 4471.47 0.06He i 4713.14 0.09He i 4921.93 0.07He i 5875.60 0.06N i 7468.31 7.87N i 8680.28 7.92O i 6155.96 8.16Mg ii 4390.51 6.95Mg ii 7896.04 6.91Ti ii 4395.00 4.53Ti ii 4443.78 4.47Ti ii 4468.52 4.56Ti ii 4501.27 4.57Ti ii 4571.96 4.64

Fe ii 4173.46 6.52Fe ii 4233.17 7.13Fe ii 4296.57 7.15Fe ii 4303.17 6.91Fe ii 4385.39 6.81Fe ii 4416.83 6.78Fe ii 4491.40 6.93Fe ii 4508.28 6.68Fe ii 4515.34 6.85Fe ii 4520.23 7.08Fe ii 4522.63 7.07Fe ii 4541.52 6.97Fe ii 4549.47 7.03Fe ii 4555.89 6.89Fe ii 4576.33 6.96Fe ii 4620.51 6.98Fe ii 4629.34 6.81Fe ii 5276.00 6.56Fe ii 5316.62 7.02Fe ii 5534.83 7.11AV347He i 3964.73 0.09He i 4009.26 0.10He i 4026.18 0.09He i 4471.47 0.07He i 4713.14 0.09He i 5875.60 0.08N i 7468.31 8.11N i 8680.28 8.06N i 8683.40 8.09N i 8686.15 8.11N i 8711.70 8.09N i 8718.84 8.18N ii 3995.00 8.15O i 6155.96 8.26O i 6158.15 8.15Mg ii 4384.64 6.93Mg ii 4390.51 6.84S ii 4815.55 6.57S ii 5453.86 6.50

Fe ii 4173.46 6.64Fe ii 4178.86 6.95Fe ii 4233.17 6.95Fe ii 4303.17 6.88Fe ii 4385.39 6.84Fe ii 4416.83 6.87Fe ii 4491.40 6.96Fe ii 4508.28 6.90Fe ii 4515.34 6.90Fe ii 4520.23 6.98Fe ii 4522.63 6.95Fe ii 4549.47 6.80Fe ii 4555.89 6.95Fe ii 4576.33 7.05Fe ii 4629.34 6.89Fe ii 5276.00 6.78Fe ii 5316.62 6.91Fe ii 6147.74 7.11Fe ii 6149.26 7.09AV362He i 3867.47 0.14He i 3926.54 0.15He i 3964.73 0.16He i 4009.26 0.15He i 4120.81 0.13He i 4143.76 0.17He i 4168.97 0.14He i 4437.55 0.15C ii 6578.05 7.17C ii 6582.88 7.25N i 8680.28 8.08N i 8683.40 8.16N ii 3995.00 8.10N ii 4447.03 8.15N ii 4601.48 8.12N ii 4607.15 8.11N ii 4630.54 8.12N ii 4643.09 8.07N ii 5005.15 8.13N ii 5045.10 8.12O i 7771.94 7.94150



A.2 Lines Employed in Spe
i�
 Stars with Abundan
e InformationO i 7774.17 7.90O ii 4649.13 7.92Mg ii 4481.33 6.64S ii 5432.80 6.12S ii 5453.86 6.15AV367He i 4471.47 0.08He i 4713.14 0.09He i 4921.93 0.10He i 5875.60 0.09C ii 4267.00 7.48C ii 6578.05 7.39N i 8680.28 7.93N i 8683.40 7.96N ii 3995.00 7.97O i 6155.96 8.26O i 6158.15 8.23S ii 5014.04 6.66S ii 5320.72 6.60S ii 5345.71 6.47S ii 5606.15 6.51Fe ii 4173.46 6.51Fe ii 4233.17 6.89Fe ii 4385.39 6.88Fe ii 4508.28 6.90Fe ii 4515.34 6.93Fe ii 4520.23 6.97Fe ii 4522.63 6.89Fe ii 4549.47 6.79Fe ii 4629.34 6.82Fe ii 5276.00 6.69AV382He i 3964.73 0.10He i 4026.18 0.08He i 4120.81 0.11He i 4143.76 0.12He i 4471.47 0.08

He i 4713.14 0.11He i 4921.93 0.10C ii 4267.00 7.44N i 7442.30 7.91N i 7468.31 7.92N i 8680.28 7.89N i 8683.40 7.85O i 6155.96 8.34O i 6158.15 8.27Mg ii 4433.99 6.89S ii 4815.55 6.41S ii 5432.80 6.47Ti ii 4300.06 4.85Ti ii 4395.00 4.63Ti ii 4443.78 4.77Ti ii 4468.52 4.49Ti ii 4571.96 4.78Fe ii 4122.64 7.09Fe ii 4173.46 6.57Fe ii 4178.86 6.96Fe ii 4233.17 7.23Fe ii 4273.32 7.06Fe ii 4296.57 7.01Fe ii 4303.17 6.95Fe ii 4385.39 6.88Fe ii 4416.83 6.86Fe ii 4489.19 6.94Fe ii 4491.40 6.83Fe ii 4508.28 6.97Fe ii 4515.34 6.98Fe ii 4520.23 6.98Fe ii 4522.63 7.03Fe ii 4541.52 7.06Fe ii 4549.47 7.04Fe ii 4555.89 6.94Fe ii 4576.33 6.97Fe ii 4629.34 6.88Fe ii 4731.44 7.07Fe ii 5276.00 6.77Fe ii 5316.62 6.95Fe ii 5362.87 7.05Fe ii 5534.83 6.94

Fe ii 6147.74 7.07Fe ii 6149.26 7.06AV392He i 4026.18 0.08He i 5875.60 0.10C i 9088.51 7.57N i 7468.31 7.35N i 8680.28 7.32N i 8683.40 7.39O i 6155.96 8.15O i 6158.15 8.17Mg i 3829.36 6.90Mg i 5172.68 6.93Mg i 5183.60 6.97Mg ii 4390.51 6.94Mg ii 7877.05 6.92Ti ii 3913.48 4.67Ti ii 4163.63 4.69Ti ii 4171.92 4.72Ti ii 4287.88 4.70Ti ii 4294.09 4.75Ti ii 4301.92 4.44Ti ii 4312.87 4.48Ti ii 4395.00 4.54Ti ii 4443.78 4.37Ti ii 4468.52 4.41Ti ii 4501.27 4.44Ti ii 5188.68 4.63Fe ii 3938.29 6.87Fe ii 4122.64 6.97Fe ii 4173.46 6.84Fe ii 4178.86 7.18Fe ii 4233.17 7.17Fe ii 4296.57 7.03Fe ii 4303.17 6.80Fe ii 4385.39 6.82Fe ii 4491.40 6.95Fe ii 4508.28 6.78Fe ii 4515.34 6.78Fe ii 4520.23 6.84151



A LIST OF INVESTIGATED SPECTRAL LINESFe ii 4522.63 7.16Fe ii 4541.52 6.83Fe ii 4576.33 6.85Fe ii 4620.51 6.81Fe ii 4629.34 6.84Fe ii 4666.75 6.89Fe ii 4731.44 7.04Fe ii 5316.62 6.82Fe ii 5362.87 7.10Fe ii 5534.83 7.18Fe ii 6147.74 6.78Fe ii 6149.26 6.84AV399He i 3964.73 0.10He i 4026.18 0.10He i 4143.76 0.08He i 4387.93 0.10He i 4471.47 0.09He i 4713.14 0.10He i 4921.93 0.07He i 5875.60 0.08C i 9088.51 7.75C ii 4267.00 7.76N i 7468.31 7.82N i 8680.28 7.81N i 8683.40 7.83N i 8711.70 7.83N i 8718.84 7.84O i 5330.73 8.14O i 6155.96 8.16O i 6156.74 8.11O i 6158.15 8.12Mg i 5172.68 6.78Mg i 5183.60 6.81Mg ii 4390.51 6.69Mg ii 4433.99 6.72S ii 5032.43 6.47S ii 5453.86 6.51Ti ii 3900.56 4.31Ti ii 3913.48 4.06

Ti ii 4294.09 4.41Ti ii 4300.06 4.43Ti ii 4314.97 4.52Ti ii 4395.00 4.30Ti ii 4443.78 4.08Ti ii 4468.52 4.21Ti ii 4501.27 4.12Ti ii 4571.96 4.27Fe ii 3938.29 6.84Fe ii 4122.64 6.81Fe ii 4173.46 6.71Fe ii 4178.86 7.03Fe ii 4233.17 7.05Fe ii 4273.32 6.90Fe ii 4296.57 6.77Fe ii 4303.17 6.88Fe ii 4385.39 6.87Fe ii 4416.83 6.77Fe ii 4489.19 6.82Fe ii 4491.40 6.79Fe ii 4508.28 6.87Fe ii 4515.34 6.82Fe ii 4520.23 6.88Fe ii 4541.52 6.86Fe ii 4549.47 7.01Fe ii 4555.89 6.89Fe ii 4576.33 6.87Fe ii 4580.06 6.94Fe ii 4582.84 6.78Fe ii 4620.51 6.81Fe ii 4629.34 6.75Fe ii 4666.75 6.82Fe ii 4731.44 6.93Fe ii 5276.00 6.75Fe ii 5316.62 6.91Fe ii 5325.56 6.88Fe ii 5362.87 7.02Fe ii 5425.25 6.91Fe ii 5534.83 7.00Fe ii 6147.74 6.81Fe ii 6149.26 6.78AV443He i 3867.47 0.13

He i 3926.54 0.12He i 4120.81 0.13He i 4168.97 0.11He i 4387.93 0.11He i 4437.55 0.12C ii 4267.00 6.91C ii 6578.05 6.96N ii 3995.00 7.91N ii 4447.03 7.86N ii 4601.48 7.96N ii 4607.15 7.94N ii 4630.54 7.95N ii 4643.09 7.88N ii 5005.15 7.99N ii 5045.10 7.91N ii 5686.21 7.98N ii 5710.77 8.01O i 7771.94 8.21O i 7774.17 8.16O ii 4069.62 8.13O ii 4072.16 8.19O ii 4075.86 8.16O ii 4351.26 8.23O ii 4366.89 8.21O ii 4414.91 8.21O ii 4416.97 8.19O ii 4590.97 8.19Mg ii 4481.33 6.89S ii 5453.86 6.46AV463He i 4471.47 0.09He i 5875.60 0.09C i 9078.29 7.53N i 7468.31 7.23N i 8680.28 7.29N i 8686.15 7.27O i 6155.96 8.13O i 6158.15 8.22O i 7001.90 8.19152



A.2 Lines Employed in Spe
i�
 Stars with Abundan
e InformationMg i 3829.36 6.70Mg i 3832.30 6.72Mg i 3838.29 6.79Mg i 5172.68 6.76Mg i 5183.60 6.76Mg ii 4390.51 6.71Mg ii 4433.99 6.83Mg ii 7896.04 6.73Ti ii 4028.36 4.53Ti ii 4163.63 4.55Ti ii 4171.92 4.56Ti ii 4290.22 4.35Ti ii 4301.92 4.31Ti ii 4312.87 4.33Ti ii 4330.24 4.34Ti ii 4394.02 4.24Ti ii 4443.78 4.31Ti ii 4450.50 4.29Ti ii 4468.52 4.37Ti ii 4501.27 4.37Ti ii 4911.18 4.05Ti ii 5188.68 4.35Ti ii 5336.78 4.36Fe ii 3938.29 6.84Fe ii 3945.21 6.85Fe ii 4122.64 6.92Fe ii 4173.46 6.91Fe ii 4273.32 6.83Fe ii 4296.57 6.95Fe ii 4303.17 6.67Fe ii 4385.39 6.65Fe ii 4416.83 6.61Fe ii 4489.19 6.87Fe ii 4491.40 6.66Fe ii 4508.28 6.72Fe ii 4515.34 6.81Fe ii 4520.23 6.83Fe ii 4522.63 6.94Fe ii 4541.52 6.82Fe ii 4555.89 6.86Fe ii 4576.33 6.78Fe ii 4582.84 6.63Fe ii 4620.51 6.72Fe ii 4629.34 6.70

Fe ii 4635.33 6.89Fe ii 4666.75 6.74Fe ii 4731.44 6.99Fe ii 4993.35 6.78Fe ii 5276.00 6.34Fe ii 5316.62 6.68Fe ii 5325.56 6.81Fe ii 5362.87 6.85Fe ii 5425.25 6.85Fe ii 5534.83 6.86Fe ii 6147.74 6.74Fe ii 6149.26 6.71AV504He i 3964.73 0.08He i 4026.18 0.11He i 4120.81 0.10He i 4143.76 0.12He i 4387.93 0.10He i 4437.55 0.10He i 4471.47 0.09He i 4713.14 0.09He i 4921.93 0.10C ii 4267.00 7.41N i 7468.31 7.97N i 8680.28 7.88N i 8683.40 7.93N ii 3995.00 7.91O i 6155.96 8.21O i 6158.15 8.18Mg ii 4390.51 6.86S ii 4153.07 6.61S ii 4162.67 6.65S ii 4294.40 6.57S ii 4815.55 6.43S ii 5009.57 6.67S ii 5014.04 6.64S ii 5032.43 6.25S ii 5432.80 6.51S ii 5453.86 6.45S ii 5606.15 6.52

Fe ii 4173.46 6.67Fe ii 4233.17 7.08Fe ii 4303.17 6.92Fe ii 4385.39 6.90Fe ii 4416.83 6.92Fe ii 4491.40 7.05Fe ii 4508.28 7.01Fe ii 4515.34 7.02Fe ii 4520.23 7.04Fe ii 4522.63 7.04Fe ii 4541.52 7.08Fe ii 4549.47 6.87Fe ii 4555.89 6.96Fe ii 4576.33 7.09Fe ii 4629.34 6.90Fe ii 5276.00 6.83Fe ii 5316.62 6.96SK194He i 3926.54 0.11He i 3964.73 0.10He i 4009.26 0.10He i 4026.18 0.09He i 4143.76 0.09He i 4387.93 0.09He i 4437.55 0.09He i 4471.47 0.11He i 4713.14 0.09He i 4921.93 0.12C ii 6578.05 7.63N i 8680.28 8.09N ii 3995.00 8.09O i 6155.96 8.19Mg ii 7896.04 6.88S ii 5432.80 6.48S ii 5453.86 6.42S ii 5606.15 6.51Fe ii 4173.46 7.08Fe ii 4178.86 7.31Fe ii 4233.17 7.30Fe ii 4303.17 7.18153



A LIST OF INVESTIGATED SPECTRAL LINESFe ii 4385.39 7.22Fe ii 4508.28 7.26Fe ii 4515.34 7.31Fe ii 4520.23 7.30Fe ii 4522.63 7.21Fe ii 4549.47 7.18Fe ii 4555.89 7.20Fe ii 4629.34 7.24Fe ii 5276.00 7.13Fe ii 5316.62 7.24SK196He i 3867.47 0.10He i 4437.55 0.11He i 4713.14 0.10C ii 4267.00 7.07C ii 6578.05 7.15C ii 6582.88 7.14N i 8680.28 8.01N ii 3995.00 7.92N ii 4447.03 7.99N ii 5005.15 8.07O i 6155.96 8.15S ii 4162.67 6.43S ii 5320.72 6.23

S ii 5432.80 6.17S ii 5453.86 6.22S ii 5473.61 6.53S ii 5606.15 6.37Fe ii 4233.17 7.25Fe ii 4508.28 7.33Fe ii 4515.34 7.36Fe ii 4549.47 7.06Fe ii 4629.34 7.18Fe ii 5276.00 7.05Fe ii 5316.62 7.18SK202He i 3819.60 0.10He i 3867.47 0.09He i 3926.54 0.08He i 3964.73 0.10He i 4009.26 0.09He i 4168.97 0.10He i 4437.55 0.09He i 4713.14 0.10C ii 3920.69 6.85C ii 4267.00 6.77C ii 6578.05 6.68C ii 6582.88 6.82N ii 3995.00 7.62

N ii 4447.03 7.56N ii 4607.15 7.57N ii 4630.54 7.49N ii 4643.09 7.53N ii 5005.15 7.61N ii 5045.10 7.59N ii 5666.63 7.55N ii 5679.56 7.58O i 7771.94 8.03O i 7774.17 7.97O ii 4069.62 7.96O ii 4072.16 8.08O ii 4075.86 8.02O ii 4351.26 8.02O ii 4414.91 7.97O ii 4641.81 8.03Mg ii 4481.33 6.77Mg ii 7896.04 6.79S ii 4815.55 6.32S ii 5032.43 6.31S ii 5320.72 6.27S ii 5432.80 6.22S ii 5453.86 6.21S ii 5473.61 6.36S ii 5606.15 6.42
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